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ABSTRACTあまりこだわりすぎてもよくないが、拠り所としてノートをつくっておく。また、色々論文読んだ際の重要箇所などはもう研究ノートではなくここにまとめていくことにしよう。
1 CLASSICAL PICTURE

Rees (1988); Phinney (1989)の描像を整理しておく。最も簡単な場合を扱うので必要になれば今後 updateしていけばよい。D2の APゼミのノートを参考にしており、これはLodato & Rossi
(2011)に依るところが大きい。
[潮汐破壊] 質量M⋆、半径 R⋆ の恒星が放物線軌道で質量M•の SMBHに近づく場合を考える。この恒星が潮汐破壊されるためには、SMBHが及ぼす潮汐力が恒星の自己重力に打ち勝つ必要がある:
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>
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≃ 6.96× 1012 cmR⋆,0M
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⋆,0 M1/3

•,6 ,

(2)

が条件となる。ここで RT で潮汐半径を定義した。一方で恒星が BHに吸い込まれないために RT > Rs が課されることから、
BH質量に上限
M• < 1.12× 108 M⊙ R3/2

⋆,0 M
−1/2
⋆,0 , (3)

がつく。ここでは Schwarzschild 半径と比較したが、ISCO などと比較しても同程度の条件が得られる。以下では簡単のため、放物線の pericenterが潮汐半径と一致する場合を論ずる。
[デブリの振る舞い] 潮汐破壊後のデブリの振る舞いを考える。デブリの運動は個々の粒子として ballistic に扱える (なぜ？おそらく重力が圧力勾配よりも大きいんだが、確認していない)。破壊前のデブリはエネルギーが 0としてよいが、破壊後のエネルギーは恒星の SMBHに近い部分と遠い部分の重力エネルギーほどの違いがあるので幅として1
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の広がりを持つ。さらに、仮定としてデブリのエネルギー分布は一定とすると
dM
dε

≃ M⋆/2
∆ε

(5)

と近似できる。破壊後のデブリは各エネルギーに対応したKepler運動を行い、かつ RT に戻ってくる時間は Kepler time t =

1 破壊前は ε = v2/2 − GM•/RT = 0 から破壊後は ∆ε = v2/2 −
GM•/(RT ±R⋆) のエネルギー幅を持って分布すると考えている。
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where the Eddington luminosity and accretion rate are de-
fined by
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4πGM•mpc
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respectively. The fallback rate becomes the Eddington one at
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星の構造によってエネルギー分布と fallback rateがどう変わるのか気になる。
[降着円盤] このデブリが再び RT にたどりついたときに降着円盤を形成すると仮定する。デブリの角運動量が保存すると仮定すると円盤の半径は 2RT である。円盤からの放射は標準円盤的だと仮定すると
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となる。この温度は fallback rate をそのまま用いているため、観測される光度が L ∼ LEddと矛盾するが、温度の降着率依存性は弱いので結果はあまり変わらない。超臨界降着の場合は photn
trapping効果が重要になるが、この場合の円盤はスリム円盤と呼ばれ (Abramowicz et al. 1988)、例えばStrubbe & Quataert
(2009)などで簡単なモデル化が試みられている。温度は大きな変化はないが、光度はおおよそ Eddington光度から変化しない。しかし、円盤をこの半径につくるために開放すべきエネルギーは
GM•M⋆

2RT
≃ 1.92× 1052 ergR−1

⋆,0M
4/3
⋆,0 M2/3

•,6 , (16)

と莫大であることがわかる。可視光で放射されているエネルギー
© 2018 The Authors
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͋·Γͩ͜ΘΓ͗ͯ͢΋Α͘ͳ͍͕ɺڌΓॴͱͯ͠ϊʔτΛ͓ͭͬͯ͘͘ɻ

1 CLASSICAL PICTURE
Rees (1988); Phinney (1989)ͷඳ૾Λ੔ཧ͓ͯ͘͠ɻ࠷΋؆୯ͳ
৔߹Λѻ͏ͷͰඞཁʹͳΕ͹ޙࠓ update͍͚ͯ͠͹Α͍ɻD2
ͷ AP θϛͷϊʔτΛߟࢀʹ͓ͯ͠Γɺ͜Ε͸Lodato & Rossi
(2011)ʹґΔͱ͜Ζ͕େ͖͍ɻ

࣭ྔM∗ɺ൒ܘ R∗ͷ߃੕͕์෺ઢيಓͰ࣭ྔMBHͷSMBH
ʹۙͮ͘৔߹Λ͑ߟΔɻ͜ͷ߃੕͕ைࣚഁյ͞ΕΔͨΊʹ͸ɺ
SMBH͕ٴ΅͢ைࣚྗ͕߃੕ͷࣗݾॏྗʹଧͪউͭඞཁ͕͋Δ:

GMBHR∗
R3 >

GM∗
R2∗
, (1)

ΑΓɺ

R < RT ≡ R∗

(
MBH
M∗

)1/3
≃ 6.96 × 1012 cm R∗,0M−1/3

∗,0 M1/3
BH,6, (2)

͕৚݅ͱͳΔɻ͜͜Ͱ RT Ͱைࣚ൒ܘΛఆٛͨ͠ɻҰํͰ߃੕
͕ BHʹࠐ͍ٵ·Εͳ͍ͨΊʹ RT > Rs ͕՝͞ΕΔ͜ͱ͔Βɺ
BH࣭ྔʹ্ݶ

MBH < 1.12 × 108 M⊙ R3/2
∗,0 M−1/2

∗,0 , (3)

͕ͭ͘ɻ͜͜Ͱ͸ Schwarzschild൒ܘͱൺֱ͕ͨ͠ɺISCOͳͲ
ͱൺֱͯ͠΋ಉఔ౓ͷ৚͕݅ಘΒΕΔɻҎԼͰ͸؆୯ͷͨΊɺ
์෺ઢͷ pericenter͕ைࣚ൒ܘͱҰக͢Δ৔߹Λ࿦ͣΔɻ

ைࣚഁյޙͷσϒϦͷৼΔ෣͍Λ͑ߟΔɻσϒϦͷӡಈ͸
ͱͯ͠ࢠʑͷཻݸ ballistic ʹѻ͑Δ (ͳͥʁ͓ͦΒ͘ॏྗ͕ѹ
ྗޯ഑ΑΓ΋େ͖͍Μ͕ͩɺ֬ೝ͍ͯ͠ͳ͍)ɻഁյલͷσϒ
Ϧ͸ΤωϧΪʔ͕ 0ͱͯ͠Α͍͕ɺഁյޙͷΤωϧΪʔ͸߃੕
ͷ SMBHʹ͍ۙ෦෼ͱԕ͍෦෼ͷॏྗΤωϧΪʔ΄Ͳͷҧ͍
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͸Ұఆͱ͢Δͱ

dM
dε
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ͱۙࣅͰ͖ΔɻഁյޙͷσϒϦ͸֤ΤωϧΪʔʹରԠͨ͠ Ke-
pler ӡಈΛ͍ߦɺ͔ͭ RT ʹ໭ͬͯ͘Δ࣌ؒ͸ Kepler time

1 ഁյલ͸ ε = v2/2 − GMBH/RT = 0 ͔Βഁյޙ͸ ∆ε = v2/2 −
GMBH/(RT ± R∗) ͷΤωϧΪʔ෯Λ࣋ͬͯ෼෍͢Δͱ͍ͯ͑ߟΔɻ

t = 2πGMBH/(−2ε)3/2 Ͱ༩͑ΒΕΔͷͰ fallback rate͸

'Mfb =
dM
dε

dε
dt
= 'Mpeak

(
t

tfb

)−5/3
, (6)

tfb =
2πGMBH
(2|∆ε |)3/2

≃ 40.9 day R3/2
∗,0 M−1

∗,0 M1/2
BH,6 , (7)

'Mpeak =
M∗
3tfb

≃ 1.89 × 1026 g s−1 R−3/2
∗,0 M2

∗,0M−1/2
BH,6 (8)

≃ 1.34 × 102 'MEdd η−1R−3/2
∗,0 M2

∗,0M−3/2
BH,6 , (9)

where the Eddington luminosity and accretion rate are defined by

LEdd =
4πGMBHmpc

σT
≃ 1.26 × 1038 erg s−1MBH0 , (10)

'MEdd =
LEdd
ηc2 ≃ 1.40 × 1018 g s−1 η−1

−1 MBH0 , (11)

respectively. The fallback rate becomes the Eddington one at

tEdd ≃ 18.9 tfb η
3/5
−1 R−9/10

∗,0 M6/5
∗,0 M−9/10

BH,6 , (12)

≃ 2.11 yr η3/5−1 R3/5
∗,0 M1/5

∗,0 M−2/5
BH,6 , (13)

UP TO HERE
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APPENDIX A: COSMOLOGY
Α͘Θ͔ΒΜ͚Ͳ͜͜ʹ·ͱΊ͓ͯ͘ɻ

A1 Distance
The luminosity distance is given by

dL(z) =
c(1 + z)

H0

∫ z

0

dz′√
Ωrad(1 + z′)4 +Ωm(1 + z′)3 +ΩΛ

, (A1)

where H0 ≃ 70 km s−1 Mpc−1 is the Hubble constant and we have to
be careful about the unit. In actual numerical simulation, we have to
give a initial condition (the lower part of the integral, which should
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(2011)に依るところが大きい。

1.1 Tidal Disruption & Fallback Debris

[潮汐破壊] 質量M⋆、半径 R⋆ の恒星が放物線軌道で質量M• の
SMBHに近づく場合を考える。この恒星が潮汐破壊されるためには、SMBHが及ぼす潮汐力が恒星の自己重力に打ち勝つ必要がある:
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R3
>
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R2
⋆

. (1)

これより、星と SMBHの距離が
RT ≡ R⋆

(
M•

M⋆

)1/3

≃ 6.96× 1012 cmR⋆,0M
−1/3
⋆,0 M1/3

•,6 (2)

≃ 23.6RS R⋆,0M
−1/3
⋆,0 M−2/3

•,6 ,

より縮まると潮汐力によって破壊されることがわかる。これはいわゆる cold近似と呼ばれるやつで、penetration parameterなどが入ってくるとややこしくなる (Steinberg et al. 2019)。また最近では core-envelope 構造がある場合の議論が partial TDEの文脈で注目される。ここで Schwartzschild半径を
RS =

2GM•

c2
≃ 2.95× 1011 cmM•,6 , (3)

である。一方で恒星がBHに吸い込まれないためには条件 RT >
RS が課されることから、潮汐破壊を起こすことができる BHの最大質量は
M•,H =

(
c6R3

⋆

8G3M⋆

)1/2

≃ 1.14× 108 M⊙ R3/2
⋆,0 M

−1/2
⋆,0 , (4)

となる。これはHills massと呼ばれる。Kerr BHなどの場合にどうなるか検討してみても面白い (Kesden 2012; Singh & Kesden
2024)。以下では簡単のため、放物線の pericenterが潮汐半径と一致する場合を論ずる。
[デブリの振る舞い] 潮汐破壊後のデブリの振る舞いを考える。デブリの運動は個々の粒子として ballistic に扱える (なぜ？おそらく重力が圧力勾配よりも大きいんだが、確認していない)。破壊前のデブリはエネルギーが 0としてよいが、破壊後のエネルギーは恒星の SMBHに近い部分と遠い部分の重力エネルギー

ほどの違いがあるので幅として1

∆ε =
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RT

)
−
(
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RT ±R⋆

)
≃ ±GM•

R2
T

R⋆ , (5)

の広がりを持つ。さらに、仮定としてデブリのエネルギー分布は一定とすると
dM
dε

≃ M⋆/2
∆ε

(6)

と近似できる。破壊後のデブリは各エネルギーに対応したKepler運動を行い、かつ RT に戻ってくる時間は Kepler time t =
2πGM•/(−2ε)3/2 で与えられるので fallback rateは
Ṁfb =

dM
dε

dε
dt

= Ṁpeak

(
t
tfb

)−5/3

, (7)

tfb =
2πGM•

(2|∆ε|)3/2 ≃ 40.9 dayR3/2
⋆,0 M

−1
⋆,0M

1/2
•,6 , (8)

Ṁpeak =
M⋆

3tfb
≃ 1.89× 1026 g s−1 R−3/2

⋆,0 M2
⋆,0M

−1/2
•,6 (9)

≃ 1.34× 102 ṀEdd η−1R
−3/2
⋆,0 M2

⋆,0M
−3/2
•,6 , (10)

where the Eddington luminosity and accretion rate are de-
fined by

LEdd =
4πGM•mpc

σT
≃ 1.26× 1038 erg s−1M•,0 , (11)

ṀEdd =
LEdd

ηc2
≃ 1.40× 1018 g s−1 η−1

−1M•,0 , (12)

respectively. The fallback rate becomes the Eddington one at

tEdd ≃ 18.9 tfb η
3/5
−1 R

−9/10
⋆,0 M6/5

⋆,0 M−9/10
•,6 , (13)

≃ 2.11 yr η3/5
−1 R

3/5
⋆,0 M

1/5
⋆,0 M−2/5

•,6 . (14)

星の構造によってエネルギー分布と fallback rateがどう変わるのか気になる。
[降着円盤] このデブリが再び RT にたどりついたときに降着円盤を形成すると仮定する。デブリの角運動量が保存すると仮定すると円盤の半径は 2RT である。円盤からの放射は標準円盤的だと仮定すると

R2σSBT
4 ∼ GM•Ṁ

R
, (15)

T ∼ 400 eV

(
R

RISCO

)−3/4( t
tfb

)−5/12

R−3/8
⋆,0 M1/2

⋆,0 M−5/8
•,6 .

(16)

1 破壊前は ε = v2/2 − GM•/RT = 0 から破壊後は ∆ε = v2/2 −
GM•/(RT ±R⋆) のエネルギー幅を持って分布すると考えている。
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SMBHに近づく場合を考える。この恒星が潮汐破壊されるためには、SMBHが及ぼす潮汐力が恒星の自己重力に打ち勝つ必要がある:

GM•R⋆

R3
>

GM⋆

R2
⋆

. (1)

これより、星と SMBHの距離が
RT ≡ R⋆

(
M•

M⋆

)1/3

≃ 6.96× 1012 cmR⋆,0M
−1/3
⋆,0 M1/3

•,6 (2)

≃ 23.6RS R⋆,0M
−1/3
⋆,0 M−2/3

•,6 ,

より縮まると潮汐力によって破壊されることがわかる。これはいわゆる cold近似と呼ばれるやつで、penetration parameterなどが入ってくるとややこしくなる (Steinberg et al. 2019)。また最近では core-envelope 構造がある場合の議論が partial TDEの文脈で注目される。ここで Schwartzschild半径を
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となる。これはHills massと呼ばれる。Kerr BHなどの場合にどうなるか検討してみても面白い (Kesden 2012; Singh & Kesden
2024)。以下では簡単のため、放物線の pericenterが潮汐半径と一致する場合を論ずる。
[デブリの振る舞い] 潮汐破壊後のデブリの振る舞いを考える。デブリの運動は個々の粒子として ballistic に扱える (なぜ？おそらく重力が圧力勾配よりも大きいんだが、確認していない)。破壊前のデブリはエネルギーが 0としてよいが、破壊後のエネルギーは恒星の SMBHに近い部分と遠い部分の重力エネルギー
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星の構造によってエネルギー分布と fallback rateがどう変わるのか気になる。
[降着円盤] このデブリが再び RT にたどりついたときに降着円盤を形成すると仮定する。デブリの角運動量が保存すると仮定すると円盤の半径は 2RT である。円盤からの放射は標準円盤的だと仮定すると

R2σSBT
4 ∼ GM•Ṁ
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1 破壊前は ε = v2/2 − GM•/RT = 0 から破壊後は ∆ε = v2/2 −
GM•/(RT ±R⋆) のエネルギー幅を持って分布すると考えている。
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ṀEdd =
LEdd

ηc2
≃ 1.40× 1018 g s−1 η−1

−1M•,0 , (12)

respectively. The fallback rate becomes the Eddington one at

tEdd ≃ 18.9 tfb η
3/5
−1 R

−9/10
⋆,0 M6/5

⋆,0 M−9/10
•,6 , (13)

≃ 2.11 yr η3/5
−1 R

3/5
⋆,0 M

1/5
⋆,0 M−2/5

•,6 . (14)

星の構造によってエネルギー分布と fallback rateがどう変わるのか気になる。
[降着円盤] このデブリが再び RT にたどりついたときに降着円盤を形成すると仮定する。デブリの角運動量が保存すると仮定すると円盤の半径は 2RT である。円盤からの放射は標準円盤的だと仮定すると

R2σSBT
4 ∼ GM•Ṁ
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星の構造によってエネルギー分布と fallback rateがどう変わるのか気になる。
[降着円盤] このデブリが再び RT にたどりついたときに降着円盤を形成すると仮定する。デブリの角運動量が保存すると仮定すると円盤の半径は 2RT である。円盤からの放射は標準円盤的だと仮定すると
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となる。この温度は fallback rate をそのまま用いているため、観測される光度が L ∼ LEddと矛盾するが、温度の降着率依存性は弱いので結果はあまり変わらない。超臨界降着の場合は photn
trapping効果が重要になるが、この場合の円盤はスリム円盤と呼ばれ (Abramowicz et al. 1988)、例えばStrubbe & Quataert
(2009)などで簡単なモデル化が試みられている。温度は大きな変化はないが、光度はおおよそ Eddington光度から変化しない。しかし、円盤をこの半径につくるために開放すべきエネルギーは
GM•M⋆

2RT
≃ 1.92× 1052 ergR−1

⋆,0M
4/3
⋆,0 M2/3

•,6 , (16)

と莫大であることがわかる。可視光で放射されているエネルギー
© 2018 The Authors
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1 CLASSICAL PICTURE
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APPENDIX A: COSMOLOGY
Α͘Θ͔ΒΜ͚Ͳ͜͜ʹ·ͱΊ͓ͯ͘ɻ

A1 Distance
The luminosity distance is given by

dL(z) =
c(1 + z)

H0

∫ z

0

dz′√
Ωrad(1 + z′)4 +Ωm(1 + z′)3 +ΩΛ

, (A1)

where H0 ≃ 70 km s−1 Mpc−1 is the Hubble constant and we have to
be careful about the unit. In actual numerical simulation, we have to
give a initial condition (the lower part of the integral, which should
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ABSTRACTあまりこだわりすぎてもよくないが、拠り所としてノートをつくっておく。また、色々論文読んだ際の重要箇所などはもう研究ノートではなくここにまとめていくことにしよう。
1 CLASSICAL PICTURE

Rees (1988); Phinney (1989)の描像を整理しておく。最も簡単な場合を扱うので必要になれば今後 updateしていけばよい。D2の APゼミのノートを参考にしており、これはLodato & Rossi
(2011)に依るところが大きい。

1.1 Tidal Disruption & Fallback Debris

[潮汐破壊] 質量M⋆、半径 R⋆ の恒星が放物線軌道で質量M• の
SMBHに近づく場合を考える。この恒星が潮汐破壊されるためには、SMBHが及ぼす潮汐力が恒星の自己重力に打ち勝つ必要がある:

GM•R⋆

R3
>

GM⋆

R2
⋆

. (1)

これより、星と SMBHの距離が
RT ≡ R⋆

(
M•

M⋆

)1/3

≃ 6.96× 1012 cmR⋆,0M
−1/3
⋆,0 M1/3

•,6 (2)

≃ 23.6RS R⋆,0M
−1/3
⋆,0 M−2/3

•,6 ,

より縮まると潮汐力によって破壊されることがわかる。これはいわゆる cold近似と呼ばれるやつで、penetration parameterなどが入ってくるとややこしくなる (Steinberg et al. 2019)。また最近では core-envelope 構造がある場合の議論が partial TDEの文脈で注目される。ここで Schwartzschild半径を
RS =

2GM•

c2
≃ 2.95× 1011 cmM•,6 , (3)

である。一方で恒星がBHに吸い込まれないためには条件 RT >
RS が課されることから、潮汐破壊を起こすことができる BHの最大質量は
M•,H =

(
c6R3

⋆

8G3M⋆

)1/2

≃ 1.14× 108 M⊙ R3/2
⋆,0 M

−1/2
⋆,0 , (4)

となる。これはHills massと呼ばれる。Kerr BHなどの場合にどうなるか検討してみても面白い (Kesden 2012; Singh & Kesden
2024)。以下では簡単のため、放物線の pericenterが潮汐半径と一致する場合を論ずる。
[デブリの振る舞い] 潮汐破壊後のデブリの振る舞いを考える。デブリの運動は個々の粒子として ballistic に扱える (なぜ？おそらく重力が圧力勾配よりも大きいんだが、確認していない)。破壊前のデブリはエネルギーが 0としてよいが、破壊後のエネルギーは恒星の SMBHに近い部分と遠い部分の重力エネルギー

ほどの違いがあるので幅として1

∆ε =

(
−GM•

RT

)
−
(
− GM•

RT ±R⋆

)
≃ ±GM•

R2
T

R⋆ , (5)

の広がりを持つ。さらに、仮定としてデブリのエネルギー分布は一定とすると
dM
dε

≃ M⋆/2
∆ε

(6)

と近似できる。破壊後のデブリは各エネルギーに対応したKepler運動を行い、かつ RT に戻ってくる時間は Kepler time t =
2πGM•/(−2ε)3/2 で与えられるので fallback rateは
Ṁfb =

dM
dε

dε
dt

= Ṁpeak

(
t
tfb

)−5/3

, (7)

tfb =
2πGM•

(2|∆ε|)3/2 ≃ 40.9 dayR3/2
⋆,0 M

−1
⋆,0M

1/2
•,6 , (8)

Ṁpeak =
M⋆

3tfb
≃ 1.89× 1026 g s−1 R−3/2

⋆,0 M2
⋆,0M

−1/2
•,6 (9)

≃ 1.34× 102 ṀEdd η−1R
−3/2
⋆,0 M2

⋆,0M
−3/2
•,6 , (10)

where the Eddington luminosity and accretion rate are de-
fined by

LEdd =
4πGM•mpc

σT
≃ 1.26× 1038 erg s−1M•,0 , (11)

ṀEdd =
LEdd

ηc2
≃ 1.40× 1018 g s−1 η−1

−1M•,0 , (12)

respectively. The fallback rate becomes the Eddington one at

tEdd ≃ 18.9 tfb η
3/5
−1 R

−9/10
⋆,0 M6/5

⋆,0 M−9/10
•,6 , (13)

≃ 2.11 yr η3/5
−1 R

3/5
⋆,0 M

1/5
⋆,0 M−2/5

•,6 . (14)

星の構造によってエネルギー分布と fallback rateがどう変わるのか気になる。
[降着円盤] このデブリが再び RT にたどりついたときに降着円盤を形成すると仮定する。デブリの角運動量が保存すると仮定すると円盤の半径は 2RT である。円盤からの放射は標準円盤的だと仮定すると

R2σSBT
4 ∼ GM•Ṁ

R
, (15)

T ∼ 400 eV

(
R

RISCO

)−3/4( t
tfb

)−5/12

R−3/8
⋆,0 M1/2

⋆,0 M−5/8
•,6 .

(16)

1 破壊前は ε = v2/2 − GM•/RT = 0 から破壊後は ∆ε = v2/2 −
GM•/(RT ±R⋆) のエネルギー幅を持って分布すると考えている。
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Rees (1988); Phinney (1989)の描像を整理しておく。最も簡単な場合を扱うので必要になれば今後 updateしていけばよい。D2の APゼミのノートを参考にしており、これはLodato & Rossi
(2011)に依るところが大きい。

1.1 Tidal Disruption & Fallback Debris

[潮汐破壊] 質量M⋆、半径 R⋆ の恒星が放物線軌道で質量M• の
SMBHに近づく場合を考える。この恒星が潮汐破壊されるためには、SMBHが及ぼす潮汐力が恒星の自己重力に打ち勝つ必要がある:
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より縮まると潮汐力によって破壊されることがわかる。これはいわゆる cold近似と呼ばれるやつで、penetration parameterなどが入ってくるとややこしくなる (Steinberg et al. 2019)。また最近では core-envelope 構造がある場合の議論が partial TDEの文脈で注目される。ここで Schwartzschild半径を
RS =

2GM•

c2
≃ 2.95× 1011 cmM•,6 , (3)

である。一方で恒星がBHに吸い込まれないためには条件 RT >
RS が課されることから、潮汐破壊を起こすことができる BHの最大質量は
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⋆

8G3M⋆

)1/2

≃ 1.14× 108 M⊙ R3/2
⋆,0 M
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⋆,0 , (4)

となる。これはHills massと呼ばれる。Kerr BHなどの場合にどうなるか検討してみても面白い (Kesden 2012; Singh & Kesden
2024)。以下では簡単のため、放物線の pericenterが潮汐半径と一致する場合を論ずる。
[デブリの振る舞い] 潮汐破壊後のデブリの振る舞いを考える。デブリの運動は個々の粒子として ballistic に扱える (なぜ？おそらく重力が圧力勾配よりも大きいんだが、確認していない)。破壊前のデブリはエネルギーが 0としてよいが、破壊後のエネルギーは恒星の SMBHに近い部分と遠い部分の重力エネルギー
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の広がりを持つ。さらに、仮定としてデブリのエネルギー分布は一定とすると
dM
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(6)

と近似できる。破壊後のデブリは各エネルギーに対応したKepler運動を行い、かつ RT に戻ってくる時間は Kepler time t =
2πGM•/(−2ε)3/2 で与えられるので fallback rateは
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where the Eddington luminosity and accretion rate are de-
fined by

LEdd =
4πGM•mpc

σT
≃ 1.26× 1038 erg s−1M•,0 , (11)

ṀEdd =
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ηc2
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respectively. The fallback rate becomes the Eddington one at
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星の構造によってエネルギー分布と fallback rateがどう変わるのか気になる。
[降着円盤] このデブリが再び RT にたどりついたときに降着円盤を形成すると仮定する。デブリの角運動量が保存すると仮定すると円盤の半径は 2RT である。円盤からの放射は標準円盤的だと仮定すると
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1 破壊前は ε = v2/2 − GM•/RT = 0 から破壊後は ∆ε = v2/2 −
GM•/(RT ±R⋆) のエネルギー幅を持って分布すると考えている。
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−3/2
⋆,0 M2

⋆,0M
−3/2
•,6 , (10)

where the Eddington luminosity and accretion rate are de-
fined by

LEdd =
4πGM•mpc

σT
≃ 1.26× 1038 erg s−1M•,0 , (11)
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Fig. 2 When a disruptive flyby occurs with pericentric distance 
rT> the bound debris starts to rain down on to the hole after a 
timelag -0.03 (Mh/106 M 0 )'12 years. This diagram shows 
schematically the subsequent behaviour of M. The peak infall rate 
is highly 'super-Eddington'. This debris forms a torus at r = rT 
within which radiation pressure is dominant. Its subsequent flow 
is controlled by viscosity, which is likely to operate on a timescale 
only a modest multiple of the rotation period at -rT (only a few 
hours). A thermal luminosity - LE can only be maintained for"' I 

year; thereafter the 'flare' would rapidly fade. 

orbital plane. Adiabatic cooling would severely reduce the inter-
nal radiative content before the debris became translucent. The 
'prompt' radiation from the unbound debris would therefore 
release less than the initial energy content of the star (just as a 
supernova would be optically inconspicuous were it not for 
continuing energy injection in the months after the explosion). 
There would therefore be no conspicuous flare until, as discussed 
above, the bound debris fell back onto the hole after a time 
delay t;. The main observable effects of the outflowing material 
would occur when it was decelerated by running into external 
diffuse matter. 

Ultraclose passages and relativistic effects 
The behaviour of stars passing well within the tidal radius rT 
exhibits special features, some of which have been discussed in 
a series of paper by Carter, Luminet and collaborators25

•
29

-
31

• 

Such stars are not only elongated along the orbital direction, 
but are even more severely compressed into a prolate shape 
(that is, a pancake aligned in the orbital plane). This compresson 
is halted by a shock, raising the matter (which then rebounds 
perpendicular to the orbital plane) to a higher adiabat. Also, 
there is the possibility of explosive energy release: the p-p 
reaction is too slow to release much energy on a dynamical 
timescale; however, proton capture on C, N and 0 can yield 
(for solar abundances) enough energy to unbind the star. The 
mean specific binding energy of the debris to the hole may then 
become negative, rather than being -(Gm*/r*). But we have 
seen that, even in the latter case, about half the debris is unbound 
because of the spread vorbll v in the energies at peri centre (where 
llv = v*). If a nuclear explosion were to enhance llv by some 
further factor, then the mass fraction escaping on hyperbolic 
orbits would still be -0.5, but the range of energies of the debris 
would be increased: some would escape with higher hyperbolic 
velocities, whereas some would be even inore tightly bound than 
before. To quantify this, one would need to know the angular 
distribution (in a frame sharing the star's mean motion) of the 
post-shock velocities, because velocity boosts perpendicular to 

the orbital plane yield only a second-order contribution, and 
are therefore less important than those in the plane. 

The orbits for which extreme compression occurs would enter 
regions where relativistic effects were more important than for 
those with r m;n = 'T· The orbits are then not ellipses, but may 
turn through 27r or even more. A test particle not exactly in the 
orbital plane (which in the case of an elliptical orbit would cross 
the plane just once at pericentre), may then have two or more 
traversals. There is then the possibility of multiple shocks30

•
31

• 

For hole masses Mh > 1 M 0, solar-type stars cannot be 
disrupted without entering the strongly relativistic domain. The 
form of the black hole (Schwarzschild or Kerr?) then has an 
important quantitative effect, as does (for a rotating Kerr hole) 
the orientation of the stellar orbit relative to the hole spin axis. 
Stars on counter-rotating orbits are more readily captured with 
the result that Kerr holes would spin down if they gained mass 
primarily from stellar capture32 • When the hole mass is » 108 M 8 , 

most main sequence stars would be swallowed whole ( rT < rg), 
and only giants would generate debris outside the hole 1•2 • 

Tidal dissipation without complete disruption? 
A star which does not pass close enough to the hole to suffer 
complete disruption may nevertheless be tidally distorted; if the 
associated dissipation exceeds m*u2

, the star may then be cap-
tured in an elliptical orbit around the hole, and suffer further 
dissipation on each successive pericentric passage. This process 
has been primarily discussed in the context of globular 
clusters22 - 24, where the star is of comparable mass to the compact 
object (stellar mass black hole or neutron star?); after capture, 
the orbit degrades and circularizes at a radius a few times 'T· 
One's first thought might therefore be that, in the present context, 
solar-type stars could be captured into near-circular orbits very 
tightly bound to a central massive hole. Such orbits at r = rT 
would have periods of a few hours (independent of Mh), and 
the orbital velocity would be -0.2 c--vastly higher, of 
course, than the speeds involved in ordinary binary systems. 

But there is a crucial new aspect to this tidal-capture mechan-
ism when a very massive black hole is involved. In acquiring a 
tightly bound circular orbit of radius rT, the star must dispose 
of an amount of energy m*c2(rT/ rg)- 1--larger by a factor 
(Mh/ m*f13 than its entire original gravitational self-binding 
energy r *' The circularization would therefore need to 
occur much slower than the star's thermal timescale. Of course, 
the star would, after the first few passages, acquire a spin rate 
synchronized with its orbital angular velocity at pericentre, and 
thereafter the dissipation could be reduced somewhat below the 
rates calculated in refs 22-24. 

Until appropriately detailed three-dimensional gas-dynamical 
calculations can be done, the fate of such stars will be an open 
question. It would seem more likely that, after the orbit had 
been 'ground down' by the first few passages (and the frequency 
of subsequent peri centre passages had become correspondingly 
higher), the star would inflate and get fully disrupted. The 
gaseous debris would then evolve essentially as the bound frac-
tion of the debris from the tidally disrupted stars discussed 
earlier. More uncertain would be the fate of a giant star, where 
the dissipation, occurring primarily in the envelope, could leave 
the core relatively undistorted and unscathed. (If internal dissi-
pation in the resultant torus were exceedingly low, the debris 
could deflate on the timescale -5 years into a thin ring 
at r = rT which could in principle be vulnerable to gravitational 
instability, leading to rebirth of a star (compare ref. 33). But 
this would require an effective viscosity parameter< 10-4

, which 
is perhaps implausibly low.) 

There is one further interesting mechanism for injecting stars 
into small tightly-bound orbits (though not necessarily as small 
as r = 'T· Diffusive stellar-dynamical processes could not inject 
stars into orbits with specific binding energies exceeding 
such velocities disruptive stellar collisions dominate 'Coulomb' 
encounters. But a fraction of the stars in the core of the galaxy 
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1 CLASSICAL PICTURE

Rees (1988); Phinney (1989)の描像を整理しておく。最も簡単な場合を扱うので必要になれば今後 updateしていけばよい。D2の APゼミのノートを参考にしており、これはLodato & Rossi
(2011)に依るところが大きい。
[潮汐破壊] 質量M⋆、半径 R⋆ の恒星が放物線軌道で質量M•の SMBHに近づく場合を考える。この恒星が潮汐破壊されるためには、SMBHが及ぼす潮汐力が恒星の自己重力に打ち勝つ必要がある:

GM•R⋆

R3
>

GM⋆

R2
⋆

, (1)

より、
R < RT ≡ R⋆

(
M•

M⋆

)1/3

≃ 6.96× 1012 cmR⋆,0M
−1/3
⋆,0 M1/3

•,6 ,

(2)

が条件となる。ここで RT で潮汐半径を定義した。一方で恒星が BHに吸い込まれないために RT > Rs が課されることから、
BH質量に上限
M• < 1.12× 108 M⊙ R3/2

⋆,0 M
−1/2
⋆,0 , (3)

がつく。ここでは Schwarzschild 半径と比較したが、ISCO などと比較しても同程度の条件が得られる。以下では簡単のため、放物線の pericenterが潮汐半径と一致する場合を論ずる。
[デブリの振る舞い] 潮汐破壊後のデブリの振る舞いを考える。デブリの運動は個々の粒子として ballistic に扱える (なぜ？おそらく重力が圧力勾配よりも大きいんだが、確認していない)。破壊前のデブリはエネルギーが 0としてよいが、破壊後のエネルギーは恒星の SMBHに近い部分と遠い部分の重力エネルギーほどの違いがあるので幅として1

∆ε =

(
−GM•

RT

)
−
(
− GM•

RT ±R⋆

)
≃ ±GM•

R2
T

R⋆ , (4)

の広がりを持つ。さらに、仮定としてデブリのエネルギー分布は一定とすると
dM
dε

≃ M⋆/2
∆ε

(5)

と近似できる。破壊後のデブリは各エネルギーに対応したKepler運動を行い、かつ RT に戻ってくる時間は Kepler time t =

1 破壊前は ε = v2/2 − GM•/RT = 0 から破壊後は ∆ε = v2/2 −
GM•/(RT ±R⋆) のエネルギー幅を持って分布すると考えている。

2πGM•/(−2ε)3/2 で与えられるので fallback rateは
Ṁfb =

dM
dε

dε
dt

= Ṁpeak

(
t
tfb

)−5/3

, (6)

tfb =
2πGM•

(2|∆ε|)3/2 ≃ 40.9 dayR3/2
⋆,0 M

−1
⋆,0M

1/2
•,6 , (7)

Ṁpeak =
M⋆

3tfb
≃ 1.89× 1026 g s−1 R−3/2

⋆,0 M2
⋆,0M

−1/2
•,6 (8)

≃ 1.34× 102 ṀEdd η−1R
−3/2
⋆,0 M2

⋆,0M
−3/2
•,6 , (9)

where the Eddington luminosity and accretion rate are de-
fined by

LEdd =
4πGM•mpc

σT
≃ 1.26× 1038 erg s−1M•,0 , (10)

ṀEdd =
LEdd

ηc2
≃ 1.40× 1018 g s−1 η−1

−1M•,0 , (11)

respectively. The fallback rate becomes the Eddington one at

tEdd ≃ 18.9 tfb η
3/5
−1 R

−9/10
⋆,0 M6/5

⋆,0 M−9/10
•,6 , (12)

≃ 2.11 yr η3/5
−1 R

3/5
⋆,0 M

1/5
⋆,0 M−2/5

•,6 . (13)

星の構造によってエネルギー分布と fallback rateがどう変わるのか気になる。
[降着円盤] このデブリが再び RT にたどりついたときに降着円盤を形成すると仮定する。デブリの角運動量が保存すると仮定すると円盤の半径は 2RT である。円盤からの放射は標準円盤的だと仮定すると

R2σSBT
4 ∼ GM•Ṁ

R
, (14)

T ∼ 400 eV

(
R

RISCO

)−3/4( t
tfb

)−5/12

R−3/8
⋆,0 M1/2

⋆,0 M−5/8
•,6 .

(15)

となる。この温度は fallback rate をそのまま用いているため、観測される光度が L ∼ LEddと矛盾するが、温度の降着率依存性は弱いので結果はあまり変わらない。超臨界降着の場合は photn
trapping効果が重要になるが、この場合の円盤はスリム円盤と呼ばれ (Abramowicz et al. 1988)、例えばStrubbe & Quataert
(2009)などで簡単なモデル化が試みられている。温度は大きな変化はないが、光度はおおよそ Eddington光度から変化しない。しかし、円盤をこの半径につくるために開放すべきエネルギーは
GM•M⋆

2RT
≃ 1.92× 1052 ergR−1

⋆,0M
4/3
⋆,0 M2/3

•,6 , (16)

と莫大であることがわかる。可視光で放射されているエネルギー
© 2018 The Authors
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͋·Γͩ͜ΘΓ͗ͯ͢΋Α͘ͳ͍͕ɺڌΓॴͱͯ͠ϊʔτΛ͓ͭͬͯ͘͘ɻ

1 CLASSICAL PICTURE
Rees (1988); Phinney (1989)ͷඳ૾Λ੔ཧ͓ͯ͘͠ɻ࠷΋؆୯ͳ
৔߹Λѻ͏ͷͰඞཁʹͳΕ͹ޙࠓ update͍͚ͯ͠͹Α͍ɻD2
ͷ AP θϛͷϊʔτΛߟࢀʹ͓ͯ͠Γɺ͜Ε͸Lodato & Rossi
(2011)ʹґΔͱ͜Ζ͕େ͖͍ɻ

࣭ྔM∗ɺ൒ܘ R∗ͷ߃੕͕์෺ઢيಓͰ࣭ྔMBHͷSMBH
ʹۙͮ͘৔߹Λ͑ߟΔɻ͜ͷ߃੕͕ைࣚഁյ͞ΕΔͨΊʹ͸ɺ
SMBH͕ٴ΅͢ைࣚྗ͕߃੕ͷࣗݾॏྗʹଧͪউͭඞཁ͕͋Δ:

GMBHR∗
R3 >

GM∗
R2∗
, (1)

ΑΓɺ

R < RT ≡ R∗

(
MBH
M∗

)1/3
≃ 6.96 × 1012 cm R∗,0M−1/3

∗,0 M1/3
BH,6, (2)

͕৚݅ͱͳΔɻ͜͜Ͱ RT Ͱைࣚ൒ܘΛఆٛͨ͠ɻҰํͰ߃੕
͕ BHʹࠐ͍ٵ·Εͳ͍ͨΊʹ RT > Rs ͕՝͞ΕΔ͜ͱ͔Βɺ
BH࣭ྔʹ্ݶ

MBH < 1.12 × 108 M⊙ R3/2
∗,0 M−1/2

∗,0 , (3)

͕ͭ͘ɻ͜͜Ͱ͸ Schwarzschild൒ܘͱൺֱ͕ͨ͠ɺISCOͳͲ
ͱൺֱͯ͠΋ಉఔ౓ͷ৚͕݅ಘΒΕΔɻҎԼͰ͸؆୯ͷͨΊɺ
์෺ઢͷ pericenter͕ைࣚ൒ܘͱҰக͢Δ৔߹Λ࿦ͣΔɻ

ைࣚഁյޙͷσϒϦͷৼΔ෣͍Λ͑ߟΔɻσϒϦͷӡಈ͸
ͱͯ͠ࢠʑͷཻݸ ballistic ʹѻ͑Δ (ͳͥʁ͓ͦΒ͘ॏྗ͕ѹ
ྗޯ഑ΑΓ΋େ͖͍Μ͕ͩɺ֬ೝ͍ͯ͠ͳ͍)ɻഁյલͷσϒ
Ϧ͸ΤωϧΪʔ͕ 0ͱͯ͠Α͍͕ɺഁյޙͷΤωϧΪʔ͸߃੕
ͷ SMBHʹ͍ۙ෦෼ͱԕ͍෦෼ͷॏྗΤωϧΪʔ΄Ͳͷҧ͍
͕͋ΔͷͰ෯ͱͯ͠1

∆ε =

(
−GMBH

RT

)
−
(
− GMBH

RT ± R∗

)
≃ ±GMBH

R2
T

R∗ , (4)

ͷ͕޿ΓΛ࣋ͭɻ͞ΒʹɺԾఆͱͯ͠σϒϦͷΤωϧΪʔ෼෍
͸Ұఆͱ͢Δͱ

dM
dε

≃ M∗/2
∆ε

(5)

ͱۙࣅͰ͖ΔɻഁյޙͷσϒϦ͸֤ΤωϧΪʔʹରԠͨ͠ Ke-
pler ӡಈΛ͍ߦɺ͔ͭ RT ʹ໭ͬͯ͘Δ࣌ؒ͸ Kepler time

1 ഁյલ͸ ε = v2/2 − GMBH/RT = 0 ͔Βഁյޙ͸ ∆ε = v2/2 −
GMBH/(RT ± R∗) ͷΤωϧΪʔ෯Λ࣋ͬͯ෼෍͢Δͱ͍ͯ͑ߟΔɻ

t = 2πGMBH/(−2ε)3/2 Ͱ༩͑ΒΕΔͷͰ fallback rate͸

'Mfb =
dM
dε

dε
dt
= 'Mpeak

(
t

tfb

)−5/3
, (6)

tfb =
2πGMBH
(2|∆ε |)3/2

≃ 40.9 day R3/2
∗,0 M−1

∗,0 M1/2
BH,6 , (7)

'Mpeak =
M∗
3tfb

≃ 1.89 × 1026 g s−1 R−3/2
∗,0 M2

∗,0M−1/2
BH,6 (8)

≃ 1.34 × 102 'MEdd η−1R−3/2
∗,0 M2

∗,0M−3/2
BH,6 , (9)

where the Eddington luminosity and accretion rate are defined by

LEdd =
4πGMBHmpc

σT
≃ 1.26 × 1038 erg s−1MBH0 , (10)

'MEdd =
LEdd
ηc2 ≃ 1.40 × 1018 g s−1 η−1

−1 MBH0 , (11)

respectively. The fallback rate becomes the Eddington one at

tEdd ≃ 18.9 tfb η
3/5
−1 R−9/10

∗,0 M6/5
∗,0 M−9/10

BH,6 , (12)

≃ 2.11 yr η3/5−1 R3/5
∗,0 M1/5

∗,0 M−2/5
BH,6 , (13)

UP TO HERE
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APPENDIX A: COSMOLOGY
Α͘Θ͔ΒΜ͚Ͳ͜͜ʹ·ͱΊ͓ͯ͘ɻ

A1 Distance
The luminosity distance is given by

dL(z) =
c(1 + z)

H0

∫ z

0

dz′√
Ωrad(1 + z′)4 +Ωm(1 + z′)3 +ΩΛ

, (A1)

where H0 ≃ 70 km s−1 Mpc−1 is the Hubble constant and we have to
be careful about the unit. In actual numerical simulation, we have to
give a initial condition (the lower part of the integral, which should
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ABSTRACTあまりこだわりすぎてもよくないが、拠り所としてノートをつくっておく。また、色々論文読んだ際の重要箇所などはもう研究ノートではなくここにまとめていくことにしよう。
1 CLASSICAL PICTURE

Rees (1988); Phinney (1989)の描像を整理しておく。最も簡単な場合を扱うので必要になれば今後 updateしていけばよい。D2の APゼミのノートを参考にしており、これはLodato & Rossi
(2011)に依るところが大きい。

1.1 Tidal Disruption & Fallback Debris

[潮汐破壊] 質量M⋆、半径 R⋆ の恒星が放物線軌道で質量M• の
SMBHに近づく場合を考える。この恒星が潮汐破壊されるためには、SMBHが及ぼす潮汐力が恒星の自己重力に打ち勝つ必要がある:

GM•R⋆

R3
>

GM⋆

R2
⋆

. (1)

これより、星と SMBHの距離が
RT ≡ R⋆

(
M•

M⋆

)1/3

≃ 6.96× 1012 cmR⋆,0M
−1/3
⋆,0 M1/3

•,6 (2)

≃ 23.6RS R⋆,0M
−1/3
⋆,0 M−2/3

•,6 ,

より縮まると潮汐力によって破壊されることがわかる。これはいわゆる cold近似と呼ばれるやつで、penetration parameterなどが入ってくるとややこしくなる (Steinberg et al. 2019)。また最近では core-envelope 構造がある場合の議論が partial TDEの文脈で注目される。ここで Schwartzschild半径を
RS =

2GM•

c2
≃ 2.95× 1011 cmM•,6 , (3)

である。一方で恒星がBHに吸い込まれないためには条件 RT >
RS が課されることから、潮汐破壊を起こすことができる BHの最大質量は
M•,H =

(
c6R3

⋆

8G3M⋆

)1/2

≃ 1.14× 108 M⊙ R3/2
⋆,0 M

−1/2
⋆,0 , (4)

となる。これはHills massと呼ばれる。Kerr BHなどの場合にどうなるか検討してみても面白い (Kesden 2012; Singh & Kesden
2024)。以下では簡単のため、放物線の pericenterが潮汐半径と一致する場合を論ずる。
[デブリの振る舞い] 潮汐破壊後のデブリの振る舞いを考える。デブリの運動は個々の粒子として ballistic に扱える (なぜ？おそらく重力が圧力勾配よりも大きいんだが、確認していない)。破壊前のデブリはエネルギーが 0としてよいが、破壊後のエネルギーは恒星の SMBHに近い部分と遠い部分の重力エネルギー

ほどの違いがあるので幅として1

∆ε =

(
−GM•

RT

)
−
(
− GM•

RT ±R⋆

)
≃ ±GM•

R2
T

R⋆ , (5)

の広がりを持つ。さらに、仮定としてデブリのエネルギー分布は一定とすると
dM
dε

≃ M⋆/2
∆ε

(6)

と近似できる。破壊後のデブリは各エネルギーに対応したKepler運動を行い、かつ RT に戻ってくる時間は Kepler time t =
2πGM•/(−2ε)3/2 で与えられるので fallback rateは
Ṁfb =

dM
dε

dε
dt

= Ṁpeak

(
t
tfb

)−5/3

, (7)

tfb =
2πGM•

(2|∆ε|)3/2 ≃ 40.9 dayR3/2
⋆,0 M

−1
⋆,0M

1/2
•,6 , (8)

Ṁpeak =
M⋆

3tfb
≃ 1.89× 1026 g s−1 R−3/2

⋆,0 M2
⋆,0M

−1/2
•,6 (9)

≃ 1.34× 102 ṀEdd η−1R
−3/2
⋆,0 M2

⋆,0M
−3/2
•,6 , (10)

where the Eddington luminosity and accretion rate are de-
fined by

LEdd =
4πGM•mpc

σT
≃ 1.26× 1038 erg s−1M•,0 , (11)

ṀEdd =
LEdd

ηc2
≃ 1.40× 1018 g s−1 η−1

−1M•,0 , (12)

respectively. The fallback rate becomes the Eddington one at

tEdd ≃ 18.9 tfb η
3/5
−1 R

−9/10
⋆,0 M6/5

⋆,0 M−9/10
•,6 , (13)

≃ 2.11 yr η3/5
−1 R

3/5
⋆,0 M

1/5
⋆,0 M−2/5

•,6 . (14)

星の構造によってエネルギー分布と fallback rateがどう変わるのか気になる。
[降着円盤] このデブリが再び RT にたどりついたときに降着円盤を形成すると仮定する。デブリの角運動量が保存すると仮定すると円盤の半径は 2RT である。円盤からの放射は標準円盤的だと仮定すると

R2σSBT
4 ∼ GM•Ṁ

R
, (15)

T ∼ 400 eV

(
R

RISCO

)−3/4( t
tfb

)−5/12

R−3/8
⋆,0 M1/2

⋆,0 M−5/8
•,6 .

(16)

1 破壊前は ε = v2/2 − GM•/RT = 0 から破壊後は ∆ε = v2/2 −
GM•/(RT ±R⋆) のエネルギー幅を持って分布すると考えている。
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[デブリの振る舞い] 潮汐破壊後のデブリの振る舞いを考える。デブリの運動は個々の粒子として ballistic に扱える (なぜ？おそらく重力が圧力勾配よりも大きいんだが、確認していない)。破壊前のデブリはエネルギーが 0としてよいが、破壊後のエネルギーは恒星の SMBHに近い部分と遠い部分の重力エネルギー

ほどの違いがあるので幅として1

∆ε =
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の広がりを持つ。さらに、仮定としてデブリのエネルギー分布は一定とすると
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∆ε

(6)

と近似できる。破壊後のデブリは各エネルギーに対応したKepler運動を行い、かつ RT に戻ってくる時間は Kepler time t =
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where the Eddington luminosity and accretion rate are de-
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ṀEdd =
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respectively. The fallback rate becomes the Eddington one at

tEdd ≃ 18.9 tfb η
3/5
−1 R

−9/10
⋆,0 M6/5

⋆,0 M−9/10
•,6 , (13)

≃ 2.11 yr η3/5
−1 R

3/5
⋆,0 M

1/5
⋆,0 M−2/5

•,6 . (14)

星の構造によってエネルギー分布と fallback rateがどう変わるのか気になる。
[降着円盤] このデブリが再び RT にたどりついたときに降着円盤を形成すると仮定する。デブリの角運動量が保存すると仮定すると円盤の半径は 2RT である。円盤からの放射は標準円盤的だと仮定すると
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1 破壊前は ε = v2/2 − GM•/RT = 0 から破壊後は ∆ε = v2/2 −
GM•/(RT ±R⋆) のエネルギー幅を持って分布すると考えている。
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Ṁpeak =
M⋆

3tfb
≃ 1.89× 1026 g s−1 R−3/2

⋆,0 M2
⋆,0M

−1/2
•,6 (9)

≃ 1.34× 102 ṀEdd η−1R
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より縮まると潮汐力によって破壊されることがわかる。これはいわゆる cold近似と呼ばれるやつで、penetration parameterなどが入ってくるとややこしくなる (Steinberg et al. 2019)。また最近では core-envelope 構造がある場合の議論が partial TDEの文脈で注目される。ここで Schwartzschild半径を
RS =

2GM•

c2
≃ 2.95× 1011 cmM•,6 , (3)

である。一方で恒星がBHに吸い込まれないためには条件 RT >
RS が課されることから、潮汐破壊を起こすことができる BHの最大質量は
M•,H =

(
c6R3

⋆

8G3M⋆

)1/2

≃ 1.14× 108 M⊙ R3/2
⋆,0 M

−1/2
⋆,0 , (4)

となる。これはHills massと呼ばれる。Kerr BHなどの場合にどうなるか検討してみても面白い (Kesden 2012; Singh & Kesden
2024)。以下では簡単のため、放物線の pericenterが潮汐半径と一致する場合を論ずる。
[デブリの振る舞い] 潮汐破壊後のデブリの振る舞いを考える。デブリの運動は個々の粒子として ballistic に扱える (なぜ？おそらく重力が圧力勾配よりも大きいんだが、確認していない)。破壊前のデブリはエネルギーが 0としてよいが、破壊後のエネルギーは恒星の SMBHに近い部分と遠い部分の重力エネルギー

ほどの違いがあるので幅として1

∆ε =

(
−GM•

RT

)
−
(
− GM•

RT ±R⋆

)
≃ ±GM•

R2
T

R⋆ , (5)

の広がりを持つ。さらに、仮定としてデブリのエネルギー分布は一定とすると
dM
dε

≃ M⋆/2
∆ε

(6)

と近似できる。破壊後のデブリは各エネルギーに対応したKepler運動を行い、かつ RT に戻ってくる時間は Kepler time t =
2πGM•/(−2ε)3/2 で与えられるので fallback rateは
Ṁfb =

dM
dε

dε
dt

= Ṁpeak

(
t
tfb

)−5/3

, (7)

tfb =
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(2|∆ε|)3/2 ≃ 40.9 dayR3/2
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−1
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1/2
•,6 , (8)
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3tfb
≃ 1.89× 1026 g s−1 R−3/2

⋆,0 M2
⋆,0M

−1/2
•,6 (9)

≃ 1.34× 102 ṀEdd η−1R
−3/2
⋆,0 M2

⋆,0M
−3/2
•,6 , (10)

where the Eddington luminosity and accretion rate are de-
fined by

LEdd =
4πGM•mpc

σT
≃ 1.26× 1038 erg s−1M•,0 , (11)

ṀEdd =
LEdd

ηc2
≃ 1.40× 1018 g s−1 η−1

−1M•,0 , (12)

respectively. The fallback rate becomes the Eddington one at

tEdd ≃ 18.9 tfb η
3/5
−1 R

−9/10
⋆,0 M6/5

⋆,0 M−9/10
•,6 , (13)

≃ 2.11 yr η3/5
−1 R

3/5
⋆,0 M

1/5
⋆,0 M−2/5

•,6 . (14)

星の構造によってエネルギー分布と fallback rateがどう変わるのか気になる。
[降着円盤] このデブリが再び RT にたどりついたときに降着円盤を形成すると仮定する。デブリの角運動量が保存すると仮定すると円盤の半径は 2RT である。円盤からの放射は標準円盤的だと仮定すると

R2σSBT
4 ∼ GM•Ṁ

R
, (15)

T ∼ 400 eV

(
R

RISCO

)−3/4( t
tfb

)−5/12

R−3/8
⋆,0 M1/2

⋆,0 M−5/8
•,6 .

(16)

1 破壊前は ε = v2/2 − GM•/RT = 0 から破壊後は ∆ε = v2/2 −
GM•/(RT ±R⋆) のエネルギー幅を持って分布すると考えている。
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Fig. 2 When a disruptive flyby occurs with pericentric distance 
rT> the bound debris starts to rain down on to the hole after a 
timelag -0.03 (Mh/106 M 0 )'12 years. This diagram shows 
schematically the subsequent behaviour of M. The peak infall rate 
is highly 'super-Eddington'. This debris forms a torus at r = rT 
within which radiation pressure is dominant. Its subsequent flow 
is controlled by viscosity, which is likely to operate on a timescale 
only a modest multiple of the rotation period at -rT (only a few 
hours). A thermal luminosity - LE can only be maintained for"' I 

year; thereafter the 'flare' would rapidly fade. 

orbital plane. Adiabatic cooling would severely reduce the inter-
nal radiative content before the debris became translucent. The 
'prompt' radiation from the unbound debris would therefore 
release less than the initial energy content of the star (just as a 
supernova would be optically inconspicuous were it not for 
continuing energy injection in the months after the explosion). 
There would therefore be no conspicuous flare until, as discussed 
above, the bound debris fell back onto the hole after a time 
delay t;. The main observable effects of the outflowing material 
would occur when it was decelerated by running into external 
diffuse matter. 

Ultraclose passages and relativistic effects 
The behaviour of stars passing well within the tidal radius rT 
exhibits special features, some of which have been discussed in 
a series of paper by Carter, Luminet and collaborators25

•
29

-
31

• 

Such stars are not only elongated along the orbital direction, 
but are even more severely compressed into a prolate shape 
(that is, a pancake aligned in the orbital plane). This compresson 
is halted by a shock, raising the matter (which then rebounds 
perpendicular to the orbital plane) to a higher adiabat. Also, 
there is the possibility of explosive energy release: the p-p 
reaction is too slow to release much energy on a dynamical 
timescale; however, proton capture on C, N and 0 can yield 
(for solar abundances) enough energy to unbind the star. The 
mean specific binding energy of the debris to the hole may then 
become negative, rather than being -(Gm*/r*). But we have 
seen that, even in the latter case, about half the debris is unbound 
because of the spread vorbll v in the energies at peri centre (where 
llv = v*). If a nuclear explosion were to enhance llv by some 
further factor, then the mass fraction escaping on hyperbolic 
orbits would still be -0.5, but the range of energies of the debris 
would be increased: some would escape with higher hyperbolic 
velocities, whereas some would be even inore tightly bound than 
before. To quantify this, one would need to know the angular 
distribution (in a frame sharing the star's mean motion) of the 
post-shock velocities, because velocity boosts perpendicular to 

the orbital plane yield only a second-order contribution, and 
are therefore less important than those in the plane. 

The orbits for which extreme compression occurs would enter 
regions where relativistic effects were more important than for 
those with r m;n = 'T· The orbits are then not ellipses, but may 
turn through 27r or even more. A test particle not exactly in the 
orbital plane (which in the case of an elliptical orbit would cross 
the plane just once at pericentre), may then have two or more 
traversals. There is then the possibility of multiple shocks30

•
31

• 

For hole masses Mh > 1 M 0, solar-type stars cannot be 
disrupted without entering the strongly relativistic domain. The 
form of the black hole (Schwarzschild or Kerr?) then has an 
important quantitative effect, as does (for a rotating Kerr hole) 
the orientation of the stellar orbit relative to the hole spin axis. 
Stars on counter-rotating orbits are more readily captured with 
the result that Kerr holes would spin down if they gained mass 
primarily from stellar capture32 • When the hole mass is » 108 M 8 , 

most main sequence stars would be swallowed whole ( rT < rg), 
and only giants would generate debris outside the hole 1•2 • 

Tidal dissipation without complete disruption? 
A star which does not pass close enough to the hole to suffer 
complete disruption may nevertheless be tidally distorted; if the 
associated dissipation exceeds m*u2

, the star may then be cap-
tured in an elliptical orbit around the hole, and suffer further 
dissipation on each successive pericentric passage. This process 
has been primarily discussed in the context of globular 
clusters22 - 24, where the star is of comparable mass to the compact 
object (stellar mass black hole or neutron star?); after capture, 
the orbit degrades and circularizes at a radius a few times 'T· 
One's first thought might therefore be that, in the present context, 
solar-type stars could be captured into near-circular orbits very 
tightly bound to a central massive hole. Such orbits at r = rT 
would have periods of a few hours (independent of Mh), and 
the orbital velocity would be -0.2 c--vastly higher, of 
course, than the speeds involved in ordinary binary systems. 

But there is a crucial new aspect to this tidal-capture mechan-
ism when a very massive black hole is involved. In acquiring a 
tightly bound circular orbit of radius rT, the star must dispose 
of an amount of energy m*c2(rT/ rg)- 1--larger by a factor 
(Mh/ m*f13 than its entire original gravitational self-binding 
energy r *' The circularization would therefore need to 
occur much slower than the star's thermal timescale. Of course, 
the star would, after the first few passages, acquire a spin rate 
synchronized with its orbital angular velocity at pericentre, and 
thereafter the dissipation could be reduced somewhat below the 
rates calculated in refs 22-24. 

Until appropriately detailed three-dimensional gas-dynamical 
calculations can be done, the fate of such stars will be an open 
question. It would seem more likely that, after the orbit had 
been 'ground down' by the first few passages (and the frequency 
of subsequent peri centre passages had become correspondingly 
higher), the star would inflate and get fully disrupted. The 
gaseous debris would then evolve essentially as the bound frac-
tion of the debris from the tidally disrupted stars discussed 
earlier. More uncertain would be the fate of a giant star, where 
the dissipation, occurring primarily in the envelope, could leave 
the core relatively undistorted and unscathed. (If internal dissi-
pation in the resultant torus were exceedingly low, the debris 
could deflate on the timescale -5 years into a thin ring 
at r = rT which could in principle be vulnerable to gravitational 
instability, leading to rebirth of a star (compare ref. 33). But 
this would require an effective viscosity parameter< 10-4

, which 
is perhaps implausibly low.) 

There is one further interesting mechanism for injecting stars 
into small tightly-bound orbits (though not necessarily as small 
as r = 'T· Diffusive stellar-dynamical processes could not inject 
stars into orbits with specific binding energies exceeding 
such velocities disruptive stellar collisions dominate 'Coulomb' 
encounters. But a fraction of the stars in the core of the galaxy 
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ABSTRACTあまりこだわりすぎてもよくないが、拠り所としてノートをつくっておく。また、色々論文読んだ際の重要箇所などはもう研究ノートではなくここにまとめていくことにしよう。
1 CLASSICAL PICTURE

Rees (1988); Phinney (1989)の描像を整理しておく。最も簡単な場合を扱うので必要になれば今後 updateしていけばよい。D2の APゼミのノートを参考にしており、これはLodato & Rossi
(2011)に依るところが大きい。

1.1 Tidal Disruption & Fallback Debris

[潮汐破壊] 質量M⋆、半径 R⋆ の恒星が放物線軌道で質量M• の
SMBHに近づく場合を考える。この恒星が潮汐破壊されるためには、SMBHが及ぼす潮汐力が恒星の自己重力に打ち勝つ必要がある:

GM•R⋆

R3
>

GM⋆

R2
⋆

. (1)

これより、星と SMBHの距離が
RT ≡ R⋆

(
M•

M⋆

)1/3

≃ 6.96× 1012 cmR⋆,0M
−1/3
⋆,0 M1/3

•,6 (2)

≃ 23.6RS R⋆,0M
−1/3
⋆,0 M−2/3

•,6 ,

より縮まると潮汐力によって破壊されることがわかる。これはいわゆる cold近似と呼ばれるやつで、penetration parameterなどが入ってくるとややこしくなる (Steinberg et al. 2019)。また最近では core-envelope 構造がある場合の議論が partial TDEの文脈で注目される。ここで Schwartzschild半径を
RS =

2GM•

c2
≃ 2.95× 1011 cmM•,6 , (3)

である。一方で恒星がBHに吸い込まれないためには条件 RT >
RS が課されることから、潮汐破壊を起こすことができる BHの最大質量は
M•,H =

(
c6R3

⋆

8G3M⋆

)1/2

≃ 1.14× 108 M⊙ R3/2
⋆,0 M

−1/2
⋆,0 , (4)

となる。これはHills massと呼ばれる。Kerr BHなどの場合にどうなるか検討してみても面白い (Kesden 2012; Singh & Kesden
2024)。以下では簡単のため、放物線の pericenterが潮汐半径と一致する場合を論ずる。
[デブリの振る舞い] 潮汐破壊後のデブリの振る舞いを考える。デブリの運動は個々の粒子として ballistic に扱える (なぜ？おそらく重力が圧力勾配よりも大きいんだが、確認していない)。破壊前のデブリはエネルギーが 0としてよいが、破壊後のエネルギーは恒星の SMBHに近い部分と遠い部分の重力エネルギー

ほどの違いがあるので幅として1

∆ε =

(
−GM•

RT

)
−
(
− GM•

RT ±R⋆

)
≃ ±GM•

R2
T

R⋆ , (5)

の広がりを持つ。さらに、仮定としてデブリのエネルギー分布は一定とすると
dM
dε

≃ M⋆/2
∆ε

(6)

と近似できる。破壊後のデブリは各エネルギーに対応したKepler運動を行い、かつ RT に戻ってくる時間は Kepler time t =
2πGM•/(−2ε)3/2 で与えられるので fallback rateは
Ṁfb =

dM
dε

dε
dt

= Ṁpeak

(
t
tfb

)−5/3

, (7)

tfb =
2πGM•

(2|∆ε|)3/2 ≃ 40.9 dayR3/2
⋆,0 M

−1
⋆,0M

1/2
•,6 , (8)

Ṁpeak =
M⋆

3tfb
≃ 1.89× 1026 g s−1 R−3/2

⋆,0 M2
⋆,0M

−1/2
•,6 (9)

≃ 1.34× 102 ṀEdd η−1R
−3/2
⋆,0 M2

⋆,0M
−3/2
•,6 , (10)

where the Eddington luminosity and accretion rate are de-
fined by

LEdd =
4πGM•mpc

σT
≃ 1.26× 1038 erg s−1M•,0 , (11)

ṀEdd =
LEdd

ηc2
≃ 1.40× 1018 g s−1 η−1

−1M•,0 , (12)

respectively. The fallback rate becomes the Eddington one at

tEdd ≃ 18.9 tfb η
3/5
−1 R

−9/10
⋆,0 M6/5

⋆,0 M−9/10
•,6 , (13)

≃ 2.11 yr η3/5
−1 R

3/5
⋆,0 M

1/5
⋆,0 M−2/5

•,6 . (14)

星の構造によってエネルギー分布と fallback rateがどう変わるのか気になる。
[降着円盤] このデブリが再び RT にたどりついたときに降着円盤を形成すると仮定する。デブリの角運動量が保存すると仮定すると円盤の半径は 2RT である。円盤からの放射は標準円盤的だと仮定すると

R2σSBT
4 ∼ GM•Ṁ

R
, (15)

T ∼ 433 eV

(
R

6RS

)−3/4( t
tfb

)−5/12

R−3/8
⋆,0 M1/2

⋆,0 M−5/8
•,6 .

(16)

1 破壊前は ε = v2/2 − GM•/RT = 0 から破壊後は ∆ε = v2/2 −
GM•/(RT ±R⋆) のエネルギー幅を持って分布すると考えている。

© 2018 The Authors
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Observation: X-ray
X-ray TDEs (1990s~)

150 S. Komossa / Journal of High Energy Astrophysics 7 (2015) 148–157

Fig. 2. Summary of the main properties of the ROSAT events. The figures show the 
rise to the highest observed state of NGC 5905 during the RASS and an image of the 
host galaxy.

(Bade et al., 1996; Komossa and Bade, 1999; see also Li et al., 
2002), RXJ1242-1119 (Komossa and Greiner, 1999), RXJ1624+7554 
(Grupe et al., 1999), and RXJ1420+5334 (Greiner et al., 2000). 
Among these, NGC 5905 and RXJ1242-1119 are the best-covered 
events in terms of their long-term X-ray lightcurves, spanning time 
intervals of more than a decade, with amplitudes of decline larger 
than a factor of 1000 (Komossa et al., 2004; Halpern et al., 2004;
Komossa, 2005).

NGC 5905 was first noticed due to its luminous, soft (kT =
0.06 keV) X-ray emission with peak luminosity in the soft X-ray 
band of Lx,peak = 7 × 1042 erg/s during the RASS. It remained 
bright for at least ∼5 days (the time interval its position was re-
peatedly scanned during the RASS) increasing in luminosity to the 
observed peak. X-rays then declined on the timescale of months 
to years (Fig. 3). Within the errors, the X-rays came from the cen-
ter of this nearby barred spiral galaxy (z = 0.011; Fig. 2). While 
the X-ray spectrum was initially very soft, it had hardened signif-
icantly (!x = −2.4) 3 years later, when re-observed with ROSAT. 
The decline of its X-ray lightcurve is well consistent with the 
predicted t−5/3 law, as first reported based on its ROSAT obser-
vations (Komossa and Bade, 1999) and confirmed with Chandra
(Halpern et al., 2004). All observations of this event are in very 
good agreement with tidal disruption theory (Bade et al., 1996;
Komossa and Bade, 1999).

Whenever enough data exist, the ROSAT events, and most of 
the more recent soft X-ray TDEs (next section), follow a similar 
trend in spectral and lightcurve evolution as NGC 5905, providing 
independent evidence that the same mechanism was at work in all 
cases.

2.2. New soft X-ray TDEs and Swift follow-ups

More recently, similar X-ray events have been detected with 
Chandra and XMM-Newton, based on dedicated searches or seren-
dipitous discoveries. The XMM-Newton slew survey has been 
used to identify new bright TDEs based on a comparison with 
the ROSAT data base, and a few events have been found so 
far (Esquej et al., 2007, 2008; Saxton et al., 2012b). Among 
these, SDSSJ120136.02+300305.5 has the best-covered first-year 
lightcurve (Saxton et al., 2012b), based on follow-ups with XMM-
Newton and Swift. Overall, the X-rays continue fading after high-
state. Additional large-amplitude variability is apparent on the 
timescale of weeks (Fig. 4). The X-ray spectrum of SDSSJ120136.02+
300305.5, observed with XMM-Newton weeks and months after 
high-state is very soft (no photons detected beyond 2–3 keV), but 

Fig. 3. Joint X-ray lightcurve of the ROSAT TDEs, all shifted to the same peak time. 
The decline is consistent with a t−5/3 law (dashed lined). This point was first made 
based on the ROSAT data of NGC 5905 (Komossa and Bade, 1999), and later for the 
overall luminosity evolution of the sources displayed above (e.g., Fig. 1 of Komossa, 
2004). RXJ1242-1119 shows a further drop in X-rays at late times (not shown here), 
deviating from the early phase decline law, implying a total amplitude of decline of 
a factor ∼1000 (Komossa, 2005).

is not well fit with black-body emission. It is consistent with a 
broken powerlaw or a Bremsstrahlung-like spectral shape.

A few TDEs were identified in clusters of galaxies (Cappelluti 
et al., 2009; Maksym et al., 2010, 2013; Donato et al., 2014). The 
most likely counterpart of the source WINGS J1348 in Abell 1795 
is a dwarf galaxy, and the disrupting black hole is of relatively low 
mass, MBH < 106M⊙ (Maksym et al., 2013, 2014a; Donato et al., 
2014). A second candidate TDE hosted by a dwarf galaxy was re-
ported by Maksym et al. (2014b).

Other events emerged through systematic searches of the XMM-
Newton data base (Lin et al., 2011, submitted for publication) and 
new searches of the ROSAT data base (Khabibullin and Sazonov, 
2014; Maksym et al., 2014b). The events cover X-ray luminosi-
ties in the range (1042–several 1044) erg/s, and arise in relatively 
nearby galaxies (z = 0.03–0.2) which are optically quiescent (i.e., 
they lack the characteristic optical narrow emission lines of AGN). 
The Swift mission has been essential in providing rapid follow-ups 
of several of these events, confirming the fading X-rays, and pro-
viding tight constraints on the luminosity evolution.

Overall, the salient properties of the soft X-ray TDEs detected 
with ROSAT, XMM-Newton and Chandra can be summarized as fol-
lows:

• Peak luminosities are large, up to several 1044 erg/s in the soft 
X-ray band.

• Amplitudes of decline reach factors up to 1000–6000 (the 
ROSAT events), more than a decade after the observed high-
states.

• X-ray spectra are very soft during the high-states (kTBB ∼
0.04–0.1 keV), followed by a spectral hardening on the time 
scale of years.

• Host galaxies show essentially no evidence for permanent ac-
tivity as it is seen in AGN. Years after the flare (and before, 
when data exist), the galaxies are optically inactive, radio in-
active, and X-ray inactive.

• X-ray lightcurves decline on the timescale of months–years, 
and are overall consistent with the law L ∝ t−5/3 predicted by 
the fall-back model of tidal disruption theory.

ROSAT all sky survey: 1990-91
　20% of sky @0.1-2.4 keV

✓In galactic nuclear regions
(not AGN)

✓Lx~1044 erg/s (~LEdd)
✓kT~0.1keV
✓L ~ t-5/3

Table 1 (Continued)

Name Surveya Waveband Redshift
log LBB

b

(erg s−1) log TBB (K) Referencec

AT2018lna/ZTF19aabbnzo ZTF O 0.091 44.56 4.59 van Velzen et al. 2021
AT2018lni/ZTF18actaqdw ZTF O 0.138 44.21 4.38 van Velzen et al. 2021
AT2019ahk/ASASSN-19bt ASAS-SN O 0.0262 44.08 4.30 Holoien et al. 2019b
AT2019azh/ASASSN-19dj ASAS-SN O 0.0222 44.50 4.51 van Velzen et al. 2021
AT2019bhf/ZTF19aakswrb ZTF O 0.1206 43.91 4.27 van Velzen et al. 2021
AT2019cho/ZTF19aakiwze ZTF O 0.193 43.98 4.19 van Velzen et al. 2021
AT2019dsg/ZTF19aapreis ZTF O 0.0512 44.26 4.59 van Velzen et al. 2021
AT2019ehz/Gaia19bpt Gaia O 0.074 44.03 4.34 van Velzen et al. 2021
AT2019eve/ZTF19aatylnl ZTF O 0.0813 43.14 4.06 van Velzen et al. 2021
AT2019lwu/ZTF19abidbya ZTF O 0.117 43.60 4.14 van Velzen et al. 2021
AT2019meg/ZTF19abhhjcc ZTF O 0.152 44.36 4.44 van Velzen et al. 2021
AT2019mha/ATLAS19qqu ATLAS O 0.148 44.05 4.35 van Velzen et al. 2021
AT2019qiz/ZTF19abzrhgq ZTF O 0.0151 43.44 4.27 van Velzen et al. 2021

aSurvey that first discovered the nuclear transient.
bIntegrated blackbody luminosity except for X-ray selected TDEs for which the absorbed luminosity in the 0.3–2-keV band is given.
cPublication in which the luminosity and temperature were used.
Abbreviations: ASAS-SN, All-Sky Automated Survey for Supernovae; GALEX,Galaxy Evolution Explorer; ND, no data; OGLE, Optical Gravitational
Lensing Experiment; PS, Pan-STARRS; PTF, Palomar Transient Factory; SDSS, Sloan Digital Sky Survey; XMM, XMM-Newton; ZTF, Zwicky Transient
Facility.
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Figure 2
(a) Cumulative histogram of TDEs reported in the literature, color-coded by the wavelength in which they
were discovered: X-ray (black), UV (blue), gamma-ray (purple), and optical (green). (b) Peak luminosity versus
blackbody temperature for 56 TDEs reported in the literature, color-coded by the wavelength in which they
were discovered: UV-optical (green), X-ray (black), and 10 of the UV-optically selected TDEs with detected
X-ray components (gray). The UV-optical luminosities are calculated for the entire blackbody, whereas the
X-ray luminosities are only for the 0.3–2-keV band but should account for most of the bolometric
luminosity given the extremely soft temperatures observed. The region of expected thermal emission from a
circularized debris disk formed from the tidal disruption of a solar-type star by a ∼106–108 M! black hole is
shown in orange. Note that neither of the two components are in agreement with emission expected from a
simple debris disk.
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to a transition of the accretion flow to a soft/thermal
state once the accretion rate becomes sub-Eddington,
in analogy to the behavior of stellar-mass x-ray
binaries. Even in this case, whether and when ther-
mal emission will be observable hinges on the de-
gree of dust extinction and its brightness relative
to the host bulge.

If the TDF hypothesis is correct, Sw 1644+57
will fade over the coming year and will not re-
peat. If our interpretation about the relativistic
flow and spectral origin is correct, then we would
expect the transient emission to be polarized at a
(low) level similar to that seen in gamma-ray burst
afterglows [as opposed to blazars (35, 36)]. More-
over, we expect to see evidence for superluminal
motion of the radio source as seen in VLBI moni-
toring over the next few months; the source itself
may become resolved on time scales of a few
months if it remains bright enough to detect at
radio wavebands.

Adopting a beaming fraction fb ≲ 10−2 con-
sistent with that inferred from Sw 1644+57 (SOM),
we conclude that for every on-axis event, there
will be 1/fb ≳ 102 events pointed away from our
line of sight. Because Swift has detected only one
such event in ∼6 years of monitoring, the total

inferred limit on the rate of TDFs accompanied
by relativistic ejecta is ≳10 year−1 out to a sim-
ilar distance. Although themajority of such events
will not produce prompt high-energy emission,
bright radio emission is predicted once the ejecta
decelerates to nonrelativistic speeds on a time
scale of ∼1 year (17). The predicted peak flux is
sufficiently high (∼0.1 to 1mJy at several-gigahertz
frequencies and redshifts similar to that of Sw
1644+57) that ∼10 to 100 may be detected per
year by upcoming radio transient surveys.

The emerging jet from the tidal disruption
event appears to be powerful enough to ac-
celerate cosmic rays up to the highest observed
energy (∼1020 eV) (37). The observed rate of
jets associated with the tidal disruption of a
star, Ṙ e 10−11 Mpc−3 year−1, and the energy
released per event of 3 × Ex ∼ 5 × 1053 erg,
however, imply an energy injection rate of
ĖTDF e 5! 1042 ergMpc−3 year−1. Despite the
large uncertainty, this rate is substantially smaller
than the injection rate Ėinj e 1044 erg Mpc−3 year−1

required to explain the observed flux of cosmic
rays of energy >1019 eV (38). This conclusion
is, however, subject to uncertainties associated
with the radiative efficiency of the jet.

There is much evidence that AGN jets are
accelerated by magnetohydrodynamic, rather
than hydrodynamic, forces (39). A key unsolved
question is whether the large-scale magnetic field
necessary to power the jet is advected in with the
flow (40), or whether it is generated locally in
the disk by instabilities or dynamo action. If the
jet is launched from a radius Rin, the magnetic
field strength at its base (B) is related to the jet
luminosity by Lj ∼ pRin

2 c × (B2/4p). If we as-
sume Lj ∼ 1045 erg s−1, similar to the Eddington
limit for a ∼107M⊙MBH (as appears necessary
to explain the bright nonthermal emission), the
required field strength isB∼ 105G forRin∼ 1.5 rS.
This field is much higher than the average field
strengths of typical main-sequence stars (<103 G).
The stellar field is further diluted because of
flux freezing by a factor ∼(R*/Rin)2 as matter falls
into the BH, where R* ∼ R⊙ is the stellar radius
before disruption. Hence, the large-scale field
responsible for launching the jet associated with
Sw 1644+57 must have been generated in situ.
Placing similar constraints has not previously
been possible in the context of normal AGN or
x-ray binary disks, because of the much larger
ratio between the outer and inner disk radii in
such systems.
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Fig. 2. Schematic representation of the geometry
and emission regions for Sw 1644+57. A star is
disrupted at distance rd from an MBH of mass MBH
with Schwarzschild radius rS. Half of the mass of
the star escapes on unbound orbits while the other
half remains bound. Shocked, circularized fallback
mass sets up a temporary accretion disk with inner
radius 3 rS (for a nonspinning BH). A two-sided jet
is powered starting at the time of accretion and
plows through the interstellar region surrounding
the BH at a Lorentz factor Gj. At some later time,
the jet has reached a distance Rj, where the forward
shock radiates the observed radio and IR light.
Emission from the accretion disk is Compton-
upscattered, giving rise to the observed x-rays.
Different viewing angles (whether the observer is
inside qj ≈ 1/Gj or not) determine what sort of
phenomena is observed. An analogy with blazars
and AGN for more massive BHs is given.
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star approached the supermassive black hole (SMBH) on a nearly para-
bolic trajectory and was ripped apart into a stream of gaseous debris. 
About half of the mass stayed bound to the black hole, underwent 
general-relativistic apsidal precession as the gas fell back towards 
the pericentre, and then produced strong shocks at the self-crossing 
point19. The shocked gas then circularized to form an accretion disk 
around the black hole the rapid spin of which generated a pair of rela-
tivistic jets20. The high X-ray luminosity (Fig. 2a) and flux variability on 
a timescale of tvar ≈ 1 h (refs. 21,22) suggest that the X-rays were generated 
by internal dissipation within the jet at a distance of less than 2tvarΓ2c ≈ 
0.01 pc (tvar/h)(Γ/10)2 from the black hole and that our line of sight was 
within the relativistic beaming cone of the jet, as was also the case for 
Swift J1644+57. Here, Γ ≈ 10 is the jet Lorentz factor (as constrained by 
the radio spectrum, see Methods section ‘Relativistic evolution of the 
radio source’) and c is the speed of light. The jet power of AT2022cmc 
inferred from X-ray observations is consistent with being generated by 
the Penrose–Blandford–Żnajek mechanism in a magnetically arrested 

disk23. Under this mechanism, we infer from the jet power that the SMBH 
is rapidly rotating with a spin parameter a ≳ 0.3 for AT2022cmc and 
a ≳ 0.7 for Swift J1644+57. We conclude that a high spin is probably 
required to launch a relativistic jet.

The optical and ultraviolet observations revealed a fast-fading red 
‘flare’ (approximately 1 d) that transitioned quickly to a slow blue  
‘plateau’, enabling the study of two components generated by the tidal 
disruption: the relativistic jet and the thermal component from bound 
stellar debris accreting onto the black hole. The fast-fading red com-
ponent can be explained as follows. As the jet, which carried 1053 to 
1054 erg of isotropic-equivalent energy, propagated to large distances 
of rdec ≈ 0.2 pc, it was greatly decelerated by driving a forward shock 
into the surrounding gas of hydrogen with number density of the order 
1 cm−3 (see Methods). At the same time, a reverse shock was propagating 
into the jet material, similar to cosmological GRBs24. Electrons were 
accelerated to relativistic speeds by these shocks and then produced 
synchrotron emission at wavelengths of radio/millimetre to X-ray.  

Rest-frame days

L Q
�(e

rg
 s

−1
H

z−1
)

J1644+57 (170 GHz)

18cow (230 GHz)

20xnd (80 GHz)

22cmc (100 GHz)

TDE
LGRB
LLGRB
LFBOT
CC SN

108 1010

1048 2022 Feb 16 (2 d)
2022 Feb 22–23 (5 d)
2022 Mar 09–13 (12 d–14 d)

Q (Hz)

1046

1044

1042

1040

1012 1014

1045

1015

1016 1018

–28c d

a b

A
bs

ol
ut

e 
m

ag
ni

tu
de

 (A
B

)

–26

–24

GRB
LFBOT AT2018cow
AT2022cmc

–22

Rest-frame days

–20

–18

101 102

Rest-frame days since discovery

O
bs

er
ve

d 
0.

3–
10

 k
eV

 is
ot

ro
pi

c 
eq

ui
va

le
nt

 lu
m

in
os

ity
 (e

rg
 s

–1
) Swift J1644+57

Swift J2058+05
LFBOTs
AT2022cmc
GRBs

1041

1042

1043

1044

1045

1046

1047

1048

1031

1033

1027

1029

1025

X-ray best fit absorption corrected

101 102100

10110–1 100

QL
Q�
(e

rg
 s

−1
)

Fig. 2 | AT2022cmc is among the most luminous extragalactic transients 
ever observed. a, Comparison between the X-ray observations of AT2022cmc, 
the jetted TDE candidates Swift J1644+57 and Swift J2058+05, GRBs, and 
luminous fast blue optical transients (LFBOTs). The onset time is here set to the 
first ZTF detection, but its true value is poorly constrained. b, Submillimeter 
Array (SMA) millimetre light curve of AT2022cmc compared to light curves  
of millimetre-bright cosmic explosions at similar frequencies (frequencies 
provided in the rest frame): long-duration γ-ray bursts (LGRBs), low-luminosity 
GRBs (LLGRBs), LFBOTs, core-collapse supernovae (CC SN) and TDEs.  

c, Comparison between the optical light curve of AT2022cmc K-corrected to 
r-band (see Methods section ‘Comparison between AT2022cmc and other 
energetic transients’), the light curves of GRB afterglows, and the light curve  
of the prototypical LFBOT AT2018cow. d, Radio to X-ray spectral energy 
distribution (SED). A change in the shape of the SED is especially evident in the 
optical/UV between 2022 February 16 and March 09–13 (2 days, 5 days, and  
12–14 days in the rest frame from the first detection), suggesting a transition 
between two different emission components.
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around the black hole the rapid spin of which generated a pair of rela-
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0.01 pc (tvar/h)(Γ/10)2 from the black hole and that our line of sight was 
within the relativistic beaming cone of the jet, as was also the case for 
Swift J1644+57. Here, Γ ≈ 10 is the jet Lorentz factor (as constrained by 
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‘plateau’, enabling the study of two components generated by the tidal 
disruption: the relativistic jet and the thermal component from bound 
stellar debris accreting onto the black hole. The fast-fading red com-
ponent can be explained as follows. As the jet, which carried 1053 to 
1054 erg of isotropic-equivalent energy, propagated to large distances 
of rdec ≈ 0.2 pc, it was greatly decelerated by driving a forward shock 
into the surrounding gas of hydrogen with number density of the order 
1 cm−3 (see Methods). At the same time, a reverse shock was propagating 
into the jet material, similar to cosmological GRBs24. Electrons were 
accelerated to relativistic speeds by these shocks and then produced 
synchrotron emission at wavelengths of radio/millimetre to X-ray.  
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Fig. 2 | AT2022cmc is among the most luminous extragalactic transients 
ever observed. a, Comparison between the X-ray observations of AT2022cmc, 
the jetted TDE candidates Swift J1644+57 and Swift J2058+05, GRBs, and 
luminous fast blue optical transients (LFBOTs). The onset time is here set to the 
first ZTF detection, but its true value is poorly constrained. b, Submillimeter 
Array (SMA) millimetre light curve of AT2022cmc compared to light curves  
of millimetre-bright cosmic explosions at similar frequencies (frequencies 
provided in the rest frame): long-duration γ-ray bursts (LGRBs), low-luminosity 
GRBs (LLGRBs), LFBOTs, core-collapse supernovae (CC SN) and TDEs.  

c, Comparison between the optical light curve of AT2022cmc K-corrected to 
r-band (see Methods section ‘Comparison between AT2022cmc and other 
energetic transients’), the light curves of GRB afterglows, and the light curve  
of the prototypical LFBOT AT2018cow. d, Radio to X-ray spectral energy 
distribution (SED). A change in the shape of the SED is especially evident in the 
optical/UV between 2022 February 16 and March 09–13 (2 days, 5 days, and  
12–14 days in the rest frame from the first detection), suggesting a transition 
between two different emission components.
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Table 1 (Continued)

Name Surveya Waveband Redshift
log LBB

b

(erg s−1) log TBB (K) Referencec

AT2018lna/ZTF19aabbnzo ZTF O 0.091 44.56 4.59 van Velzen et al. 2021
AT2018lni/ZTF18actaqdw ZTF O 0.138 44.21 4.38 van Velzen et al. 2021
AT2019ahk/ASASSN-19bt ASAS-SN O 0.0262 44.08 4.30 Holoien et al. 2019b
AT2019azh/ASASSN-19dj ASAS-SN O 0.0222 44.50 4.51 van Velzen et al. 2021
AT2019bhf/ZTF19aakswrb ZTF O 0.1206 43.91 4.27 van Velzen et al. 2021
AT2019cho/ZTF19aakiwze ZTF O 0.193 43.98 4.19 van Velzen et al. 2021
AT2019dsg/ZTF19aapreis ZTF O 0.0512 44.26 4.59 van Velzen et al. 2021
AT2019ehz/Gaia19bpt Gaia O 0.074 44.03 4.34 van Velzen et al. 2021
AT2019eve/ZTF19aatylnl ZTF O 0.0813 43.14 4.06 van Velzen et al. 2021
AT2019lwu/ZTF19abidbya ZTF O 0.117 43.60 4.14 van Velzen et al. 2021
AT2019meg/ZTF19abhhjcc ZTF O 0.152 44.36 4.44 van Velzen et al. 2021
AT2019mha/ATLAS19qqu ATLAS O 0.148 44.05 4.35 van Velzen et al. 2021
AT2019qiz/ZTF19abzrhgq ZTF O 0.0151 43.44 4.27 van Velzen et al. 2021

aSurvey that first discovered the nuclear transient.
bIntegrated blackbody luminosity except for X-ray selected TDEs for which the absorbed luminosity in the 0.3–2-keV band is given.
cPublication in which the luminosity and temperature were used.
Abbreviations: ASAS-SN, All-Sky Automated Survey for Supernovae; GALEX,Galaxy Evolution Explorer; ND, no data; OGLE, Optical Gravitational
Lensing Experiment; PS, Pan-STARRS; PTF, Palomar Transient Factory; SDSS, Sloan Digital Sky Survey; XMM, XMM-Newton; ZTF, Zwicky Transient
Facility.
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Figure 2
(a) Cumulative histogram of TDEs reported in the literature, color-coded by the wavelength in which they
were discovered: X-ray (black), UV (blue), gamma-ray (purple), and optical (green). (b) Peak luminosity versus
blackbody temperature for 56 TDEs reported in the literature, color-coded by the wavelength in which they
were discovered: UV-optical (green), X-ray (black), and 10 of the UV-optically selected TDEs with detected
X-ray components (gray). The UV-optical luminosities are calculated for the entire blackbody, whereas the
X-ray luminosities are only for the 0.3–2-keV band but should account for most of the bolometric
luminosity given the extremely soft temperatures observed. The region of expected thermal emission from a
circularized debris disk formed from the tidal disruption of a solar-type star by a ∼106–108 M! black hole is
shown in orange. Note that neither of the two components are in agreement with emission expected from a
simple debris disk.
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Observation: Optical
Optical TDEs (2010s~)

such that half the mass is gravitationally bound to the black hole (!ϵ < 0) and, thus, available to be
accreted. The fallback timescale (tfb), the characteristic minimum timescale in a TDE, is defined
as the orbital period of the most bound debris,

tfb = 2πGMBH(2E )−3/2 = π

M⋆

(
MBHR3

⋆

2G

)1/2

= 0.11 year r3/2⋆ M1/2
6 m−1

⋆ . 4.

The fact that tfb scales with the square root of the black hole mass implies that the timing of
TDE flares should in principle be used to yield information on the mass of the central black hole.
Another fundamental property of the fallback of the debris streams is that if their specific energy
distribution is uniform, i.e., dE/dM = 0, then the rate at which material returns to pericenter can
be derived as

dM
dE

dE
dt

= 2π
3

(GMBH)2/3
dM
dE

t−5/3 5.

and follows a power law, dM/dt ∝ (t − tD)−5/3. In the case of a partial disruption, a steeper power-
law decline is expected, dM/dt ∝ (t − tD)−9/4 (Coughlin & Nixon 2019). In addition, the internal
structure (Ramirez-Ruiz & Rosswog 2009, Guillochon & Ramirez-Ruiz 2013, Golightly et al.
2019b) and spin (Golightly et al. 2019a) of the star, as well as the spin of the black hole (Kesden
2012b, Gafton & Rosswog 2019) and the impact parameter of the star’s orbit (Gafton & Rosswog
2019), will have an imprint on the energy distribution of the debris and, thus, the fallback rate.

One of the most remarkable observed characteristics of TDEs is that, at face value, they appear
to have a light curve that follows the general shape of the theoretical TDE fallback rate (Figure 4).
In fact, when one fits a t−5/3 power law to the light curve on its decline from peak, there is a strong
correlation between the time of peak since the inferred time of disruption, !t = (tpeak − tD), and

AT2018lna
AT2019azh
PS1-10jh
AT2019meg
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PS1-11af
AT2019ehz
AT2019cho
AT2019ahk
PTF-09ge
AT2019qiz

t–5/3
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)]
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–100 –50 0 50 100 150 200
Days since peak

Figure 4
Compilation of bolometric luminosity curves of TDEs with well-sampled prepeak optical light curves,
labeled by their AT name, with the exception of PS1-10jh, PS1-11af, and PTF-09ge. The light curves were
constructed by scaling the r-band light curve by the peak bolometric luminosity determined from a
blackbody fit to the optical+UV photometry reported by van Velzen et al. (2020) and assuming no evolution
in temperature. In the case of PTF-09ge, no UV observations were taken at the time of the event, and so the
bolometric luminosity is estimated from its optical spectrum. In the case of AT2019ahk/ASASSN-19bt, I
plot the Swift uvw2 light curve scaled by the peak bolometric luminosity. Also shown is a t−5/3 power-law
decline fit to these curves after peak. Abbreviation: AT, astronomical transient.
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✓In galactic nuclear regions
(not AGN)

✓Lx~1044 erg/s (~LEdd)
✓T~30000K, Rbb~1015cm
✓L ~ t-5/3

Table 1 (Continued)

Name Surveya Waveband Redshift
log LBB

b

(erg s−1) log TBB (K) Referencec

AT2018lna/ZTF19aabbnzo ZTF O 0.091 44.56 4.59 van Velzen et al. 2021
AT2018lni/ZTF18actaqdw ZTF O 0.138 44.21 4.38 van Velzen et al. 2021
AT2019ahk/ASASSN-19bt ASAS-SN O 0.0262 44.08 4.30 Holoien et al. 2019b
AT2019azh/ASASSN-19dj ASAS-SN O 0.0222 44.50 4.51 van Velzen et al. 2021
AT2019bhf/ZTF19aakswrb ZTF O 0.1206 43.91 4.27 van Velzen et al. 2021
AT2019cho/ZTF19aakiwze ZTF O 0.193 43.98 4.19 van Velzen et al. 2021
AT2019dsg/ZTF19aapreis ZTF O 0.0512 44.26 4.59 van Velzen et al. 2021
AT2019ehz/Gaia19bpt Gaia O 0.074 44.03 4.34 van Velzen et al. 2021
AT2019eve/ZTF19aatylnl ZTF O 0.0813 43.14 4.06 van Velzen et al. 2021
AT2019lwu/ZTF19abidbya ZTF O 0.117 43.60 4.14 van Velzen et al. 2021
AT2019meg/ZTF19abhhjcc ZTF O 0.152 44.36 4.44 van Velzen et al. 2021
AT2019mha/ATLAS19qqu ATLAS O 0.148 44.05 4.35 van Velzen et al. 2021
AT2019qiz/ZTF19abzrhgq ZTF O 0.0151 43.44 4.27 van Velzen et al. 2021

aSurvey that first discovered the nuclear transient.
bIntegrated blackbody luminosity except for X-ray selected TDEs for which the absorbed luminosity in the 0.3–2-keV band is given.
cPublication in which the luminosity and temperature were used.
Abbreviations: ASAS-SN, All-Sky Automated Survey for Supernovae; GALEX,Galaxy Evolution Explorer; ND, no data; OGLE, Optical Gravitational
Lensing Experiment; PS, Pan-STARRS; PTF, Palomar Transient Factory; SDSS, Sloan Digital Sky Survey; XMM, XMM-Newton; ZTF, Zwicky Transient
Facility.
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Figure 2
(a) Cumulative histogram of TDEs reported in the literature, color-coded by the wavelength in which they
were discovered: X-ray (black), UV (blue), gamma-ray (purple), and optical (green). (b) Peak luminosity versus
blackbody temperature for 56 TDEs reported in the literature, color-coded by the wavelength in which they
were discovered: UV-optical (green), X-ray (black), and 10 of the UV-optically selected TDEs with detected
X-ray components (gray). The UV-optical luminosities are calculated for the entire blackbody, whereas the
X-ray luminosities are only for the 0.3–2-keV band but should account for most of the bolometric
luminosity given the extremely soft temperatures observed. The region of expected thermal emission from a
circularized debris disk formed from the tidal disruption of a solar-type star by a ∼106–108 M! black hole is
shown in orange. Note that neither of the two components are in agreement with emission expected from a
simple debris disk.
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How to Produce Optical Emission?



Reprocessing
X-ray from Disk?

Here, we present the results of the first realistic simulation to
understand the super-Eddington accretion and emission physics
in TDEs. It has been predicted that in super-Eddington
accretion photons are trapped within the accretion flow and a
geometrically thick accretion disk forms due to large radiation
pressure (Begelman 1978; Abramowicz et al. 1988). Recently,
the development of novel radiation magnetohydrodynamics
(MHD) codes, some of which also performed under full general
relativity (GR), have helped us understand more about such
accretion flows (e.g., Ohsuga et al. 2005; Jiang et al. 2014;
McKinney et al. 2014; Saḑowski et al. 2015). These works
have demonstrated that wide-angle fast outflows are launched
from the disk. Also, if large-scale ordered magnetic fluxes are
provided to the accretion flow around a spinning black hole, a
relativistic jet can be produced magnetically (McKinney
et al. 2015).

Previous super-Eddington simulations have mostly focused
on extended disks around stellar-mass black holes. In order to
study TDE disks, we simulate a compact super-Eddington
accretion disk around an SMBH, using a 3D fully general
relativistic radiation magnetohydrodynamics (GRRMHD) code
(Section 2.1). We then post-process the simulation data for
radiative transfer analysis using a Monte Carlo code

(Section 2.2). We illustrate the qualitative results in the
schematic Figure 1 and give details in Section 3. Our summary,
with caveats and a discussion of future work, is found in
Section 4.

2. TDE Super-Eddington Accretion: Methodology

Reprocessing of emission by an optically thick envelope,
such as the outflows from super-Eddington accretion, has been
discussed in Loeb & Ulmer (1997), Strubbe & Quataert (2009),
Coughlin & Begelman (2014), Metzger & Stone (2016), and
Roth et al. (2016). In particular, Metzger & Stone (2016) and
Roth et al. (2016) suggested that there could be a viewing-angle
dependence for emission, though they still used a spherically
symmetric envelope with an ad hoc profile for calculations. A
general relativistic simulation of a super-Eddington TDE disk
is the key to providing a clear, qualitative understanding of the
outflow profile and the viewing-angle dependence of the
observed emission.

2.1. Fully 3D GR Radiation MHD Simulation Setup

We simulate a super-Eddington TDE disk using the fully 3D
general relativistic radiation magnetohydrodynamics (GRRMHD)

Figure 1. A schematic picture showing the viewing-angle dependence for the observed emission from a TDE super-Eddington disk. The emission from the inner disk
is reprocessed by the optically thick outflows and outer disk. Only when the observer is looking into the optically thin funnel is the inner disk exposed, which can
reveal strong, beamed X-ray and EUV radiation. Otherwise, X-rays are reprocessed into optical/NUV emission via photoionization (in a denser outflow or disk at high
inclination angles) or adiabatic cooling (in an ultrafast outflow at low inclination angles). A jet is included in the picture for completeness, though most TDEs may not
produce jets.
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Rossi 2011), suggesting that after 1 year, the X-rays are now more
closely following the fallback rate.

The Swift XRT and XMM-Newton observations follow the
brightening of the absorbed X-ray flux by a factor of 10 from
~ ´ -5 10 14 erg s−1 cm−2 to ~ ´ -5 10 13 erg s−1 cm−2 over a
time period of 1 year (see Figure 3). This is in stark contrast to
the fading of the UV flux by a factor of 100 over this same time
period. This difference in temporal behavior, combined with
the much larger inferred radius of the UV/optical emission
from blackbody fits of –10 1014 15 cm (Holoien et al. 2016a),
suggests that these components are physically distinct.

3.2. UV Fading

In Figure 3, we plot the total UV/optical flux by scaling the
UVW2 flux density to match the bolometric flux measured from
a blackbody fit to the UV/optical blackbody component
50–100 days after discovery reported by Holoien et al. (2016a).
The UV/optical light curve decline at late times is shallower
than the exponential decline with t = 46.5 day fitted by
Holoien et al. (2016a) from the first 100 days of Swift
monitoring and is steeper than the -t 5 3 power-law decay
expected for the bolometric luminosity evolution in a TDE
(Phinney 1989; Lodato et al. 2009; Guillochon & Ramirez-
Ruiz 2013). When we fit the light curve with a -t n power law,
we find = on 3 1, but any single power-law model is unable
to fit the plateau in UV/optical flux at late times.

3.3. Evolution of the Optical to X-Ray Ratio

In Figure 4, we plot L Lopt X in days since discovery for
ASASSN-14li and ASASSN-15oi (Holoien et al. 2016a,
2016b), as well as for two GALEX TDEs that had X-ray
detections in their late-time follow-up Chandra observations:
D3-13 and D1-19 (Gezari et al. 2006, 2008). We do not plot
TDEs with X-ray upper limits, such as PS1-10jh (Gezari et al.
2012), ASASSN-14ae (Holoien et al. 2014), iPTF16axa (Hung
et al. 2017), and iPTF16fnl (Blagorodnova et al. 2017; Brown

et al. 2018), since the X-ray band is on the Wien’s tail of the
thermal emission expected from TDEs, and it is not clear if a
non-detection in the 0.3–10 keV band of the X-ray detectors is
due to a low flux or a very soft spectrum. For example, if the
temperature of ASASSN-15oi had been just a little cooler,

~kT 30 eVbb , the flux density at 0.3 keV would have been a
factor of 50 fainter.
In the first year of monitoring ASASSN-15oi, there was a

dramatic decrease in the UV/optical to X-ray (0.3–10 keV)
luminosity ratio (L Lopt X) from ∼1000 to ∼1. This is in stark
contrast to the relatively constant ~L L 1opt X observed in
ASASSN-14li, the only other non-jetted TDE with a well-
sampled X-ray light curve. And yet, the blackbody temperature
and inferred radius for ASASSN-14li are very similar to that
measured for the soft X-ray component of ASASSN-15oi, with

=kT 51 eVbb and = ´ = -r M r1.7 10 cm 11BB
12

6
1

g (Miller
et al. 2015).

4. Discussion

In order to compare the evolution of ASASSN-15oi to the
relevant timescales for a TDE, we must first constrain its
central black hole mass. Holoien et al. (2016a) estimate

~ :M M10BH
7.1 from its host galaxy mass of o

:M1010.0 0.1

(consistent within the errors from the estimate of van Velzen
2017 of :M109.9 ) and assume a bulge-to-total mass ratio of
0.575 and the –M MBH bulge relation from McConnell &
Ma (2013).
However, we note that in the study of the velocity dispersion

( �s ) of TDE host galaxies by Wevers et al. (2017), they find
that the inferred MBH in TDEs are systematically higher when
using the –M MBH bulge relation than when using the �s–MBH
relation. Similarly, AGNs are found to have black hole masses
that lie an order of magnitude below the –M MBH bulge relation
established from dynamical studies of local galaxies with larger
black hole masses than the AGN samples (Reines &
Volonteri 2015). Reines & Volonteri (2015) do find a scaling
relation between total stellar mass and black hole mass for
AGNs with < <: :M M M10 105

BH
8 that would imply a

black hole mass for the host galaxy of ASASSN-15oi of only
o

:
( ) M10 6.4 0.55 . Given the downward trend in the inferred black

hole mass for ASASSN-15oi, we scale our equations to a
:M106 black hole.

Figure 3. X-ray light curve of ASASSN-15oi measured by XMM-Newton
(XMM: cyan diamonds with 1σ error bars) and Swift XRT (black squares with
1σ error bars), in comparison to the blackbody fit to the UV/optical component
reported in Holoien et al. (2016a; UVOIR: blue crosses), and in our extended
UV monitoring in the UVW2 band with Swift UVOT (UW2: purple dots). The
UV/optical light declines more slowly than an exponential decline, and more
steeply than a -t 5 3 decline. The X-ray light curve brightens by a factor of 10
over 1 year, and then declines back to pre-event levels, at a rate consistent with
that expected for X-ray emission on the Wien’s tail of the thermal disk
emission.

Figure 4. Compilation of UV/optical to X-ray flux ratio for TDEs with both
components detected. Gray line shows the value of ~L L 1Xopt that appears to
be characteristic of the well-studied TDE ASASSN-14li.
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telescope (e.g., SRG/eROSITA and/or Einstein Probe;
Sunyaev et al. 2021; Yuan et al. 2022).

6. Conclusions

We have analyzed the XMM-Newton and Neil Gehrels Swift
Observatory X-ray and broadband UV/optical emission of 17
optically selected X-ray-detected TDEs discovered between
2014 and 2021 December; we also compare our sample with
the samples of optically discovered X-ray-quiet TDEs and
X-ray-discovered TDEs. Our main conclusions are as follows.

1. The X-ray light curves show a large diversity, with
sources rarely showing a power-law decay and a large
fraction showing a late-time brightening.

2. The X-ray spectra are extremely soft in most sources and
epochs, easily distinguishable from AGN X-ray spectra.

3. The overall behavior of the measured radius (normal-
ization) and temperature (shape) resulting from the X-ray
spectral fitting is in agreement with that expected for the
innermost region of a newly formed and time-evolving
accretion disk, including the cooling of the peak
temperature and a radius (in most cases) consistent with
the innermost stable orbit.

4. Sources with early-time faint X-ray emission show an
unphysical radius for the X-ray emission at these epochs,
while their temperature behaves as expected, indicating
the apparent suppression/absorption of their intrinsic
early X-ray emission.

5. The SED shape, as probed by the ratio (LBB/LX) between
the UV/optical and X-ray luminosities, has a large range
of values LBB/LX ä (0.5, 3000) at early times; at late

times, the range converges to disklike values, LBB/LX ä
(0.5, 10), for all sources.

6. The combined X-ray spectral and SED properties and
evolution favors a change in the optical depth (thick →
thin) for the high-energy photons through the line of
sight, instead of the delayed formation of the accretion
disk, in order to explain the late-time brightening
observed in some sources.

7. Three sources show a soft → hard X-ray spectral
transition, indicative of the formation of a hot corona
akin to active galaxies, with the state transitions occurring
at least 200 days after the UV/optical peak, but it is not
sustained for more than a couple of months.

8. We estimated that the fraction of optically discovered
TDEs that are X-ray-loud, with LX � 1042 erg s−1, is at
least 40% and that X-ray loudness is not dependent on
MBH.

9. We show that the TDE X-ray LF from 1041 to 1045 erg s−1

has a broken power-law shape in the form of dN dLX µ
LX

1.0 0.2-  at LX< Lbk and dN dL LX X
2.7 1.0µ -  at LX�

Lbk with a break luminosity of log L 44.1bk 0.5
0.3= -

+( ) erg
s−1, revealing a large population of TDEs with LX �
1042 erg s−1 (and high LBB/LX) for which the X-ray
emission cannot be detected with current instruments
unless it occurs at very low z.

10. We show that there is no dichotomy between optical and
X-ray-discovered TDEs. Instead, there is a continuous
range of early-time LBB/LX, at least as wide as LBB/LX ä
(0.1, 3000), with X-ray/optical surveys discovering
preferentially, but not exclusively, from the lower/higher

Figure 20. Distribution of peak LBB × early-time LX for different TDE populations. Squares show SRG/eROSITA (X-ray) discovered sources, circles show optically
discovered X-ray-detected, while diamonds show optically discovered with no X-ray detection. Filled markers represent detections in both UV/optical and X-rays
(early times), while open symbols represent upper limits in one of the two wavelength bands, where the arrows represent their 3σ upper limit. The colors are the same
as in Figure 19.
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Slow Circularization?

crossing this radius is mostly advected into the black hole
rather than radiated, so converting it into a luminosity simply
measures the amount of energy that would have been dissipated
to reach this radius if all the matter were on a perfectly circular
orbit. The resulting “luminosity” Lacc follows the same trend as
the actual energy dissipation rate above but is ∼0.5–1 orders of

magnitude greater throughout the simulation. This suggests that
some material is accreted almost radially, with little to no
orbital energy dissipated before accretion (Svirski et al. 2017).
The bottom panel of Figure 3 shows the approximate time

taken for photons to diffuse from near the black hole out to the
photosphere radius, assuming the material remains static. We

Figure 1. A year in the life of a TDE. We show snapshots of column density in the simulation of a 1 Me star on a parabolic orbit with β = 1, disrupted by a 106 Me
black hole, using 4 × 106 SPH particles in the Schwarzschild metric. The main panel shows the large-scale outflows after 365 days projected in the x–y plane with log
scale. Inset panels show the stream evolution on small scales (100 × 100 au), showing snapshots of column density projected in the x–y plane on a linear scale from 0
to 1500 g cm−2 (colors are allowed to saturate). The animation runs from 0 to 366 days. The real-time duration is 160 s. Data and scripts used to create the figure are
available on Zenodo: doi:10.5281/zenodo.11438154.
(An animation of this figure is available in the online article.)
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More Optical TDEs: Population Study

result to be significant if we can reject the null hypothesis that
the two samples are drawn from the same parent population at a
significance level of p< 0.05. We also show the cumulative
distributions of the light-curve properties and the cumulative
distributions of the host galaxy mass in Figures 5 and 6.

We first examine the properties measured from the light
curves. We do not find any significant (p-value< 0.05) dif-
ferences in the rise timescales of the light curves for the four
classes. We note that the spectral classifications in van Velzen
et al. (2021) contained many more TDE-H objects, including

events prior to ZTF-I, while three have been reclassified here as
another class following more spectroscopic observations,
which may explain why we no longer find a difference between
the rise times of these two classes. We find that the TDE-
featureless class has significantly hotter temperatures and larger
radii when compared to the TDE-H and TDE-H+He classes,
and higher peak blackbody and g-band luminosities when
compared to all other classes.
Both TDE-He and TDE-featureless show significant differ-

ences in their host galaxy properties when compared to TDE-H

Figure 4. The r-band absolute magnitude, blackbody luminosity, blackbody radius, and blackbody temperature for the TDEs in our sample. The TDE-featureless class
shows a distinct separation from the other classes in absolute magnitude and blackbody luminosity. All TDEs show a decrease in radius after peak, and there is a
spread in the change in temperature, with some events showing a modest decrease in temperature and some showing a modest increase in temperature.
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BB-fit light curve

captures a fraction of the total bolometric luminosity, with the
EUV and X-ray luminosity unaccounted for.

6.2. Luminosity Functions

While theoretical calculations show that the TDE rate may
decline by a factor of 5 from z= 0, to z= 1 (Kochanek 2016), a
detailed discussion of the redshift evolution of TDE rates is
beyond the scope of this work. Hereafter, we assume that the

TDE rate remains the same out to the highest redshift object in
our sample (i.e., z< 0.519).

6.2.1. Rest-frame g-band LF

In the upper panel of Figure 13, we show the distribution
of the 33 TDEs in the observed redshift versus peak rest-
frame g-band luminosity diagram, where the boundaries of
the nine logLg bins are indicated with vertical lines. For a
certain bin j with nj TDEs and width D Llogj g, the rate

Figure 12. Panels (a)–(o): correlations between TDE photometric properties, λEdd, and MBH. Symbol colors follow the same convention as in Figure 2 and Figure 9.
Hollow markers show objects at z > 0.24, where there is an observational bias toward selecting TDEs in higher-mass galaxies. Panel (a): the dotted line shows the
expected µR Mbb BH

2 3 scaling relation in a fiducial cooling envelop model (Metzger 2022); the dashed ( µR Mbb BH
0.15) and solid ( µR Mbb BH

0.09) lines show the best-fit
power laws using all markers and filled markers, respectively (see Section 6.3). Panel (d): the dotted line shows the expected Eddington ratio of peak fall-back
accretion rate l µ -M ;Edd BH

3 2 the dashed (l µ -MEdd BH
0.52) and solid (l µ -MEdd BH
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Hollow markers show objects at z > 0.24, where there is an observational bias toward selecting TDEs in higher-mass galaxies. Panel (a): the dotted line shows the
expected µR Mbb BH

2 3 scaling relation in a fiducial cooling envelop model (Metzger 2022); the dashed ( µR Mbb BH
0.15) and solid ( µR Mbb BH

0.09) lines show the best-fit
power laws using all markers and filled markers, respectively (see Section 6.3). Panel (d): the dotted line shows the expected Eddington ratio of peak fall-back
accretion rate l µ -M ;Edd BH

3 2 the dashed (l µ -MEdd BH
0.52) and solid (l µ -MEdd BH

0.74) lines show the best-fit power laws using all markers and filled markers,
respectively (see Section 6.1.3). Panel (e): the dotted line shows the expected fall-back timescale of µt M ;1 2 BH

1 2 the dashed ( µt M1 2 BH
0.14) and solid ( µt M1 2 BH

0.16)
lines show the best-fit power laws using all markers and filled markers, respectively (see Section 6.1.2). Panel (p): p-value of Kendall’s tau test for 15 pairs of
parameters. The results using 33 TDEs are shown outside the parenthesis, and the results using 28 TDEs at z < 0.24 are shown in the parenthesis. Significant
correlations with p < 0.05 are highlighted in red colors.
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✓Measuring σ of host
　=> BH mass from MBH-σ relation
✓Possible correlations(?)
　=> SMBH Census by TDEs(?)
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Late-time Plateau: New Indicator?

✓Opt/UV light curves flatten at late time: “Plateau”
✓Plateau is ubiquitous (~40/60 TDEs)
✓Disk model predicts Lpl~MBH2/3 => More reliable estimate of MBH?

radiatively cooled state. In this cold state, the initial viscous time is
extremely long, and the characteristic luminosity is

h» ´ -L L 0.5 10Edd
4 a -

( ) ( )M M0.1 10 .1 8
•

6 1.71 Such low
luminosities are at least two orders of magnitude dimmer than the
faintest of our late-time detections, and thus we can rule out this
type of model for the outcome of thermal instabilities in most TDF
disks. We note that the model of Shen & Matzner (2014) predicts
limit-cycle behavior, with intermittent episodes of runaway heating
that cause late-time TDF disks to expand back to a highly
luminous advective state. However, these episodes are so brief that
it is unlikely for an individual observing epoch to catch any late-
time TDF disk, let alone six, in them.

However, the low luminosities predicted after the state
changes of Shen & Matzner (2014) offer a speculative way to
explain the late-time nondetection of TDE1. If thermal
instabilities are suppressed in nature by iron opacity bumps
(Jiang et al. 2016), then TDF disks should often be thermally
stable. On occasion, however, a SMBH will disrupt a

low-metallicity star that may lack substantial quantities of
iron-group elements, leading to a state change and collapse of
the TDF disk to unobservably low FUV luminosities. A piece
of circumstantial evidence supporting this hypothesis may be
found in Figure 1. Of all the TDF host galaxies we modeled,
the host of TDE1 has the oldest stellar population, which is best
fit by a single burst of star formation 12.8 Gyr ago, hinting at a
low metallicity.
A final possible explanation for the nondetection of TDE1 is

a different type of disk state change, from a thermal, radiatively
efficient state to a “low-hard,” radiatively inefficient accretion
flow. In X-ray binaries, this type of transition is seen to occur at
accretion rates below ≈2% of the Eddington rate (Maccarone
2003). This type of state change produces a large drop in disk
thermal emission. The M•–σ relationship suggests that TDE1
has one of the highest black hole masses in our sample, making
it plausible that this TDF could have been the first to undergo
such a state transition. Radiatively inefficient accretion flows

Figure 10. Two-component (disk and power law) fits for our best-sampled flares. Data identical to Figures 4 and 5, but showing the result for a power law with an
index fixed at p=−5/3 plus our disk model. The slowly evolving FUV emission from this disk model is not important for the early-time observations, but provides a
good explanation for the late-time observations.
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Peak

Late-time plateau
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TDE scaling relationships 2467

MNRAS 527, 2452–2489 (2024)

Figure 10. Upper: TDE black hole mass–mass plots, where on the horizontal axis we plot the mass as inferred from the TDE plateau, and on the vertical axis,
we plot the mass as inferred from a galactic scaling relationship (on the left, we use the velocity dispersion σ , and on the right, the host galaxy mass Mgal).
The black dashed line shows M• = M•, i.e. perfect agreement between the independent approaches. Lower: the combined populations of black hole masses
and galactic properties (again on the left, we display velocity dispersion σ , and on the right the host galaxy mass Mgal). The points in grey are taken from the
paper Greene et al. (2020), while the points in blue are the TDEs, we are able to add in this analysis. The black dashed lines in these two plots are the scaling
relationships presented in Greene et al. (2020, our equations 53 and 54). The black hole masses inferred from the plateau luminosity correlate strongly with both
the black hole masses inferred from the host galaxy mass (Kendall’s τ = 0.46, p = 2.5 × 10−6) and host velocity dispersion (τ = 0.39, p = 1.3 × 10−3). It is
clear that the black hole masses inferred from the TDE plateaus fit as is expected with the pre-existing galactic populations.

The inferred (median and 1σ uncertainty) black hole spins
and masses of our sample are displayed in Fig. 12. For sources
with inferred masses below 107 M⊙, we have no black hole spin
constraining power from the plateau, and the distribution returns
the input flat distribution (with median a• = 0 and one-sigma
range ±0.67). At high inferred masses, the TDEs must be rapidly
rotating.

In Fig. 13, we plot the inferred black hole spin (median and
1σ uncertainty) plotted as a function of peak g-band luminosity,
and coloured by TDE spectral type, for the 49 TDEs in our
sample with plateau luminosity measurements. The spectral type
describes which broad lines are detected in the optical spectra of
the source, just Hydrogen (H), Hydrogen and Helium (H + He),
just Helium (He), or no lines (Featureless) (van Velzen et al.
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corresponding uncertainty of fj based on the Poisson error
(Gehrels 1986). For example, when nj= 4, the upper and
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Figure 13 with a single power law of
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line in Figure 13, is steeper than the power-law model with
γ= 1.6± 0.2 presented by van Velzen (2018).

Next, we describe the LF with a double power law of the
following:
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where −γ1 is the faint-end slope, −γ2 is the bright-end slope,
and Lbk is the characteristic break luminosity. We perform the
fit with MCMC, obtaining = ´-

+ -L 1.36 10 erg sbk 0.48
0.89 43 1,
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+ - - -N 2.87 10 Mpc yr0 1.68
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+0.261 0.80

0.61, and g =2
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+2.58 0.25

0.27. This model is shown as the solid gray line in
Figure 13.

The BIC value of the double power-law fit is smaller than the
single power-law fit by 6.07. According to Raftery (1995), a
BIC difference of 0–2 is weak, a difference of 2–6 is positive,
and a difference of 6–10 is strong. Therefore, we conclude that

a double power-law LF provides a better description of
the data.
Our result of f(Lg) is consistent with that provided by van

Velzen (2018) at Lg∼ 1043.5 erg s−1. For overluminous events,
ASASSN-15lh is the only object with Lg> 1043.6 erg s−1 in the
van Velzen (2018) sample. The fact that nine objects in our
sample have Lg> 1043.6 erg s−1 allows us to constrain the
upper end of the LF more precisely.
For subluminous events, the LF measured with the ZTF

sample is shallower, and the rate is about a factor of 2 smaller
than that measured by van Velzen (2018). No objects in our
sample have Lg< 1042.4 erg s−1, while three objects in the van
Velzen (2018) sample (GALEX-D1-9, GALEX-D23H-1, and
iPTF16fnl) have Lg≈ 1042.3 erg s−1. However, the two
GALEX events have relatively sparse light curves (note the
lack of data points on the rise in Figure 15 of Gezari et al. 2008;
and Figure 2 of Gezari et al. 2009), which can possibly lead to
an underestimation of their peak g-band luminosity.

6.2.2. UV and Optical Blackbody LF

Following the procedures outlined in Section 6.2.1, we
compute the TDE rate as a function of the peak UV and optical
blackbody luminosity (see Figure 14).
With L0= 1043 erg s−1, a single power-law fit yields
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Figure 13. Upper: redshift vs. log Lg for 33 TDEs in this work (circles) and 13
TDEs used by van Velzen (2018; crosses). The boundaries of the 9 luminosity
bins used in this work are indicated by the vertical dotted lines. Lower: TDE LF
in rest-frame g band. We show the single and double power-law fits as well as
the two LFs presented in van Velzen (2018).

Figure 14. Upper: redshift vs. log Lbb for 33 TDEs in this work (circles), and
vs. the peak X-ray luminosity for 13 SRG-selected TDEs presented by Sazonov
et al. (2021). Lower: TDE LF in terms of peak UV and optical blackbody
luminosity or peak 0.2–6 keV X-ray luminosity. The dotted and solid gray lines
show the single power-law (Equation (17)) and double power-law
(Equation (18)) fits. The dashed green line shows the X-ray LF given by
Sazonov et al. (2021). For the dashed and dotted lines, 1σ uncertainties are
indicated with the semitransparent regions.
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✓Optical, X-ray, IR surveys give comparable event rate
✓Rate ~ 1e-7/Mpc3/yr ~ 0.001x(SN rate)~1e-5/galaxy/yr
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sample have Lg< 1042.4 erg s−1, while three objects in the van
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iPTF16fnl) have Lg≈ 1042.3 erg s−1. However, the two
GALEX events have relatively sparse light curves (note the
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Figure 13. Upper: redshift vs. log Lg for 33 TDEs in this work (circles) and 13
TDEs used by van Velzen (2018; crosses). The boundaries of the 9 luminosity
bins used in this work are indicated by the vertical dotted lines. Lower: TDE LF
in rest-frame g band. We show the single and double power-law fits as well as
the two LFs presented in van Velzen (2018).

Figure 14. Upper: redshift vs. log Lbb for 33 TDEs in this work (circles), and
vs. the peak X-ray luminosity for 13 SRG-selected TDEs presented by Sazonov
et al. (2021). Lower: TDE LF in terms of peak UV and optical blackbody
luminosity or peak 0.2–6 keV X-ray luminosity. The dotted and solid gray lines
show the single power-law (Equation (17)) and double power-law
(Equation (18)) fits. The dashed green line shows the X-ray LF given by
Sazonov et al. (2021). For the dashed and dotted lines, 1σ uncertainties are
indicated with the semitransparent regions.
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van Velzen (2018) sample. The fact that nine objects in our
sample have Lg> 1043.6 erg s−1 allows us to constrain the
upper end of the LF more precisely.
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sample is shallower, and the rate is about a factor of 2 smaller
than that measured by van Velzen (2018). No objects in our
sample have Lg< 1042.4 erg s−1, while three objects in the van
Velzen (2018) sample (GALEX-D1-9, GALEX-D23H-1, and
iPTF16fnl) have Lg≈ 1042.3 erg s−1. However, the two
GALEX events have relatively sparse light curves (note the
lack of data points on the rise in Figure 15 of Gezari et al. 2008;
and Figure 2 of Gezari et al. 2009), which can possibly lead to
an underestimation of their peak g-band luminosity.

6.2.2. UV and Optical Blackbody LF

Following the procedures outlined in Section 6.2.1, we
compute the TDE rate as a function of the peak UV and optical
blackbody luminosity (see Figure 14).
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Figure 13. Upper: redshift vs. log Lg for 33 TDEs in this work (circles) and 13
TDEs used by van Velzen (2018; crosses). The boundaries of the 9 luminosity
bins used in this work are indicated by the vertical dotted lines. Lower: TDE LF
in rest-frame g band. We show the single and double power-law fits as well as
the two LFs presented in van Velzen (2018).

Figure 14. Upper: redshift vs. log Lbb for 33 TDEs in this work (circles), and
vs. the peak X-ray luminosity for 13 SRG-selected TDEs presented by Sazonov
et al. (2021). Lower: TDE LF in terms of peak UV and optical blackbody
luminosity or peak 0.2–6 keV X-ray luminosity. The dotted and solid gray lines
show the single power-law (Equation (17)) and double power-law
(Equation (18)) fits. The dashed green line shows the X-ray LF given by
Sazonov et al. (2021). For the dashed and dotted lines, 1σ uncertainties are
indicated with the semitransparent regions.
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Extreme Nuclear Transient (ENT)

Hinkle et al., Sci. Adv. 11, eadt0074 (2025)     4 June 2025
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less stark in mass, although the SFRs are still much higher. Last, as 
compared to the local galaxy population, the host masses are consis-
tent with the massive end of the blue sequence but with SFRs nearly 
two orders of magnitude higher than the expected SFR for this mass. 
However, this is expected as these galaxies reside at z ≈ 1 . When 
compared to the location of the star- forming main sequence at this 
redshift as probed by the COSMOS data, the difference is less 
marked. In particular, when compared to the expected SFR (91) 
given the star- forming main sequence at the redshift and stellar 
mass of Gaia16aaw and Gaia18cdj, they lie 0.45 and 0.36 dex above 
the relation, respectively. As compared to the typical dispersion 
about the star- forming main sequence of 0.2 to 0.5 dex (91,  92), 
these hosts appear high but consistent with a typical massive star- 
forming galaxy at z ≈ 1 . The masses of the hosts for Gaia16aaw and 
Gaia18cdj are quite high for z = 1 , far more massive than the typical 
galaxy at that redshift.

Using the scaling relationship between stellar mass and SMBH 
mass (32, 93), with a typical scatter of ~0.4 dex, we can estimate the 
central black hole masses. For the hosts of Gaia16aaw and Gaia18cdj, 
which have similar stellar masses, we find a MBH ∼ 108.4 M⊙ . Taking 
the limit on stellar mass for AT2021lwx, we find MBH < 108.5 M⊙ , 
which is consistent with previous estimates (29, 30). Despite being 
an upper limit, we can obtain a conservative lower bound by assum-
ing a peak luminosity that is capped at 10× the Eddington limit 
and calculating the corresponding SMBH mass. This yields a mass 
of > 106.7 M⊙ . Thus, the SMBH mass for AT2021lwx may be consis-
tent with normal TDEs, although only if the peak luminosity is sub-
stantially super- Eddington.
Presence of AGN activity
Our CIGALE fits also allow us to examine the contribution of 
AGN activity to the preflare emission of the Gaia sources. For 
Gaia16aaw, the fits prefer an AGN luminosity of 4.6 × 1045 erg s−1 
as compared to a stellar output of 3.3 × 1045 erg s−1. This suggests 
that Gaia16aaw hosts a relatively strong AGN, comparable to the 

combined stellar luminosity. For Gaia18cdj, the AGN luminosity is 
2.4 × 1045 erg s−1 and the stellar luminosity is 2.6 × 1045 erg s−1, 
consistent with a slightly weaker AGN relative to the stellar output. 
The fractional errors on the AGN luminosity estimates are much 
higher (≈50 to 100%) than the ≈20 to 25% fractional uncertainties 
for the stellar luminosity.

We can also assess the presence of AGN activity through the 
WISE W1 −W2 color and associated selection criteria (94, 95). 
Gaia16aaw has a color of W1 −W2 = 1.03 ± 0.05 Vega mag. This is 
redder than the ~0.8- mag threshold for local galaxies and the 0.33- mag 
color expected for star- forming galaxies at this redshift. However, 
the position of AGNs within this color space changes with red-
shift. For the AGN template in (94) at z = 1.03 , the W1 −W2 color 
is 1.41 Vega mag, suggesting that while the host of Gaia16aaw likely 
hosts an AGN, it may not be dominating the MIR emission.

The W1 −W2 color of Gaia18cdj is 0.49 ± 0.10 Vega mag, bluer 
than both the local threshold and the expected AGN color of 1.39 mag 
at the redshift of Gaia18cdj. It is redder than the 0.26- mag color for 
a typical star- forming galaxy at this redshift, supporting the likeli-
hood that the host of Gaia18cdj hosts a relatively weak AGN. From 
the observed NIR (rest- frame optical) spectrum of Gaia18cdj, we 
measured the flux of the narrow [O III] λ5007 line by fitting it as a 
Gaussian and estimating errors through Monte Carlo resampling. 
We find a flux of (1.8±0.3) × 10−17 erg s- 1 cm−2, with a full width at 
half maximum (FWHM) of 800 ± 150 km s−1 and an equivalent 
width (EW) of (4.2±0.8) Å. At the distance of Gaia18cdj, this flux 
corresponds to a luminosity of 8.1 × 1040 erg s−1. The luminosity and 
EW of the [O III] line are modest compared to quasars but consis-
tent with Seyferts [e.g., (96–98)]. In addition, the high linewidth 
supports an AGN origin, although the line is only marginally re-
solved in the R ~ 500 FIRE spectrum.

While the host of AT2021lwx is undetected and, therefore, we 
cannot use CIGALE or typical color selections to constrain preflare 
AGN activity, the archival photometry and follow- up spectra can be 

Fig. 5. Host- galaxy SFR as compared to stellar mass. The red points are the ENTs Gaia16aaw, Gaia18cdj, and AT2021lwx. The blue points are a comparison sample of 
TDEs, and the gold points are a comparison sample of ANTs. The background gray points are samples of local galaxies from SDSS (A) and z ~ 1 galaxies from COSMOS 
(B). In the two outer panels, we show normalized KDEs of the distributions for the various samples, excluding the limit for AT2021lwx in the ENT KDEs. The black dashed 
line indicates the star- forming main sequence at z = 1.
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ASASSN- 15lh, suggested to either be SLSN- I (38) or TDE (39), ri-
vals these high peak luminosities.

The blackbody properties of the ENTs are also consistent with some 
form of accretion onto an SMBH rather than an exotic class of SNe. 
The temperatures of the ENTs are hot at ~1.5 × 104 K and show little or 
very slow evolution during the flare. This is inconsistent with SLSNe, 
which quickly cool as the ejecta expands. However, this behavior is sim-
ilar to TDEs and ANTs, with a remarkable agreement between the 
ANT and ENT blackbody temperatures. The large effective radii of 
the ENTs are consistent with SLSNe and some ANTs, although the de-
creasing blackbody radii in time are more typical of TDEs and ANTs.

The light curve decay timescale of the ENTs is also far longer 
than most transients, which is consistent with TDEs occurring on 
massive SMBHs. The rest- frame durations for the flares to fade by 
half are (171±15) days for Gaia16aaw, (155±10) days for Gaia18cdj, 
and (205±20) days for AT2021lwx. Figure 4 shows the position of 
these ENTs in the parameter space of peak absolute magnitude and 
characteristic timescale. The ENTs stand out in this parameter space 
for being very luminous and long- lived. ASASSN- 15lh, which has a 
similar peak luminosity to the ENTs, decays more quickly, with a 
timescale of (57±10) days. The position of the ENTs in the upper 
right corner of this space indicates a high total radiated energy.

The radiated energies of the ENTs are (5.2±0.2) × 1052 erg for 
Gaia16aaw, (2.5±0.5) × 1053 erg for Gaia18cdj, and (2.2±0.1) × 1053 
erg for AT2021lwx. These extreme radiated energies correspond to 
high accreted masses of 0.3 to 1.4 M⊙ for a typical 10% accretion 
efficiency, far greater than typical TDEs and ANTs. The ENT flares 
are at least twice as energetic as the next most energetic known 
flares, PS1- 10adi (35) and ASASSN- 15lh (38, 39), and up to an order 
of magnitude higher in the cases of Gaia18cdj and AT2021lwx. While 
the estimates for the accreted mass are extreme compared to local 
transients, they are fully consistent with the tidal disruption of a 
high- mass ( ≳ 3 M⊙ ) star.

The dust properties of ENTs are very similar to other SMBH 
accretion- powered transients. To study the environment directly 
surrounding the SMBHs, we used NEOWISE data to probe the 
emission from hot dust as it reprocesses the intense UV/optical 
emission from the flare. By fitting the WISE IR SEDs as blackbodies, 
we find peak luminosities of ~0.3 × 1045 to 3 × 1045 erg s−1, tem-
peratures of ~1500 to 3000 K, and radii of ~0.05 to 0.15 pc, all 
consistent with hot dust in nuclear environments (42, 43). From the 
ratio of the peak IR luminosity to the peak UV/optical luminosity, 
we estimate dust covering fractions of ~0.2 to 0.4, which we confirm 
with models of the optical and IR light curves. These covering frac-
tions are consistent with AGN dust covering fractions at similar 
SMBH masses as well as dust- obscured TDE candidates (44). This 
indicates the presence of dense gas and dust near the SMBH, which 
likely supports the existence of AGN activity, whether weak or in the 
past, in each of the ENT hosts.

Accretion- powered transients often show x- ray emission, as do 
two of the three ENTs in our sample. Gaia16aaw and AT2021lwx 

Fig. 2. Spectra of the ENTs Gaia16aaw, Gaia18cdj, and AT2021lwx (in red 
shades) as compared to other luminous transients. More luminous events are 
toward the top of the figure. The comparison objects are a composite AGN/QSO 
spectrum from SDSS (178), ASASSN- 15lh [purple; (38, 39)], the ANTs AT2019brs (11), 
ASASSN- 17jz (34), and ASASSN- 18jd (10) (orange shades), the TDE candidates 
PS16dtm (36) and AT2019dsg (15) (blue shades), the SLSNe SN2020qlb (40) and 
SN2018lzi (37) (violet shades), and PS1- 10adi (35) (pink). Atmospheric telluric fea-
tures are marked with an ⊕ . Vertical dashed lines mark H, He, and Mg features in 
red, blue, and purple, respectively. The spectra are scaled and offset as needed to 
enhance readability.

Fig. 3. UV/optical bolometric light curves of the ENTs Gaia16aaw, Gaia18cdj, 
and AT2021lwx (in red shades) as compared to other luminous transients. The 
comparison objects are ASASSN- 15lh [purple; (38,  39)], the ANTs AT2019brs (11), 
ASASSN- 17jz (34), and ASASSN- 18jd (10) (orange shades), the TDE candidates 
PS16dtm (36) and AT2019dsg (15) (blue shades), the SLSNe SN2020qlb (40) and 
SN2018lzi (37) (violet shades), and PS1- 10adi (35) (pink). All data have had the host 
contribution removed and are corrected for Galactic foreground extinction.

D
ow

nloaded from
 https://w

w
w

.science.org at U
niversity of Tokyo on A

ugust 03, 2025

✓ Brightest Optical Transient, Very rare (>1e-3/yr/Gpc3)
✓ Happen in very peculiar galaxies (SFR>100Msun/yr) 

=> Massive Star TDEs?

Subrayan+23,Wiseman+23,Hinkle+25,Graham+25



Pop III TDEs?
High-redshift TDE 9

�0.5 0.0 0.5 1.0

F115W - F150W

�1.0

�0.5

0.0

0.5

F2
77

W
-

F4
44

W

QSOs

TDEs

Compact Gals

SNe Ia

Stars

SLSNe

HZTDE-1

�2 0 2

F150W - F444W

22

23

24

25

26

27

28

29

30

F1
50

W High z TDEs

QSOs

Stars

SLSNe

Compact Gals

HZTDE-1

�2 �1 0 1 2

F115W - F444W

�1.0

�0.5

0.0

0.5

1.0

F2
77

W
-

F4
44

W
QSOs

TDEs

Compact Gals

SNe IaStars

SLSNe

HZTDE-1

�1 0 1

F150W - F277W

�1.25

�1.00

�0.75

�0.50

�0.25

0.00

0.25

0.50

F2
77

W
-

F4
44

W

QSOs

TDEs

Compact Gals

SNe Ia

Stars

SLSNe

HZTDE-1

Figure 3. Color-color and color-magnitude plots of high redshift (z > 4) TDEs compared to potential point source contaminants,
modeled as described in Section 2.5. The purple central line is the parabola fit (Equation 2 and Table 1) to the TDE color-color
relationship, and the region surrounding it is the 0.2 mag of scatter seen in the TDE template colors from section 2.3. The
unshaded regions contain 95% of contaminants of a given type. The red star is HZTDE-1, the high-redshift TDE candidate we
identify in Section 3. The black x’s are the synthetic photometry of our TDE templates at z = 5. HZTDE-1 is notably brighter
than these templates because the majority of the template UV spectra are taken weeks to months after maximum brightness.
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[ ( )]f = å D= T L1 logj i
n

i i j g1 span, max,
j , and we compute the

corresponding uncertainty of fj based on the Poisson error
(Gehrels 1986). For example, when nj= 4, the upper and
lower limits of fj are f f= ´ 7.163 4j

u
j , and f =j

l

f ´ 2.086 4j .
First, we fit the seven solid data points in the lower panel of

Figure 13 with a single power law of

( ) ( ) ( )⎜ ⎟⎛⎝ ⎞⎠f = =
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L
d L

d L
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L
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. 15g
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For L0= 1043 erg s−1, we have  = ´-
+ - - -N 1.82 10 Mpc yr0 0.39

0.48 7 3 1,
and g = -

+2.00 0.14
0.15. The best-fit model, shown as the dotted gray

line in Figure 13, is steeper than the power-law model with
γ= 1.6± 0.2 presented by van Velzen (2018).

Next, we describe the LF with a double power law of the
following:

( ) ( )⎜ ⎟ ⎜ ⎟⎡⎣⎢⎛⎝ ⎞⎠ ⎛⎝ ⎞⎠ ⎤⎦⎥f = +
g g -

L N
L

L

L

L
16g

g g
0

bk bk

1
1 2

where −γ1 is the faint-end slope, −γ2 is the bright-end slope,
and Lbk is the characteristic break luminosity. We perform the
fit with MCMC, obtaining = ´-

+ -L 1.36 10 erg sbk 0.48
0.89 43 1,

 = ´-
+ - - -N 2.87 10 Mpc yr0 1.68

2.98 7 3 1, g = -
+0.261 0.80

0.61, and g =2

-
+2.58 0.25

0.27. This model is shown as the solid gray line in
Figure 13.

The BIC value of the double power-law fit is smaller than the
single power-law fit by 6.07. According to Raftery (1995), a
BIC difference of 0–2 is weak, a difference of 2–6 is positive,
and a difference of 6–10 is strong. Therefore, we conclude that

a double power-law LF provides a better description of
the data.
Our result of f(Lg) is consistent with that provided by van

Velzen (2018) at Lg∼ 1043.5 erg s−1. For overluminous events,
ASASSN-15lh is the only object with Lg> 1043.6 erg s−1 in the
van Velzen (2018) sample. The fact that nine objects in our
sample have Lg> 1043.6 erg s−1 allows us to constrain the
upper end of the LF more precisely.
For subluminous events, the LF measured with the ZTF

sample is shallower, and the rate is about a factor of 2 smaller
than that measured by van Velzen (2018). No objects in our
sample have Lg< 1042.4 erg s−1, while three objects in the van
Velzen (2018) sample (GALEX-D1-9, GALEX-D23H-1, and
iPTF16fnl) have Lg≈ 1042.3 erg s−1. However, the two
GALEX events have relatively sparse light curves (note the
lack of data points on the rise in Figure 15 of Gezari et al. 2008;
and Figure 2 of Gezari et al. 2009), which can possibly lead to
an underestimation of their peak g-band luminosity.

6.2.2. UV and Optical Blackbody LF

Following the procedures outlined in Section 6.2.1, we
compute the TDE rate as a function of the peak UV and optical
blackbody luminosity (see Figure 14).
With L0= 1043 erg s−1, a single power-law fit yields

( ) ( )

( )

⎜ ⎟⎛⎝ ⎞⎠f = ´-
+ - - -

- 

L
L
L

9.43 10 Mpc yr .

17

bb 3.04
4.53 7 3 1 bb

0

1.41 0.14

Figure 13. Upper: redshift vs. log Lg for 33 TDEs in this work (circles) and 13
TDEs used by van Velzen (2018; crosses). The boundaries of the 9 luminosity
bins used in this work are indicated by the vertical dotted lines. Lower: TDE LF
in rest-frame g band. We show the single and double power-law fits as well as
the two LFs presented in van Velzen (2018).

Figure 14. Upper: redshift vs. log Lbb for 33 TDEs in this work (circles), and
vs. the peak X-ray luminosity for 13 SRG-selected TDEs presented by Sazonov
et al. (2021). Lower: TDE LF in terms of peak UV and optical blackbody
luminosity or peak 0.2–6 keV X-ray luminosity. The dotted and solid gray lines
show the single power-law (Equation (17)) and double power-law
(Equation (18)) fits. The dashed green line shows the X-ray LF given by
Sazonov et al. (2021). For the dashed and dotted lines, 1σ uncertainties are
indicated with the semitransparent regions.
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Diversity in optical light curve

5. Survey Efficiency

For an ideal survey that scans the entire sky to a given flux
limit, the volumetric rate of a given type of transient can be
estimated using the following (Schmidt 1968):

( )
( )å å= =

+= =

 
T z V

1
1

1
, 7

i

N

i
i

N

i i i1 1 span, max,

where Tspan,i/(1+ zi) is the rest-frame duration of the
experiment within which the ith transient is selected, N is the
number of transients that have passed the flux limit, the
maximum volume º pV Di imax,

4
3 max,

3 , and Dmax is the maximum
luminosity distance (see Section 5.2). In this work, N= 33. For
the 16 ZTF-I TDEs, Tspan,i= 2 yr (from 2018 October 1 to
2020 September 30); while for the 17 ZTF-II TDEs,
Tspan,i= 1 yr (from 2020 October 1 to 2021 September 30).

5.1. Loss Function

For a realistic sky survey, Vmax in Equation (7) needs to be
replaced by the effective volume = V fmax max loss (Perley et al.
2020b). Here, the loss factor floss takes into account the facts
that the survey coverage is not all-sky, that the Galactic
extinction reduces the survey volume, that the limiting
magnitude of observations is not constant (it depends strongly

on the moon phase, weather, and airmass), and that fast-
evolving TDEs with fainter peak magnitudes are easier to be
missed.
To estimate floss, we took the observation history of ZTF. We

obtained the limiting magnitude for each observation (with a
certain field ID and MJD) from the exposure table of ZTF
DR14.33 For each TDE, using the light-curve model obtained
in Section 3.3, we simulated fake ZTF observations by
inserting 105 light curves uniformly across all sky and Tspan,i.
We then applied the cuts outlined in Section 2.2 to compute the
fraction of observations that would have passed our selection
criteria. The values of floss are given in the last column of
Table 4.

5.2. Maximum Volume

If the TDE candidate selection only depends on transient
photometric properties, then =D Dmax max,t, where Dmax,t is the
distance out to which a transient can be detected above the flux
limit of our experiments (i.e., mpeak< 18.75 for ZTF-I TDEs,
and mg,peak< 19.1 for ZTF-II TDEs). Dmax,t can be computed
using the redshifts and the best-fit values of Tbb, Lbb

Figure 9. Rest-frame g-band light curves of the 33 TDEs in our sample. The solid lines show the best-fit models.

33 Accessible at https://irsa.ipac.caltech.edu/data/ZTF/docs/ztf_metadata_
latest.db.
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Figure 2. (a) and (b): The UV/optical light curves of AT 2022dbl during the first and the second flare, respectively. 3-� upper limits are plotted
in down triangles. (c): The X-ray count rate of AT 2022dbl. The vertical dotted and dashed lines mark the approximate rise time of the first and
second flares, respectively. 3-� upper limits are plotted in down arrows.

these facts: First, the extended red wing of the 4400 - 5200
Å feature indicates the existence of H�, which is further sup-
ported by the existence of H↵. Second, it is unlikely that the
3900 - 4200 Å bump is dominated by H�, since H↵ is too
weak compared to this feature. Therefore, it should be domi-
nated by N III (4100), although the H� will slightly affect the
intensity. The N III �4100 lines are usually produced by the
Bowen mechanism, which requires He II Ly↵ lines at 304 Å.
Taking into account the extreme strength of N III �4100, the
He II emission should be strong. Moreover, the N III �4640
lines should also be produced via this mechanism. Therefore,
both the He II �4686 line and the N III �4640 line should be
considered. In addition, a He I �5876 component is involved
to cover the weak emission features in several spectra. To en-
sure reliability, the FWHM and the offset of the two features
of N III, as do those of H↵ and H�. The fitting results are
shown in Figure A1.

Despite careful selection of fitting components, the 4400 -
5200 Å feature is still hard to deblend due to its smoothness,
and hence it cannot prove or disprove the existence of He II
�4686 and the associated Bowen mechanism as well as the
intensity of N III �4640. Therefore, we only focus on the
evolution of the most prominent and unblended features: N
III �4100 and H↵. Furthermore, we also examine the power-
law indexes of the continua. Figure 5 illustrates the evolution
of the FWHM, velocity shift and luminosity of N III �4100
and H↵ emission lines, along with the power-law indexes of
the continua, during both flares.

For the LCO spectra taken during the first flare, the
FWHMs for the H↵ lines in all spectra are well above 10000
km s-1, showing a slowly narrowing trend from FWHM
⇠18000 km s-1 to ⇠12000 km s-1 during +0 d to +51 d to the
first peak. N III �4100 shows a narrowing trend from FWHM
⇠ 12000 km s-1 to ⇠9000 km s-1. Except for the first epoch,
neither of the N III �4100 lines nor H↵ exhibit clear shifts

Multiple optical flares in galactic center
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Figure 11. Historical lightcurves for AT2020vdq. The lightcurves for each survey/band have been binned in 3 days bins. For
clarity, we distinguish data from di↵erent surveys with di↵erent colors, but do not show di↵erent colors for each band (e.g.,
the ZTF lightcurve includes gri observations). We find no evidence for earlier flares in any of the data. ATLAS data rule out
similar-brightness flares in the last ⇠10 years.

Table 8. Summary of observations of AT2020vdq

Parameter Flare I Flare II

Host galaxy post-starburst, green-valley; MBH = 105.6 M�

Optical/UV flare Lbb=1042.8 erg s�1=0.1Ledd

Tbb = 104 K
rose over ⇠8 days
decayed over ⇠60 days

Lbb = 1044 erg s�1=2Ledd

Tbb = 104.3 K
rose over ⇠5 days
decayed over ⇠6 days
(one of the fastest evolving TDE flares)

Broad lines no early time spectra extremely broad (⇠0.1c), mildly blueshifted
Balmer, He I, He II, and Ly↵ lines (H+He TDE)

Narrow lines ⇠1000 km s�1, slightly redshifted (⇠100 km s�1)
Balmer (with large Balmer decrement), He I, He II,
and FeX detected

⇠1000 km s�1 lines detected that brightened over
the first few weeks, high but variable Balmer decre-
ment

X-ray No early-time X-ray observations, LX . 3 ⇥ 1041

erg s�1 ⇠1.4 years post-flare
LX⇠ within 2 weeks post-peak

Radio Detected as a LR ⇡ 1038 erg s�1 radio transient
⇠1.4 years after the initial flare. The radio-emitting
region was consistent with a non-relativistic (� ⇠
0.1), wide-angle outflow.

No new radio-emitting region was detected in the
⇠month post-rebrightening

after a fraction of the period of the SMBH binary, but it
eventually may increase again (Liu et al. 2009; Ricarte
et al. 2016). In no model of such events, however, is the
accretion rate expected to be increase after the first flare.
Hence, we would not expect a flare such as that observed
from AT2020vdq, which is more energetic during the
rebrightening.

We next consider the possibility that AT2020vdq is
two independent TDEs in a single galaxy. The TDE
rate has been measured to be ⇠3.2⇥10�5 yr�1 galaxy�1

using 33 ZTF TDEs. After monitoring these TDEs for
⇠3 years post-discovery, we would expect to detect a
mean of ⇠3.2 ⇥ 10�5 yr�1 Galaxy�1

⇥ 33 Galaxies⇥3

years= 0.003 additional TDEs. Thus, the probability
of observing one or more additional, independent TDE
from these 33 TDE hosts is 0.3%. While this probabil-
ity is not negligible, it suggests that it is unlikely that
we have observed two independent TDEs. However, we
urge careful consideration of this possibility in future
repeating pTDE analyses, as the probability of observ-
ing two independent events in a single galaxy will only
increase with time and as TDE samples grow.

Considering that post-starburst galaxies have elevated
TDE rates (by a factor of 10 to 100) as compared to
other types of galaxies, the time interval between two
independent TDEs may be as short as a few hundred
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Figure 1. The optical and UV lightcurves for the first (top)
and second (bottom) flares from AT2020vdq. Observations
are shown as scattered points. The best-fit parameteric,
evolving black body models, as described in Section 3.1 are
shown as solid lines.

We begin by describing the multiwavelength proper-
ties of the first flare from AT 2020vdq. These properties
are described in detail by Somalwar et al. (2023); Soma-
lwar & Ravi (2023); Yao et al. (2023).

AT2020vdq was first detected as an optical transient
by the Zwicky Transient Facility (ZTF) on Oct. 4 2020
(MJD 59126) using the selection described in Yao et al.
(2023) implemented using the AMPEL filter (Nordin
et al. 2019). It was located at the nucleus of a dwarf
galaxy at z = 0.045 with log M⇤/M� = 9.25. The stel-
lar velocity dispersion of the nucleus host galaxy was
measured to be �⇤ = 44 ± 3 km s�1 from a high reso-
lution spectrum obtained with ESI on the Keck II tele-
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Figure 2. The radio evolution of AT2020vdq. The black
scatter points show a VLA observation from 500 days af-
ter the initial flare, or equivalently 470 days before the sec-
ond flare. The red scatter points show a VLA observations
from eight days after the rebrightening. The green upper
limit shows a NOEMA observation from two weeks after the
rebrightening. Both SEDs can be fit with spherical, non-
relativistic synchrotron models. No young emitting compo-
nent is required in the SED from shortly after the rebright-
ening.

scope (Yao et al. 2023). This dispersion corresponds to
a black hole mass of log MBH,�⇤/M� = 5.59±0.37 using
the MBH � �⇤ relation from Kormendy & Ho (2013b).
We refer the reader to Yao et al. (2023); Somalwar et al.
(2023); Somalwar & Ravi (2023) for more details of the
host observations and analysis.

The first optical flare from AT2020vdq is shown in the
top panel of Figure 1. The optical flare peaked in the r-
band near Sept. 23 2020 (MJD 59115). This peak was fit
to a blackbody by Yao et al. (2023), who found that the
peak is consistent with a blackbody with temperature
log Tbb/K = 4.16 and luminosity log Lbb/(erg s�1) =
42.99. Note that this measurement is based on observa-
tions in only the g and r bands, so unknown systematic
errors render the results uncertain. Stronger constraints
are not possible because no UV observations were ob-
tained at peak. This luminosity makes AT 2020vdq the
lowest luminosity TDE in the Yao et al. (2023) sample,
even relative to events with lower black hole masses. The
flare temperature is also in the coolest 20% quantile of
the sample.

AT2020vdq was detected as a radio source in 3 GHz
observations from the VLA Sky Survey (VLASS; Lacy
et al. 2020) on Oct. 9 2021 (MJD 59496), or ⇠1 year af-
ter the first optical peak. It had a flux of f⌫,3GHz =

3

�20 0 20 40 60 80 100
41.0

41.5

42.0

42.5

43.0

43.5

44.0

lo
g
�
L

�
/(

er
g

s�
1 )

Flare I

best-fit

LT g

LT i

LT r

LT u

c

g

i

o

r

uvm2

uvw1

uvw2

�20 0 20 40 60 80 100

t � tpeak [days]

41.0

41.5

42.0

42.5

43.0

43.5

44.0

lo
g
�
L

�
/(

er
g

s�
1 )

Flare II

Figure 1. The optical and UV lightcurves for the first (top)
and second (bottom) flares from AT2020vdq. Observations
are shown as scattered points. The best-fit parameteric,
evolving black body models, as described in Section 3.1 are
shown as solid lines.

We begin by describing the multiwavelength proper-
ties of the first flare from AT 2020vdq. These properties
are described in detail by Somalwar et al. (2023); Soma-
lwar & Ravi (2023); Yao et al. (2023).

AT2020vdq was first detected as an optical transient
by the Zwicky Transient Facility (ZTF) on Oct. 4 2020
(MJD 59126) using the selection described in Yao et al.
(2023) implemented using the AMPEL filter (Nordin
et al. 2019). It was located at the nucleus of a dwarf
galaxy at z = 0.045 with log M⇤/M� = 9.25. The stel-
lar velocity dispersion of the nucleus host galaxy was
measured to be �⇤ = 44 ± 3 km s�1 from a high reso-
lution spectrum obtained with ESI on the Keck II tele-
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Figure 2. The radio evolution of AT2020vdq. The black
scatter points show a VLA observation from 500 days af-
ter the initial flare, or equivalently 470 days before the sec-
ond flare. The red scatter points show a VLA observations
from eight days after the rebrightening. The green upper
limit shows a NOEMA observation from two weeks after the
rebrightening. Both SEDs can be fit with spherical, non-
relativistic synchrotron models. No young emitting compo-
nent is required in the SED from shortly after the rebright-
ening.

scope (Yao et al. 2023). This dispersion corresponds to
a black hole mass of log MBH,�⇤/M� = 5.59±0.37 using
the MBH � �⇤ relation from Kormendy & Ho (2013b).
We refer the reader to Yao et al. (2023); Somalwar et al.
(2023); Somalwar & Ravi (2023) for more details of the
host observations and analysis.

The first optical flare from AT2020vdq is shown in the
top panel of Figure 1. The optical flare peaked in the r-
band near Sept. 23 2020 (MJD 59115). This peak was fit
to a blackbody by Yao et al. (2023), who found that the
peak is consistent with a blackbody with temperature
log Tbb/K = 4.16 and luminosity log Lbb/(erg s�1) =
42.99. Note that this measurement is based on observa-
tions in only the g and r bands, so unknown systematic
errors render the results uncertain. Stronger constraints
are not possible because no UV observations were ob-
tained at peak. This luminosity makes AT 2020vdq the
lowest luminosity TDE in the Yao et al. (2023) sample,
even relative to events with lower black hole masses. The
flare temperature is also in the coolest 20% quantile of
the sample.

AT2020vdq was detected as a radio source in 3 GHz
observations from the VLA Sky Survey (VLASS; Lacy
et al. 2020) on Oct. 9 2021 (MJD 59496), or ⇠1 year af-
ter the first optical peak. It had a flux of f⌫,3GHz =
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Figure 1. The historical light curves of the position of AT 2022dbl. We collect the optical photometric data after subtracting the host contribu-
tions from ZTF in the g and r bands, from ATLAS in the c and o bands, and from ASAS-SN in the g and V bands. Additionally, we compile
optical photometry from CRTS in the V band, PTF in the R band, and Gaia in the G band, along with the WISE mid-infrared (MIR) photometry
in the W1 and W2 bands. To improve the signal-to-noise ratio, we binned the data into 10-day bins for all optical bands except for Gaia-G, and
into approximately half-year bins for the MIR bands W1 and W2.

remains fairly constant at ⇠26000 K, while the blackbody
luminosity evolves slowly, peaking ⇠0.4 dex lower than the
previous flare. Although the flat peak has been well covered
by Swift, it has unfortunately entered safe mode since March
15, 2024, which was exactly when the source left the peak.
After that, the decline stage is sparsely covered by the ZTF g
and ATLAS o bands.

We characterize the light curves of both flares by the rest-
frame rise time from half-peak luminosity to peak luminosity
(t1/2,rise) and the decline time from peak luminosity to half-
peak luminosity (t1/2,decline). To extract these two timescales,
we fit the light curves with a Gaussian rise and a power-law
decline:

L(t) = L(tpeak)⇥

8
<

:
e-(t-tpeak)2/(2�2), t < tpeak;
� t-tpeak+⌧

⌧

�↵
, t > tpeak.

(1)

For the first flare, the rise and decline fittings are performed
on the o-band and blackbody luminosity, respectively. For
the second flare, the fitting is performed on the g-band lumi-
nosity. The best-fitted light curves are drawn in the top panel
of Figure 3, and the fitted parameters are listed in Table 1.

3.3. Optical Spectral Analysis

As introduced in Section 2.6, 3 LCO spectra taken dur-
ing the first flare were selected, while 4 optical spectra have
been taken during the second flare. In addition, an SDSS
host spectrum is available. All of these spectra are shown in
Figure 4. The spectral fitting procedures for each transient
spectrum are listed as follows:

(1) Host-galaxy subtraction. Since the host spectrum dis-
plays clear Ca II absorption doublets at 3910 - 4000 Å, and

the blue side has higher SNR than the red side, we used
these doublets for calibration. We fit and subtract the nearby
pseudo-continuum for both the transient and host spectra.
Then a least-squares fitting on the residuals gives the mul-
tiplication factor for the host galaxy component. Limited by
the wavelength range of the host spectrum, we perform the
fitting only within this range. The three representative LCO
spectra were taken at MJD 59638 (+0 d), MJD 59664 (+26 d)
and MJD 59690 (+51 d). The two HCT spectra taken at the
early stage of the second flare are discarded, as their SNRs
are too low for the host-galaxy subtraction and also for fur-
ther analysis.

(2) Continuum fitting. After subtracting the host compo-
nent, a power-law function is used to fit the continuum. In
the case of LCO spectra, the continuum windows are set to
the following line-free regions (in rest-frame wavelengths):
3700 - 3900 Å, 5200 - 5400 Å, 6100 - 6300 Å, 7100 - 7400
Å and 7600 - 8490 Å, with the exclusion of the telluric ab-
sorption regions. For the P200 spectra, the continuum and
telluric absorption regions are a bit different (see Figure A1).

(3) Line fitting. After subtracting the continuum, all resid-
uals exhibit multiple broad characteristics around 3900 -
4200 Å, 4400 - 5200 Å, and 6300 - 6900 Å, some showing
a faint broad bump around 5500 - 6100 Å. The broad feature
in the 3900 - 4200 Å range is symmetrical and peaks at ap-
proximately 4100 Å, possibly corresponding to N III (4100)
or H� (4101). In the range 4400 - 5200 Å, the characteristic
is asymmetric and could be a combination of N III (4640),
He II (4686) and H� (4861). Lastly, the broad feature in the
range 6300 - 6900 Å is symmetric and centers around 6560
Å. It is consistent with a broad H↵ (6563) emission line; The
5500 - 6100 Å feature can be tentatively interpreted as He I
(5876). The selection of the fitting components is based on
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remains fairly constant at ⇠26000 K, while the blackbody
luminosity evolves slowly, peaking ⇠0.4 dex lower than the
previous flare. Although the flat peak has been well covered
by Swift, it has unfortunately entered safe mode since March
15, 2024, which was exactly when the source left the peak.
After that, the decline stage is sparsely covered by the ZTF g
and ATLAS o bands.

We characterize the light curves of both flares by the rest-
frame rise time from half-peak luminosity to peak luminosity
(t1/2,rise) and the decline time from peak luminosity to half-
peak luminosity (t1/2,decline). To extract these two timescales,
we fit the light curves with a Gaussian rise and a power-law
decline:

L(t) = L(tpeak)⇥

8
<

:
e-(t-tpeak)2/(2�2), t < tpeak;
� t-tpeak+⌧

⌧

�↵
, t > tpeak.

(1)

For the first flare, the rise and decline fittings are performed
on the o-band and blackbody luminosity, respectively. For
the second flare, the fitting is performed on the g-band lumi-
nosity. The best-fitted light curves are drawn in the top panel
of Figure 3, and the fitted parameters are listed in Table 1.

3.3. Optical Spectral Analysis

As introduced in Section 2.6, 3 LCO spectra taken dur-
ing the first flare were selected, while 4 optical spectra have
been taken during the second flare. In addition, an SDSS
host spectrum is available. All of these spectra are shown in
Figure 4. The spectral fitting procedures for each transient
spectrum are listed as follows:

(1) Host-galaxy subtraction. Since the host spectrum dis-
plays clear Ca II absorption doublets at 3910 - 4000 Å, and

the blue side has higher SNR than the red side, we used
these doublets for calibration. We fit and subtract the nearby
pseudo-continuum for both the transient and host spectra.
Then a least-squares fitting on the residuals gives the mul-
tiplication factor for the host galaxy component. Limited by
the wavelength range of the host spectrum, we perform the
fitting only within this range. The three representative LCO
spectra were taken at MJD 59638 (+0 d), MJD 59664 (+26 d)
and MJD 59690 (+51 d). The two HCT spectra taken at the
early stage of the second flare are discarded, as their SNRs
are too low for the host-galaxy subtraction and also for fur-
ther analysis.

(2) Continuum fitting. After subtracting the host compo-
nent, a power-law function is used to fit the continuum. In
the case of LCO spectra, the continuum windows are set to
the following line-free regions (in rest-frame wavelengths):
3700 - 3900 Å, 5200 - 5400 Å, 6100 - 6300 Å, 7100 - 7400
Å and 7600 - 8490 Å, with the exclusion of the telluric ab-
sorption regions. For the P200 spectra, the continuum and
telluric absorption regions are a bit different (see Figure A1).

(3) Line fitting. After subtracting the continuum, all resid-
uals exhibit multiple broad characteristics around 3900 -
4200 Å, 4400 - 5200 Å, and 6300 - 6900 Å, some showing
a faint broad bump around 5500 - 6100 Å. The broad feature
in the 3900 - 4200 Å range is symmetrical and peaks at ap-
proximately 4100 Å, possibly corresponding to N III (4100)
or H� (4101). In the range 4400 - 5200 Å, the characteristic
is asymmetric and could be a combination of N III (4640),
He II (4686) and H� (4861). Lastly, the broad feature in the
range 6300 - 6900 Å is symmetric and centers around 6560
Å. It is consistent with a broad H↵ (6563) emission line; The
5500 - 6100 Å feature can be tentatively interpreted as He I
(5876). The selection of the fitting components is based on
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Figure 2. (a) and (b): The UV/optical light curves of AT 2022dbl during the first and the second flare, respectively. 3-� upper limits are plotted
in down triangles. (c): The X-ray count rate of AT 2022dbl. The vertical dotted and dashed lines mark the approximate rise time of the first and
second flares, respectively. 3-� upper limits are plotted in down arrows.

these facts: First, the extended red wing of the 4400 - 5200
Å feature indicates the existence of H�, which is further sup-
ported by the existence of H↵. Second, it is unlikely that the
3900 - 4200 Å bump is dominated by H�, since H↵ is too
weak compared to this feature. Therefore, it should be domi-
nated by N III (4100), although the H� will slightly affect the
intensity. The N III �4100 lines are usually produced by the
Bowen mechanism, which requires He II Ly↵ lines at 304 Å.
Taking into account the extreme strength of N III �4100, the
He II emission should be strong. Moreover, the N III �4640
lines should also be produced via this mechanism. Therefore,
both the He II �4686 line and the N III �4640 line should be
considered. In addition, a He I �5876 component is involved
to cover the weak emission features in several spectra. To en-
sure reliability, the FWHM and the offset of the two features
of N III, as do those of H↵ and H�. The fitting results are
shown in Figure A1.

Despite careful selection of fitting components, the 4400 -
5200 Å feature is still hard to deblend due to its smoothness,
and hence it cannot prove or disprove the existence of He II
�4686 and the associated Bowen mechanism as well as the
intensity of N III �4640. Therefore, we only focus on the
evolution of the most prominent and unblended features: N
III �4100 and H↵. Furthermore, we also examine the power-
law indexes of the continua. Figure 5 illustrates the evolution
of the FWHM, velocity shift and luminosity of N III �4100
and H↵ emission lines, along with the power-law indexes of
the continua, during both flares.

For the LCO spectra taken during the first flare, the
FWHMs for the H↵ lines in all spectra are well above 10000
km s-1, showing a slowly narrowing trend from FWHM
⇠18000 km s-1 to ⇠12000 km s-1 during +0 d to +51 d to the
first peak. N III �4100 shows a narrowing trend from FWHM
⇠ 12000 km s-1 to ⇠9000 km s-1. Except for the first epoch,
neither of the N III �4100 lines nor H↵ exhibit clear shifts
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similar-brightness flares in the last ⇠10 years.

Table 8. Summary of observations of AT2020vdq

Parameter Flare I Flare II

Host galaxy post-starburst, green-valley; MBH = 105.6 M�

Optical/UV flare Lbb=1042.8 erg s�1=0.1Ledd

Tbb = 104 K
rose over ⇠8 days
decayed over ⇠60 days

Lbb = 1044 erg s�1=2Ledd

Tbb = 104.3 K
rose over ⇠5 days
decayed over ⇠6 days
(one of the fastest evolving TDE flares)

Broad lines no early time spectra extremely broad (⇠0.1c), mildly blueshifted
Balmer, He I, He II, and Ly↵ lines (H+He TDE)

Narrow lines ⇠1000 km s�1, slightly redshifted (⇠100 km s�1)
Balmer (with large Balmer decrement), He I, He II,
and FeX detected

⇠1000 km s�1 lines detected that brightened over
the first few weeks, high but variable Balmer decre-
ment

X-ray No early-time X-ray observations, LX . 3 ⇥ 1041

erg s�1 ⇠1.4 years post-flare
LX⇠ within 2 weeks post-peak

Radio Detected as a LR ⇡ 1038 erg s�1 radio transient
⇠1.4 years after the initial flare. The radio-emitting
region was consistent with a non-relativistic (� ⇠
0.1), wide-angle outflow.

No new radio-emitting region was detected in the
⇠month post-rebrightening

after a fraction of the period of the SMBH binary, but it
eventually may increase again (Liu et al. 2009; Ricarte
et al. 2016). In no model of such events, however, is the
accretion rate expected to be increase after the first flare.
Hence, we would not expect a flare such as that observed
from AT2020vdq, which is more energetic during the
rebrightening.

We next consider the possibility that AT2020vdq is
two independent TDEs in a single galaxy. The TDE
rate has been measured to be ⇠3.2⇥10�5 yr�1 galaxy�1

using 33 ZTF TDEs. After monitoring these TDEs for
⇠3 years post-discovery, we would expect to detect a
mean of ⇠3.2 ⇥ 10�5 yr�1 Galaxy�1

⇥ 33 Galaxies⇥3

years= 0.003 additional TDEs. Thus, the probability
of observing one or more additional, independent TDE
from these 33 TDE hosts is 0.3%. While this probabil-
ity is not negligible, it suggests that it is unlikely that
we have observed two independent TDEs. However, we
urge careful consideration of this possibility in future
repeating pTDE analyses, as the probability of observ-
ing two independent events in a single galaxy will only
increase with time and as TDE samples grow.

Considering that post-starburst galaxies have elevated
TDE rates (by a factor of 10 to 100) as compared to
other types of galaxies, the time interval between two
independent TDEs may be as short as a few hundred
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Figure 1. Snapshots from multiple simulations depicting
the tidal disruption of a polytropic star (� = 4/3, M⇤ = M�,
R⇤ = M�, Mh = 106 M�, e = 1) and with di↵erent � pa-
rameters. The sizes of the snapshots have been adjusted for
clarity. In cases with large pericenters, e.g., � = 0.4, the tidal
force is too weak to cause a TDE, but it can induce stellar
oscillation. For intermediate �, the tidal force strips away
the outer layers of the star after the encounter, producing a
pTDE. For large �, the tidal force is strong enough to fully
destroy the star. The orbits with di↵erent � are indicated by
the white lines, and that with the transitional impact factor
�t ⇠ 1.1 is in between. When � . �t, the dominance of tidal
excitation over orbital change results in the remnant losing
orbital energy after the encounter. Conversely, if � & �t,
the dominance of asymmetric mass loss leads to the remnant
gaining orbital energy after the encounter. The inset panel
shows the projection of the gas density on the orbital plane
with � = 0.8 at t = 3⇥ 105 s since the beginning of the sim-
ulation. The material enclosed in the yellow contour is the
remnant. The left and right parts of the stream, enclosed by
the white lines, are the stripped mass, which are bound and
unbound to the central MBH, respectively.

elements for which have Eb,i < 0. Third, we re-evaluate
the reference velocity v0 to be the new center of mo-
mentum. This process is repeated until v0 converges to
a constant value.
When � . 0.5, the tidally stripped mass is. 10�6 M�

for both of � = 4/3 and � = 5/3, indicating negligible
mass loss in these cases. The stripped mass �M versus

� is shown in Figure 2, where�M increases steeply with
larger �, as expected.
To provide a physical interpretation of this trend, we

analytically estimate the relation between �M and �.
At the pericenter, the star momentarily overflows its
Roche lobe Rlobe ' �0Rp(Mh/M⇤)�1/3, which strips
away an exterior layer. The exact value of �0 depends on
the stellar structure, orbital eccentricity, and the mass
ratio Mh/M⇤ (Sepinsky et al. 2007). We take �0 = 0.5
and 0.55 for � = 5/3 and � = 4/3, respectively, accord-
ing to our simulation outcomes.
Assuming the stripped layer is a spherical shell at the

stellar surface with depth z(�) = R⇤ � Rlobe ' (1 �
�0/�)R⇤, we estimate the stripped mass as

�M(z) ' 4⇡R2
⇤

Z z

0
⇢(z0)dz0, (2)

where ⇢ is the gas density. Using the hydrostatic equa-
tion at the surface dP/dr ' �G⇢M⇤/R2

⇤, where P is
the pressure, and substituting the polytropic relation
P = K⇢� , with K given by (Chandrasekhar 1939)

K = 4⇡G
� � 1

�
⇢2��
c

✓
R⇤
⇠n

◆2

, (3)

we obtain
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n

✓
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'

8
><

>:

4
⇣
1� 0.5

�

⌘5/2
, � = 5/3

⇣
1� 0.55

�

⌘4
, � = 4/3.

(4)

For � = 4/3 and 5/3 polytropic stars, the dimension-
less radius is ⇠n = 6.9 and 3.6, and the ratio of central
density to average density is ⇢c/⇢⇤ = 54.2 and 6, respec-
tively.
Figure 2 shows that the analytical estimate closely

matches the simulation results. However, for large �,
when the tidal force is strong and tidal deformation is
significant, Eq. (4) underestimates the stripped mass.

2.2.2. Remnant’s orbit

As we determine the location and velocity of the stellar
remnant, we can further estimate the remnant’s orbital
motion, such as the relative velocity ~vrel and separation
distance ~Rrel between the remnant and the MBH. We
calculate the orbital energy of the remnant using

Eorb =
1

2
µ~v2rel �

G(Mh +Mrem)µ

|~Rrel|
, (5)
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Figure 2. Tidally stripped stellar mass versus �. The data
points are the results at the end of simulations. The solid
lines depict the analytical estimate given by Eq. (4). The
vertical dashed lines indicate the critical � for full TDEs,
which are �c = 0.9 for � = 5/3 and and �c = 1.85 for
� = 4/3 (Guillochon & Ramirez-Ruiz 2013). The circles,
stars, crosses, and square points represent the simulations
with default setup (Mh = 106 M�, M⇤ = M�,R⇤ = R�,
e = 1), with IMBH (Mh = 103 M�), with a small star (M⇤ =
0.1 M�, R⇤ = 0.16 R�), and on eccentric orbit (e = 0.9),
respectively. Overall, �M/M⇤ depends only on � and the
stellar structure �, but not on the MBH mass, stellar mass,
or stellar orbital eccentricity, consistent with the analytical
result.

where Mrem = M⇤ � �M and µ = MremMh/(Mh +
Mrem) are remnant mass and the reduced mass, respec-
tively. The specific energy is ✏orb = Eorb/µ.
The specific orbital angular momentum of the rem-

nant is calculated by

~jorb = ~Rrel ⇥ ~vrel. (6)

During the tidal stripping process, the orbital energy
and the angular momentum of the remnant change con-
tinuously due to two processes: 1) tidal excitation; 2)
mass loss due to tidal stripping.
Figure 3 shows the evolution of these quantities along

with the fractional stripped mass. After the star passes
the pericenter (t ⇠ 0.2 day), it starts to be rapidly
stripped by the tidal force. As the remnant moves
away from the MBH, the stripped mass gradually sta-
bilizes, and its orbit becomes stable. Our simulations
indicate that both the stripped mass and the remnant’s
orbit achieve stable values by the end of the simulations.
While the orbital angular momentum ~jorb for cases with
large � still appears to evolve slightly at the end of the
simulation, the overall change is minimal (. 10�4) and
can be considered negligible.
Initially, the orbital energy of the remnant decreases

and then increases to a constant value. This behavior

occurs because the tidal force overcomes the self-gravity,
inducing tidal oscillations that dissipate some of the or-
bital energy. Later, as the stripped mass flows away
from the remnant, the redistribution of energy causes
the remnant to gain some orbital energy. These e↵ects
are discussed in detail in section 3.1.
At the end of the simulations, some simulations have

remnant orbits bound to the MBHs (✏orb(t ! 1) < 0),
if these remnants continue along their eccentric orbits
without other perturbations, they will return to peri-
center and be tidally disrupted again. The orbital semi-
major axis can be calculated by

aorb = �G(Mh +Mrem)

2✏orb(t ! 1)
, (7)

and the orbital period is set by

Porb = 2⇡

s
a3orb

G(Mh +Mrem)
. (8)

We also find that the orbital angular momentum of
the remnant changes only slightly for bound cases (see
Figure 3), and the pericenter radius changes negligibly,
by only ⇠ 10�6Rp. Therefore, the remnant will return
to the same pericenter if it moves along the orbit without
any perturbations.
Conversely, if the remnants’ orbit is unbound

(✏orb(t ! 1) > 0), it will be ejected from the sys-
tem with a kick velocity vkick =

p
2✏orb(t ! 1). If the

kick velocity is high enough, the remnant may even es-
cape the galaxy hosting the TDE (Manukian et al. 2013;
Gafton et al. 2015) and become an intergalactic object.
In Figure 4, we plot the specific energy of the rem-

nant at the end of the simulations. One can see that
the trends for the two stellar structures are similar. For
small value of �, the remnant loses specific orbital en-
ergy. As � increases, the remnant eventually gains spe-
cific orbital energy with the energy change increasing
with �. Therefore, if the star is initially in a parabolic
orbit, after the partial disruption, the remnant can re-
main bound or become unbound to the MBH depending
on the value of �. We define a “transitional” impact fac-
tor parameter �t, which is approximately 1.1 for � = 4/3
and 0.62 for � = 5/3 polytropic stars. When � . �t (or
� & �t), the remnant is bound (or unbound). We also
find that the MBH mass and stellar orbital eccentricity
barely a↵ect this orbital energy change.
We interpolate the relation between the specific energy

change of the remnant and � as

�✏orb =

8
<

:
7.9�4 � 19.2�3 + 15.1�2 � 3.94� + 0.0035, � = 4/3

121�3 � 128�2 + 32.8� + 0.0011, � = 5/3

⇥ 1014erg g�1,
(9)
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the emission lines were consistent with a Type 2 Seyfert. At the
time, the event was considered to be a Type IIn supernova (SN)
with a blue continuum projected very close to the nucleus of a
Type 2 Seyfert, but strong AGN activity was not ruled out as a
possibility (Holoien et al. 2014a).

UltraViolet/Optical Telescope (UVOT) and X-Ray Tele-
scope (XRT) observations by the Neil Gehrels Swift Observa-
tory (Swift hereafter, Gehrels et al. 2004) were taken on UT
2014 November 16, 19, 21, 23, and 27 (PI: T. W.-S. Holoien,
ToO ID: 33529). These observations showed that the central
region of the galaxy had significantly brightened in the UV but
were consistent with archival magnitudes in the optical. These
Swift data also revealed X-ray emission, with fluxes of
(2.85± 0.8)× 10−13 and (3.1± 0.7)× 10−13 erg cm−2 s−1

on 2014 November 16 and 19, respectively. The X-ray
spectrum was consistent with highly absorbed AGNs with
a column density of ∼1023 cm−2 and a luminosity of
LX∼ 3× 1042 erg s−1 (Holoien et al. 2014a).

As part of ongoing work to examine the long-term behavior
of AGNs observed by ASAS-SN, a full light curve of ESO
253-G003 was extracted in 2020 February. The complete V-
and g-band light curve through 2020 September is shown in
Figure 1. Visual examination of the light curve revealed 16
roughly equal amplitude flares evenly spaced out over 6 yr, as
shown in Figure 2. The 17 outburst in Figure 2 was then
predicted and observed. The original ASASSN-14ko trigger
corresponds to the second outburst in the series. This initiated
the further analysis and photometric and spectroscopic follow-
up of ASASSN-14ko, which we report here. All photometric
data used in this analysis are presented in Table 1.

2.1. ASAS-SN Photometry

ASAS-SN is a network of 20 robotic telescopes hosted by
the Las Cumbres Observatory Global Telescope (LCOGT:
Brown et al. 2013) at five sites around the globe. Each
telescope consists of four 14 cm aperture Nikon telephoto
lenses with 8.0″ pixels and a 4.5°× 4.5° field of view. ASAS-

SN’s primary objective is to discover supernovae (SNe) by
surveying the entire visible sky every night. The ASAS-SN
data shown in Figure 2 includes both V-band and g-band
observations. In 2018, the first two ASAS-SN mounts
transitioned from the V band to g band to match the three
ASAS-SN telescopes deployed in 2017–2018.
The data were reduced using a fully automated pipeline based

on the ISIS image subtraction package (Alard & Lupton 1998;
Alard 2000). Each photometric epoch (usually) combines three
dithered 90 s image exposures with a 4.47°× 4.47° field of view
that is subtracted from a reference image. We then used the
Image Reduction and Analysis Facility (IRAF) package
apphot (Tody 1986, 1993) to perform aperture photometry
with a 2 pixel, or approximately 16.0″, radius aperture on each
subtracted image, generating a differential light curve. The
photometry was calibrated using the American Association of
Variable Star Observers (AAVSO) Photometric All-Sky Survey
(Henden et al. 2015). All low-quality ASAS-SN images of ESO
253-G003 were inspected by eye, and images with clouds or
other systematic problems were removed.

2.2. Swift UVOT Photometry

Following the original discovery, we requested Swift UVOT
(Roming et al. 2005) ToO observations (ToO ID: 33529). Then,
after we discovered its periodic nature, we again requested Swift
data (ToO IDs: 13836, 13979, 14005) to monitor ASASSN-
14ko during quiescence and then during the outburst predicted
for UT 2020 May 18.5 (see below). Data were obtained in six
filters (Poole et al. 2008): V (5468Å), B (4392Å), U (3465Å),
UVW1 (2600Å), UVM2 (2246Å), and UVW2 (1928Å). We
used the HEAsoft (HEASARC 2014) software task uvotsource
to extract the source counts using a 16.0″ radius aperture and
used a sky region of ∼40,0″ radius to estimate and subtract the
sky background. This aperture size was chosen to match the
ASAS-SN photometry. All fluxes were aperture corrected and
converted into magnitudes and fluxes using the most recent
UVOT calibration (Poole et al. 2008; Breeveld et al. 2010). The

Figure 1. The complete ASAS-SN V-band (green) and g-band (blue) data for ESO 253-G003. Seventeen complete flares were detected between 2014 and 2020. The
expected flare peaks predicted by the model described in Section 4.1 are shown by the shaded regions with widths of 30 days.
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Multi-peak optical flare: ASASSN14ko

✓More than 20 peaks with P-115days
✓L~1e+44erg/s, t~10days => E~1e+50erg per flare
✓Persistent emission LX~1e+43erg/s => AGN disk?
✓Disk instability? Star-disk interaction?
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Multiple X-ray flare
:Quasi-Periodic Eruption (QPEs)

4 Pasham et al.

Figure 1. 0.25-2.5 keV XMM-Newton/EPIC (pn+MOS) X-ray light curves of eRO-QPE2. The time bin size in each
case is 100 s and the observation dates are indicated at the top of each panel. The thick black horizontal lines are the optimal
time bins derived from the Bayesian blocks algorithm of Scargle et al. (2013). The solid curves are the best-fit skewed-Gaussian
model fits.

✓~5 systems
✓Quasi-Periodic ~3-20 hrs, Duty cycle ~10%
✓L~1e+42erg/s, kT~100eV
✓Disk instability? Star-disk interaction?
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is the tidal radius. The condition r0� rT defines a minimum
QPE period in this scenario

 
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R
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In Section 3.4 we show that QPE flares are detectable over
the disk quiescent emission only for orbits with r0 moderately
larger than rT ( P PQPE QPE,min).

The star’s orbital plane must be significantly misaligned with
that of the accretion disk to generate QPE emission, with the
observed alternating long-short recurrence time pattern
explained in part by the star spending a longer time on the
side of the disk near apocenter than on the pericenter side
(Miniutti et al. 2019; Xian et al. 2021; see Figure 1 for a
schematic illustration).

In addition to the very gradual orbital decay due to
gravitational wave emission (Section 3.3) and gas drag
(Section 2.4.1), the star’s orbit is subject to more rapid
evolution as a result of other general relativistic effects (e.g.,
Xian et al. 2021; Metzger et al. 2022; Franchini et al. 2023).
The fastest of these is apsidal precession, which can lead to
secular evolution of the long-short recurrence time difference
amplitude. Given the characteristic precession angle per orbit
δò; 6π(Rg/r0), significant precession (Δò∼ 2π) will occur on
a timescale,
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sufficiently short to be observed in QPE light-curve epochs
spanning months (Xian et al. 2021; Franchini et al. 2023).

Nodal precession can also occur, potentially leading to
changes in the inclination angle between the orbital plane and
the accretion disk. At leading post-Newtonian order, nodal
precession is driven by Lense-Thirring frame dragging, with
significant nodal precession (ΔΩ∼ 2π) thus occurring on a

timescale
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where ( )d pW = -a r R4 • 0 g
3 2 is the per-orbit nodal shift, and

0� a•� 1 is the dimensionless spin magnitude of the SMBH
(Merritt 2010). If the SMBH spin axis is misaligned with
angular momentum axis of the stellar orbit, the orbit can come
in and out of alignment with the disk midplane on a timescale
as short as 1 yr.
In addition to variations in the timing of the flares due to the

evolving geometry of the orbit with respect to the disk plane,
light travel times from the two collision sites introduces an
additional source of timing variations. The magnitude of this
effect is roughly of the order of
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P

M
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QPE

2
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not much smaller than the observed variations in the flare
timing.

2.3. Star–Disk Collisions

2.3.1. Emission from Shocked Disk Ejecta

The star will, twice per orbit, pass through the disk midplane
of thickness  - h R m M3.2 1 •,6 , similar to the stellar
radius. For simplicity we consider a nearly head-on collision
(i.e., a 90° angle between the angular momenta of the orbit and
disk) in what follows. Assuming that the disk has returned to an
unperturbed state by the time of each collision (a condition we
shall check in Section 2.3.2), the mass of the disk material

Figure 1. Schematic view of our model. A star orbits an SMBH that is accreting matter through a thin disk of scale height h at a rate m. Due to the inclined orbital
plane, the star impacts the disk twice per orbit, carving a hole through the disk and ejecting an optically thick cloud of material expanding above and below the disk
plane. As the ejecta expands and cools, photons begin to diffuse out, and the light curve peaks once the optical depth drops below c/vej, where vej ∼ vK is the ejecta
velocity imparted by the colliding star. The inner regions of the disk dominate the soft quiescent emission seen between the collision-powered flares.
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Extended Data Fig. 3 | The X-ray long-term evolution of GSN 069. 
a, The X-ray spectra from the XMM1, XMM2, XMM4 and Chandra 
observations, excluding time-intervals containing QPEs. All spectra 
have been divided by the corresponding detector effective area to 
ease comparison. The XMM3 spectrum is not shown, as it is basically 
superimposed on the XMM4 one. Spectra have been slightly re-binned for 
visual clarity. b, The best-fitting SEDs according to the best-fitting models 
presented in Extended Data Table 2. c, The 0.3–2 keV flux evolution of 
GSN 069 since first X-ray detection, including the XMM-Newton slew 
data point. The dashed grey line is a power-law decay model with index 
fixed at −5/3, while the dotted magenta line is an exponential decay law 

with best-fitting e-folding timescale of about 5 yr. d, The 0.2–2 keV  
luminosity of the best-fitting diskbb model as a function of disk 
temperature (see Extended Data Table 2). The dashed line is the best-
fitting relation Ldiskbb ∝ T4.5 ± 0.5 to the XMM-Newton data only, consistent 
with constant-area blackbody emission (L ∝ T4). The Chandra data point 
(green) is far off the L ∝ T4 relation, its temperature being too hot to be 
ascribed to disk emission for the given luminosity. Errors in a represent 
the 1σ confidence intervals, while error bars in c and d represent the 90% 
confidence intervals as obtained from X-ray spectral fitting (Extended 
Data Table 2). Some of the error bars are smaller than the symbol size.
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Discovery of QPE after optical TDE

is the tidal radius. The condition r0� rT defines a minimum
QPE period in this scenario
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In Section 3.4 we show that QPE flares are detectable over
the disk quiescent emission only for orbits with r0 moderately
larger than rT ( P PQPE QPE,min).

The star’s orbital plane must be significantly misaligned with
that of the accretion disk to generate QPE emission, with the
observed alternating long-short recurrence time pattern
explained in part by the star spending a longer time on the
side of the disk near apocenter than on the pericenter side
(Miniutti et al. 2019; Xian et al. 2021; see Figure 1 for a
schematic illustration).

In addition to the very gradual orbital decay due to
gravitational wave emission (Section 3.3) and gas drag
(Section 2.4.1), the star’s orbit is subject to more rapid
evolution as a result of other general relativistic effects (e.g.,
Xian et al. 2021; Metzger et al. 2022; Franchini et al. 2023).
The fastest of these is apsidal precession, which can lead to
secular evolution of the long-short recurrence time difference
amplitude. Given the characteristic precession angle per orbit
δò; 6π(Rg/r0), significant precession (Δò∼ 2π) will occur on
a timescale,
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sufficiently short to be observed in QPE light-curve epochs
spanning months (Xian et al. 2021; Franchini et al. 2023).

Nodal precession can also occur, potentially leading to
changes in the inclination angle between the orbital plane and
the accretion disk. At leading post-Newtonian order, nodal
precession is driven by Lense-Thirring frame dragging, with
significant nodal precession (ΔΩ∼ 2π) thus occurring on a
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where ( )d pW = -a r R4 • 0 g
3 2 is the per-orbit nodal shift, and

0� a•� 1 is the dimensionless spin magnitude of the SMBH
(Merritt 2010). If the SMBH spin axis is misaligned with
angular momentum axis of the stellar orbit, the orbit can come
in and out of alignment with the disk midplane on a timescale
as short as 1 yr.
In addition to variations in the timing of the flares due to the

evolving geometry of the orbit with respect to the disk plane,
light travel times from the two collision sites introduces an
additional source of timing variations. The magnitude of this
effect is roughly of the order of
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not much smaller than the observed variations in the flare
timing.

2.3. Star–Disk Collisions

2.3.1. Emission from Shocked Disk Ejecta

The star will, twice per orbit, pass through the disk midplane
of thickness  - h R m M3.2 1 •,6 , similar to the stellar
radius. For simplicity we consider a nearly head-on collision
(i.e., a 90° angle between the angular momenta of the orbit and
disk) in what follows. Assuming that the disk has returned to an
unperturbed state by the time of each collision (a condition we
shall check in Section 2.3.2), the mass of the disk material

Figure 1. Schematic view of our model. A star orbits an SMBH that is accreting matter through a thin disk of scale height h at a rate m. Due to the inclined orbital
plane, the star impacts the disk twice per orbit, carving a hole through the disk and ejecting an optically thick cloud of material expanding above and below the disk
plane. As the ejecta expands and cools, photons begin to diffuse out, and the light curve peaks once the optical depth drops below c/vej, where vej ∼ vK is the ejecta
velocity imparted by the colliding star. The inner regions of the disk dominate the soft quiescent emission seen between the collision-powered flares.
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(1,480 Å) with AstroSat. We model the UV and quiescent X-ray light 
curves, alongside 3.5 years of optical measurements from the Pano-
ramic Survey Telescope and Rapid Response System (Pan-STARRS) 
and ZTF, using a time-dependent relativistic thin disk25 (Fig. 4;  
Methods). We find a SMBH mass ∙ ⊙M Mlog / = 6.310 −0.2

+0.3  and an initial  
disk mass ⊙M M/ = 0.06disk −0.03

+0.04 (Extended Data Fig. 8).
The properties of the disk help to constrain the cause of the QPE 

emission. In models of disk-pressure instability, the variability ampli-
tude and recurrence timescale depend on the SMBH mass and accre-
tion rate. With the SMBH mass well constrained, the late-time disk 
luminosity is (4 ± 1)% of the Eddington luminosity. At this Eddington 
ratio, radiation-pressure instability models can explain the amplitude 
of the eruptions but predict a recurrence time on the order of years26. 
A disk that is dominated by magnetic (rather than radiation) pressure 
is expected to be stable for this mass and Eddington ratio8. We there-
fore examine models that can explain QPE emission on hour to day 
timescales within a stable disk. These models involve another body  
(a star or compact object) already on a close, decaying orbit around 
the SMBH (an extreme-mass-ratio inspiral, or EMRI) that interacts with 
the spreading disk from the TDE once the disk is sufficiently radially 
extended.

The disk size is well constrained in our analysis by the UV and opti-
cal emission (Fig. 4) and is several times larger than an orbit with a 

48.4-h period (radius approximately 200GM•/c2). Because any orbit-
ing body with this period is expected to cross the disk, this provides 
a promising explanation for the observed QPEs. The same argument 
also applies to a 98.6-h orbit, required if interactions occur twice 
per orbit (Fig. 4). The luminosity in this model can be produced by 
the ejection of shocked disk material11, shock breakout within the 
disk27 or a temporarily enhanced accretion rate28. The compact 
emitting radius and its expansion during the eruptions may favour 
the first of these mechanisms. As the density of expanding ejecta 
decreases, we would expect the photosphere (the surface of the opti-
cally thick region) to eventually recede, consistent with our findings  
in Fig. 2d.

In the simplest case of an EMRI crossing the disk twice per ellipti-
cal orbit, recurrence times would exhibit an alternating long–short 
pattern, as seen in a subset of the known QPE sources1,3. In the EMRI 
model, more complex timing behaviour2,23 can be caused by relativistic 
precession of the disk if its rotational axis is misaligned with that of 
the SMBH10,29,30. Notable precession over the course of a few cycles 
in AT2019qiz would require a dimensionless SMBH spin a• ≳ 0.5–0.7; 
however, such a large spin would tend to align the disk and damp pre-
cession in ≪1,000 days (Methods). Changing gas dynamics following 
star–disk collisions has recently been proposed as an alternative way 
to explain QPE timing variations31. Continuing high-cadence obser-
vations of AT2019qiz will be required to better constrain the nature 
of its timing variations and enable more detailed comparisons with 
QPE models.

The serendipitous discovery of QPEs in TDE AT2019qiz suggests 
that QPEs following TDEs may be common. We find that the long-term 
accretion disk properties in AT2019qiz are consistent with the star–
disk interaction model for QPEs, indicating that the fraction of TDEs 
with QPEs can be used to constrain the rate of EMRIs, an important goal 
for future gravitational-wave detectors32. The latest observational 
estimates of the QPE rate24 are about one-tenth of the TDE rate33,34, 
consistent with recent theoretical predictions for the formation rate 
and lifetimes of EMRIs35. The QPEs in AT2019qiz show that long-term, 
high-cadence X-ray follow-up of optical TDEs will be a powerful tool 
for future QPE discovery, without the need for wide-field X-ray 
time-domain surveys, providing a path to measure the EMRI rate 
directly through electromagnetic observations.
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Fig. 4 | Multiwavelength light curves with disk model fit. a, X-ray, UV and 
optical data showing the TDE in 2019 (ref. 16) and the long-term disk emission. 
The dashed lines and shaded regions show the median and 90% confidence 
range of our accretion disk model fit25. QPEs (dotted lines) were excluded from 
the fit. A potential earlier QPE is also seen in the X-ray data at about 800 days 
(ref. 21). Our model is agnostic to the mechanism powering the initial UV/
optical peak (Methods) but, by the time of the QPEs, all data are consistent 
with an exposed accretion disk. b, Radial surface density profiles of the best-fit 
model at 800 and 1,500 days after disruption (including 90% confidence 
range). The radius has been normalized to the circular orbit with period 
Torb = TQPE. The vertical lines indicate the orbital radii corresponding to periods 
of 1× and 2× TQPE. Both orbits cross the disk plane, showing that star–disk 
interactions occurring either once or twice per orbit can explain the QPEs in 
AT2019qiz (ref. 11).
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six consecutive peaks detected in just over 10 days. Two more peaks 
were detected over the next four days with Swift/XRT and AstroSat. The 
light curves are shown in Fig. 1b. The time between successive peaks 
ranges from 39 to 54 h in the rest frame, measured by fitting skewed 
Gaussian profiles (Extended Data Fig. 2). The mean recurrence time is 
48.4 ± 0.3 h, with a standard deviation of 7.2 h. Typical durations are 
8–10 h, with a consistent light-curve shape exhibiting a fast rise and 
slower decay (Fig. 1c).

The combination of soft X-ray sensitivity and cadence in the NICER 
data allows us to perform time-resolved spectral fitting (Fig. 2 and 
Extended Data Fig. 3). The nearby SE source detected by Chandra 
does not contribute substantially in the NICER bandpass (Methods). 
Single-temperature blackbody fits to the second NICER peak (chosen 
for good temporal coverage and low background; Methods) show an 
increasing temperature as the luminosity rises and a lower temperature 
for the same luminosity during the decay phase, owing to an increase in 
the blackbody radius. The expanding emitting region is approximately  
1 solar radius (about 1011 cm). The bolometric luminosity at peak reaches 
(1.8 ± 0.1) × 1043 erg s−1, with a temperature of 109 ± 1 eV. In the quiescent 
phase, spectral information could only be retrieved by stacking the 
data from Swift/XRT. This can be well modelled as a colour-corrected 
disk model with maximum disk temperature kTp ≈ 67 ± 10 eV (Methods; 
Extended Data Fig. 4).

All of the above properties are consistent with the six known QPE 
sources repeating on timescales of hours to days (refs. 1–4) and the 

longer-duration Swift J0230+28 (refs. 5,22). This includes the luminos-
ity and temperature, in both eruption and quiescence, and the lack of 
any detected optical/UV variability (Extended Data Fig. 5). The ‘hyster-
esis loop’ in the luminosity–temperature plane (Fig. 2c) is character-
istic of QPE emission12,23,24. The recurrence time and eruption duration 
are towards the higher ends of their respective distributions (although 
well below Swift J0230+28), but their ratio of approximately 0.2 is con-
sistent with the duty cycle of 0.24 ± 0.13 exhibited by other QPEs5 
(Fig. 3). Performing our own correlation analysis on duration versus 
recurrence time for the QPE population including AT2019qiz yields 
strong Bayesian evidence in favour of a correlation, with a mean duty 
cycle of 0.22−0.04

+0.11  (Methods). The roughly 15% variation in recurrence 
times in AT2019qiz is also similar to known QPEs. The variations in 
AT2019qiz seem irregular, but with a limited number of cycles, we can-
not establish robustly at this point whether or not there is an underly-
ing pattern of alternating long and short recurrence times, as seen in 
some of the other QPE sources1,3.

We conclude that AT2019qiz is now exhibiting X-ray QPEs fully con-
sistent with the known source population and with an average recur-
rence time TQPE ≈ 48 h. Our result confirms theoretical predictions that 
at least some QPEs arise in accretion disks created by TDEs8,11 (although 
we note that QPEs have also been discovered in galaxies with evidence 
for active nuclei15). It also increases confidence in the candidate QPEs 
following the TDEs AT2019vcb (ref. 14) and XMMSL1 J0249 (ref. 13) and 
the proposed X-ray TDE in the QPE source GSN 069 (ref. 12). We are 
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Fig. 1 Literature TDE radio observations. To date, nine TDEs have published radio detections: Sw J1644+57,
Sw J2058+05, Sw J1112-82, IGR J12580+0134, ASASSN-14li, XMMSL1 J0740-85, Arp 299-B AT1, CNSS
J0019+00, and AT2019dsg (colored circles; see Table 1 and references therein). Although most of the detected
TDEs were observed at multiple frequencies, for simplicity we show only a single frequency for each event
(8.4 GHz for Arp 299-B AT1 and AT2019dsg, 5 GHz for all others). An additional 23 events have published
upper limits (gray triangles; a key to the labels is given in the first column of Table 2). When a non-detected
TDE was observed at multiple frequencies on the same date, we show only the most constraining limit. All
upper limits are 3σ

to estimate the physical size of the emitting region, the kinetic energy of the outflow, and
other physical properties (the outflow velocity, the ambient density, the average magnetic
field strength, etc.) even if only part of the synchrotron spectrum is observed (preferably
including the peak). The energy thus obtained is a lower bound on the total energy, which
can be much larger if the source is not exactly in equipartition, while the size of the emitting
region is more robust. Multi-frequency radio observations are preferred for this technique,
to constrain the peak frequency and flux density of the radio emission and their temporal
evolution. Calculating the size evolution of the emitting region allows us to infer when the
outflow was launched (assuming that the radio emission traces the leading edge of the out-
flow, as expected for external shock models). This is an important constraint for modeling
TDEs, for which the time of disruption may not be known precisely (e.g. Zauderer et al.
2011, Alexander et al. 2016). For extremely nearby events, the size evolution of the outflow
may also be measured directly using VLBI observations (e.g. Mattila et al. 2018).

3 Radio-Detected TDEs: Probes of Accretion and Outflow Physics

To date, several dozen TDEs have been observed in the radio, revealing a large diversity in
their radio properties (Fig. 1). In particular, a few percent of TDEs are radio loud, exhibiting
luminous radio emission detectable for years post-disruption, while the rest are radio quiet,
with detections or upper limits constraining their radio emission to be orders of magnitude
fainter than the radio-loud events. For the purpose of this review, we define a “radio-loud
TDE” to have a peak radio luminosity νLν > 1040 erg s−1 and a “radio-quiet TDE” to have

Synchrotron emission => Probe of Outflow + Environment

Alexander+20
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Table 1. Summary of different ejecta components in TDEs. The blank (“−”) means that the parameter is what we constrain in this work by radio upper limits.

Mass Velocity Kinetic energy Solid angle Mass per solid angle Reference
Mej [M⊙] vin [km s−1] Ekin [erg] ∆Ω [str] Mej/∆Ω [M⊙ str−1]

Unbound debris 0.5 ≃ 7500 2 × 1050 0.1 5 Krolik2016,Yalinewich2019
Disk wind − ∼ 10000 − ∼ 4π − Metzger&Stone2016
Collision induced outflow − ∼ 10000 − ∼ 4π − Lu&Bonnerot2020
Jet (Conical outflow) − − − − −
Relativistic jet

Synchrotron self-absorption frequency is given by (Murase et al.
2014)
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where we used p = 2.5 in the second line.2It should be noted that
we ignored multiple Gamma functions, which is an order of unity.3
This formula holds only for νm < νa. In this case, the synchrotron
spectrum is given by (Piran et al. 2013)
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In particular, νa is always larger than νm for relevant parameter
values. Thus we concentrate on the regimes of νm < ν < νa or
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Note that the flux density for νm < ν < νa has a common dependence
on the parameters for the both phases.
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of 1.01 − 1.06 for p = 2 − 5.

2.1 Observational constraint

From the detection or upper limit, we can constrain parameters. We
consider that the radius is given by R ≃ vt, which holds for most
cases, and the velocity is estimated by another consideration such as
energy conservation. Here the parameters we want to constrain are the
outflow velocity v, ISM density n, and outflow’s solid angle ∆Ω. By
using the observational upper limits, we can constrain combinations
of these parameters. For optically thin and v < vDN case,
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We take the density and velocity as fundamental variables, and
transform above limits to the limits on velocity:

v9 <

⎧⎪⎪⎨
⎪⎪⎩

n−
p+5

2(p+11)∆Ω
− 2

p+11 F
2

p+11
DN : v < vDN ,

n−
p+5

2(5p+3)∆Ω
− 2

5p+3 F
2

5p+3 : v > vDN ,
(15)

v9 < n
1
6∆Ω−

2
3 G 2

3 . (16)

More explicitly,

v9 ! 7.20 ε̄
− 2

p+11
e,−1 ε

− p+1
2(p+11)

B,−1 n
− p+5

2(p+11)
0 t

− 6
p+11

yr ∆Ω
− 2

p+11 ν
p−1
p+11

GHz d
4

p+11
L,27 F

2
p+11
µJy ,

v9 ! 7.07 ε̄
2(1−p)
5p+3

e,−1 ε
− p+1

2(5p+3)
B,−1 n

− p+5
2(5p+3)

0 t
− 6

5p+3
yr ∆Ω

− 2
5p+3 ν

p−1
5p+3
GHz d

4
5p+3
L,27 F

2
5p+3
µJy ,

v9 ! 0.123 ε
1
6
B,−1n

1
6
0 t

− 4
3

yr ∆Ω
− 2

3 ν
− 5

3
GHzd

4
3
L,27F

2
3
µJy ,

for optically thin (v < vDN), thin (v > vDN), and thick cases, re-
spectively. We find that there is a critical velocity above which there
is two densities realizing the observed flux. For the deep-Newtonian
case, this velocity and corresponding density are given by equating
optically thin and thick condition:
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Table 1. Summary of different ejecta components in TDEs. The blank (“−”) means that the parameter is what we constrain in this work by radio upper limits.

Mass Velocity Kinetic energy Solid angle Mass per solid angle Reference
Mej [M⊙] vin [km s−1] Ekin [erg] ∆Ω [str] Mej/∆Ω [M⊙ str−1]

Unbound debris 0.5 ≃ 7500 2 × 1050 0.1 5 Krolik2016,Yalinewich2019
Disk wind − ∼ 10000 − ∼ 4π − Metzger&Stone2016
Collision induced outflow − ∼ 10000 − ∼ 4π − Lu&Bonnerot2020
Jet (Conical outflow) − − − − −
Relativistic jet
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2014)
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where we used p = 2.5 in the second line.2It should be noted that
we ignored multiple Gamma functions, which is an order of unity.3
This formula holds only for νm < νa. In this case, the synchrotron
spectrum is given by (Piran et al. 2013)
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Note that the flux density for νm < ν < νa has a common dependence
on the parameters for the both phases.

2 ͜ͷࣜͷ ε̄e,−1 ͱ β ͷႈ͸Ricci et al. (2021)ͷ Eq. (20)ͱໃ६͢Δ͕ɺ
͜Ε͸ऀޙͰ 25 Ͱ͸ͳ͘ γ5

m ͱͯ͠͠·͍ͬͯΔ͔ΒͰ͋Δɻ
3 [Γ(p/4+ 11/6)Γ(p/4+ 1/6)Γ(p/4+ 3/2)/Γ(p/4+ 2)]2/(p+4) has a value
of 1.01 − 1.06 for p = 2 − 5.

2.1 Observational constraint

From the detection or upper limit, we can constrain parameters. We
consider that the radius is given by R ≃ vt, which holds for most
cases, and the velocity is estimated by another consideration such as
energy conservation. Here the parameters we want to constrain are the
outflow velocity v, ISM density n, and outflow’s solid angle ∆Ω. By
using the observational upper limits, we can constrain combinations
of these parameters. For optically thin and v < vDN case,
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and for v > vDN case,
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For optically thick case,
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We take the density and velocity as fundamental variables, and
transform above limits to the limits on velocity:
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More explicitly,
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for optically thin (v < vDN), thin (v > vDN), and thick cases, re-
spectively. We find that there is a critical velocity above which there
is two densities realizing the observed flux. For the deep-Newtonian
case, this velocity and corresponding density are given by equating
optically thin and thick condition:
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Figure 1. A schematic picture. A radio-emitting region is moving at a 
Lorentz factor ! whose direction of motion is away from the observer’s 
line of sight, θ . The emitting region has an emitting area A and volume of V . 

The observed quantities are translated from the quantities in the 
rest frame via the relativistic Doppler factor: 
δD = 1 

! ( 1 − β cos θ ) , (1) 
where β ≡

√ 
1 − 1 / ! 2 is the source velocity normalized by the 

speed of light c . Note that for a source moving precisely towards the 
observer ( θ = 0), the Doppler factor becomes δD = 2 !. Ho we ver, 
BNP13 (following Sari, Piran & Narayan 1998 ) approximated it as 
δD ≃ ! to reflect the fact that the average δD is lower than 2 !. 1 In 
this paper, we use an exact value of δD for a given angle to see the 
of f-axis ef fect. This treatment leads to some dif ferences in numerical 
factors between our results at the limit of θ = 0 and those of BNP13. 2 

The observed peak frequency is given by the Doppler-boosted (and 
redshifted) synchrotron frequency: 
νp = δD q e Bγ 2 

e 
2 πm e c(1 + z) , (2) 

where q e is the elementary charge, B is the magnetic field (at the 
source rest frame), γ e is the Lorentz factor of electrons producing 
the radio peak, m e is the electron mass, and z is the redshift to the 
source. 

Two expressions give the peak flux density for optically thin 
and thick regimes (we describe a more detailed deri v ation in 
Appendix A ). In the optically thin regime, 3 the flux density is just 
given by the flux of a single electron with the Lorentz factor γ e 
1 Averaging the Doppler factor over the beaming cone gives ⟨ δD ⟩ = ∫ 1 /! 

0 d θ sin θδD / (1 − cos θ ) ≃ (2 ln 2) ! ≃ 1 . 4 ! for ! ≫ 1 and θ ≪ 1. 
2 The exact differences between our equations and those of BNP13 are 
summarized as follows: equations ( 2 ), ( 3 ), ( 6 ), and ( 10 ) are twice larger 
than corresponding equations (10), (11), (13), and (16) of BNP13 in the limit 
of θ = 0. Equation ( 8 ) is twice smaller than equation (14), equation ( 9 ) is 
four times smaller than equation (15), equation ( 14 ) is eight times smaller 
than equation (17), and equation ( 15 ) is four times larger than equation (18) 
of BNP13. 
3 Throughout this paper, we assume that the emission is produced by non- 
thermal electrons with a power-law energy distribution (d n /d γ ∝ γ −p ) in a 
single zone. Therefore, the spectral index in the optically thin regime should 
be smaller than −0.5 so that the power-law index is p > 2. 

multiplied by the number of emitting electrons N e : 
F p = (1 + z) δ3 

D √ 
3 q 3 e BN e 

4 πd 2 L m e c 2 , (3) 
where d L is the luminosity distance to the source. We estimate the 
peak flux by the self-absorbed spectrum in the optically thick regime. 
There are potentially two cases depending on the ratio between self- 
absorption frequency νa and the characteristic synchrotron frequency 
νm (corresponding to the emitting electrons with the least energy; 
see e.g. Sari et al. 1998 ). In the case of νa > νm , the flux at νm is 
suppressed by self-absorption and the radio flux peaks at νa . The 
peak flux is given by the Rayleigh–Jeans spectrum: 
F p ≃ (1 + z) 3 δD 2 m e γe ν2 

p A 
d 2 L , (4) 

where A is the surface area of the emitting region. In the opposite 
case of νm > νa , the flux peaks at νm which is obtained by extending 
the self-absorbed spectrum: 
F p ≃ (1 + z) 3 δD 2 m e γe ν2 

a A 
d 2 L 

(
νp 
νa 
)1 / 3 

. (5) 
Combining the two cases, the peak flux is given by 
F p = (1 + z) 3 δD 2 m e γe ν2 

p A 
3 d 2 L η1 / 3 , (6) 

η ≡
{

1 ; νa > νm , 
νm /νa ; νa < νm , (7) 

where following BDP13 we introduced a numerical factor 3 in the 
denominator of equation ( 6 ). 

We solve equations ( 2 ), ( 3 ), and ( 6 ) to obtain γ e , N e , and B : 
γe = 3 F p d 2 L η5 / 3 ! 2 

2 πν2 
p (1 + z) 3 m e f A R 2 δD 

≃ 5 . 2 × 10 2 [ 
F p , mJy d 2 L , 28 η5 / 3 
νp , 10 (1 + z) 3 

] 
! 2 

f A R 2 17 δD , (8) 
N e = 9 c F 3 p d 6 L η10 / 3 ! 4 

2 √ 
3 π2 q 2 e m 2 e ν5 

p (1 + z) 8 f 2 A R 4 δ4 
D 

≃ 4 . 1 × 10 54 [ 
F 3 p , mJy d 6 L , 28 η10 / 3 
ν5 

p , 10 (1 + z) 8 
] 

! 4 
f 2 A R 4 17 δ4 

D , (9) 
B = 8 π3 m 3 e cν5 

p (1 + z) 7 f 2 A R 4 δD 
9 q e F 2 p d 4 L η10 / 3 ! 4 

≃ 1 . 3 × 10 −2 G [ 
ν5 

p , 10 (1 + z) 7 
F 2 p , mJy d 4 L , 28 η10 / 3 

] 
f 2 A R 4 17 δD 

! 4 , (10) 
where we use the convention Q x = Q /10 x (cgs) except for the flux 
density F p,mJy = F p /mJy. The emitting area is measured in units of a 
surface area of a sphere with a radius R , subtending a solid angle of 
π / ! 2 . We define an area-filling factor following BNP13: 
f A ≡ A/ (πR 2 / ! 2 ) . (11) 
A volume-filling factor is also defined by measuring the emitting 
volume in units of a typical volume of a relativistic shell, i.e. a shell 
with a radius R , width R / ! 2 , and solid angle of π / ! 2 : 
f V = V / (πR 3 / ! 4 ) . (12) 
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Table 1. Radio data and results of our equipartition analysis for AT2019dsg. The time ! t is measured since the disco v ery in the observer frame 
(2019 April 9), which is different from that in Cendes et al. 2021 , who set the origin as 10 d before the disco v ery . The equipartition radius, energy , 
Lorentz factor and total number of emitting electrons at νp , and CNM density are calculated by equations (1)–(5). We adopt two (freely coasting and 
decelerating) velocity fits to the time evolution of R eq , and the corresponding density slope k . The spectra of the first two epochs are not of good quality, 
and they are excluded from our analysis. 
! t F p νp R eq E eq γ e N e n (freely coasting) n (decelerating) 
(d) (mJy) (10 GHz) (10 16 cm) (10 48 erg) (10 50 ) (10 3 cm −3 ] (10 3 cm −3 ) 
(42) (0.47 ± 0.09) (1.58 ± 0.36) (0.84 ± 0.21) (0.97 ± 0.44) (59.05 ± 4.73) (0.68 ± 0.24) (36.94 ± 19.67) (34.20 ± 18.21) 
(45) (0.60 ± 0.04) (2.09 ± 0.63) (0.72 ± 0.22) (0.99 ± 0.43) (59.84 ± 4.78) (0.67 ± 0.23) (60.87 ± 39.87) (58.60 ± 38.38) 
50 0.67 ± 0.01 1.82 ± 0.13 0.87 ± 0.07 1.29 ± 0.41 60.20 ± 4.81 0.87 ± 0.15 45.08 ± 13.50 45.97 ± 13.77 
70 0.80 ± 0.06 1.38 ± 0.19 1.25 ± 0.18 2.11 ± 0.75 60.79 ± 4.87 1.40 ± 0.32 24.96 ± 9.59 30.25 ± 11.62 
72 0.65 ± 0.03 1.07 ± 0.07 1.46 ± 0.12 2.12 ± 0.69 60.10 ± 4.80 1.43 ± 0.26 15.74 ± 4.71 19.34 ± 5.79 
120 1.24 ± 0.05 1.02 ± 0.09 2.07 ± 0.21 4.81 ± 1.60 62.25 ± 5.02 3.07 ± 0.59 12.47 ± 4.06 19.48 ± 6.35 
151 0.98 ± 0.04 0.95 ± 0.09 1.98 ± 0.20 3.89 ± 1.29 61.46 ± 4.94 2.53 ± 0.48 11.43 ± 3.71 19.79 ± 6.43 
178 1.22 ± 0.04 0.51 ± 0.05 4.09 ± 0.42 9.42 ± 3.13 62.20 ± 5.01 6.01 ± 1.14 3.14 ± 1.02 5.85 ± 1.91 
290 0.79 ± 0.04 0.35 ± 0.04 4.82 ± 0.60 8.08 ± 2.74 60.75 ± 4.87 5.37 ± 1.10 1.65 ± 0.58 3.80 ± 1.34 
551 0.34 ± 0.04 0.17 ± 0.04 6.76 ± 1.77 6.13 ± 2.59 58.02 ± 4.60 4.40 ± 1.43 0.46 ± 0.26 1.37 ± 0.78 

of Cendes et al. ( 2021 ), who assumed that the outflow is spherical 
( $ = 4 π), and the emitting region is a shell with the width of dR = 
0 . 1 R eq . These assumptions give f A = 1 and f V = 0.36. The other 
parameters are ε e = 0.1, ε B = 0.02, and γ m = 2 (assuming v < 
v DN , which is justified later). The results are shown in Table 1 , which 
are basically consistent with those of Cendes et al. ( 2021 ) except 
for the CNM density; in that estimate, they neglected the correction 
factor ( v / v DN ) 2 . F or the outflow v elocity, we use two (freely coasting 
and decelerating) fits to the time evolution of R eq (see next section). 
We also adopt the density slope k obtained by fitting the calculated 
profile. 
3  RESULTS  O F  T H E  E QU IPA RTITION  
ANALYSIS  
3.1 Launch time of the radio-outflow 
To fit the time evolution of the equipartition radius, we derive the 
velocity and launching time of the radio-emitting outflow (hereafter 
radio-outflow). Fig. 1 depicts the equipartition radius at each obser- 
vation time. Also shown in this figure are the results of Stein et al. 
( 2021 ) and Cendes et al. ( 2021 ). Following Stein et al. ( 2021 ), we 
use the disco v ery date as the origin of time. Note that Cendes et al. 
( 2021 ) set their origin of time 10 d earlier. Since the quality of the 
data at 42 and 45 d after the disco v ery is too poor to determine the 
spectral peak, we do not include these observations in the following 
calculation. The frequency of the peak is also somewhat difficult to 
determine in the data at 551 d, but we include it in analysis with a 
sizable error bar. 

We consider two possible fits to the data. One, which we call 
constant velocity, corresponds to freely coasting outflow: R eq = 
v sh ( ! t − t l ), where ! t and t l are the observation time and outflow- 
launching time, respectively (both are measured since the disco v ery). 
For our chosen equipartition parameters, the best-fitting parameters 
are v sh = 0 . 059 + 0 . 005 

−0 . 005 c ≃ 18000 + 1500 
−1500 km s −1 and t l = −10 + 7 

−9 d; that 
is, the outflow begins before the optical detection (the error represents 
1 σ ). For this fit, the reduced chi-square is χ2 

r ≃ 3 . 1. The second fit 
is a power law that corresponds to a decelerating (or accelerating) 
outflow with R eq = A ( ! t − t l ) α . The best-fitting parameters are 
t l = 12 + 17 

−26 d and α = 0 . 80 + 0 . 22 
−0 . 18 . These parameters imply an outflow 

that is launched around the time of the optical detection, and whose 
speed decelerates very gradually. For this fit, the reduced χ2 

r ≃ 3 . 6. 
Note that the estimate of the launching time t l is independent of the 

Figure 1. (Bottom panel) Equipartition radius at each observation epoch. 
The red and blue curves denote the best-fitting curves of freely coasting 
and decelerating fits, respectively, with key parameters of v sh ≃ 0 . 059 c and 
t l ≃ −10 d (freely coasting) and α = 0.80 and t l = 12 d (decelerating). The 
grey dot highlights the lower quality of the spectrum at 551 d. Also shown 
are the results by Stein et al. 2021 (magenta squares) and Cendes et al. 
2021 (light-blue squares). Stein et al. 2021 assumed a conical outflow, which 
results in larger radii. The orange shaded region shows the peak time of 
optical emission. The inset depicts the best-fitting curves around the time of 
disco v ery defined as ! t = 0. (Top panel) Outflow velocity derived by time 
deri v ati ve of the best fits of R eq . 
equipartition parameters ϵ, ξ , f A , and f V (Krolik et al. 2016 ). Figs 2 
and 3 depict the distribution of reduced χ2 

r for two fits. The quality 
of fit in both cases is similar, and we cannot fa v our one fit o v er the 
other. Ho we ver, the e vidence for deceleration depends entirely on 
the ! t = 551 d observation, which has a large uncertainty. 

Stein et al. ( 2021 ) assumed a conical outflow ( f A = 0.13, f V = 
1.15, ε e = 0.1, and ε B = 10 −3 ) and derived radii somewhat larger 
than ours because of the smaller opening angle. They fitted the data 
up to 178 d and found the best fit for a constant velocity v sh = 0 . 12 c. 
Cendes et al. ( 2021 ) found that the evolution is best fitted by a slowly 
decelerating fit with α = 0.9, i.e. slightly slower deceleration than 
in our power-law fit. The parameters we adopted in our equipartition 
analysis are almost identical to theirs. Ho we v er, the y fix ed the 
launching time at 10 d before the disco v ery by e xtrapolating the 
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Figure 2. Distribution of the reduced chi-square for the freely coasting fit 
of R eq = v( ! t − t l ). The yellow star denotes the best-fitting parameter set of 
v = v sh /ζ ≃ 0 . 04 c ≃ 13 000 km s −1 and t l ≃ −10 d. 

Figure 3. The same as Fig. 2 but for the deceleration fit of R eq ∝ ( ! t − t l ) α . 
The best-fitting parameters are α ≃ 0.80 and t l ≃ 12 d. The light-blue star 
denotes the location of the fit by Cendes et al. 2021 . 
optical light curve to zero flux and assuming that was the launch 
time, while we infer it from a fit to R eq . For our freely coasting fit, 
our fit leads to the same launch time as assumed by Cendes et al. 
( 2021 ), while for the decelerating model, the best-fitting value ≃ 10 d 
after the disco v ery, but with a large uncertainty (see Fig. 3 ). As can 
be seen in Fig. 3 , the result of Cendes et al. ( 2021 ) is within the error 
of both of our estimates. 

The top panel of Fig. 1 depicts the velocity of each model as a 
function of time, deriving it from v sh = dR eq / d ( ! t ). This quantity 
represents the pattern velocity of the emitting region. If the emission 
is due to a shock propagating in the CNM, then this is the speed of the 
shock front. In this case, the actual outflow velocity, v, is somewhat 
smaller than the shock velocity; their ratio is given by the shock jump 
condition (e.g. Landau & Lifshitz 1987 ): ζ ≡ v sh /v = ( ̂  γ + 1) / 2, 
where ˆ γ is the adiabatic index of the shocked material. For ˆ γ = 5 / 3, 
ζ = 4/3. This factor is order unity, but it is important for inferring 
the origin of the outflow. 

Figure 4. CNM density profiles reconstructed from the equipartition anal- 
ysis. Red and blue lines shows the best-fitting power-law functions for the 
freely coasting ( n ∝ R −2.1 ) and decelerating ( n ∝ R −1.6 ) fits for AT2019dsg, 
respectively. Magenta and light-blue squares show the results by Stein 
et al. 2021 (almost o v erlapping our decelerating fit) and Cendes et al. 
2021 , respectiv ely. Profiles of Milk y Way ( n ∝ R −1 , Baganoff et al. 2003 ; 
Gillessen et al. 2019 ) and other TDEs ( n ∝ R −2.5 ) are also presented. 
Black dash–dotted lines show the positions where the enclosed mass of 
M( R) ≃ 4 πm p nR 3 = 10 −4 − 10 −2 M ⊙. 
3.2 The CNM density profile 
Radio observations of TDEs provide possibly the only way to infer 
the CNM density distribution around distant galaxies (Alexander 
et al. 2016 ; Krolik et al. 2016 ). Fig. 4 depicts the profiles re- 
constructed by our equipartition analysis. The two thick coloured 
curves represent the predictions made by our two outflow models 
(note that the estimate of the CNM density depends on the outflow 
velocity, see equation (5). The velocities are derived from the best 
fits of the equipartition radius, v = ζ−1 d R eq /d( ! t ). Fitting the density 
profiles with a power-law function n ∝ R −k , we find the best fits for 
k = 2 . 06 + 0 . 17 

−0 . 16 and 1 . 55 + 0 . 17 
−0 . 16 for the freely coasting and decelerating 

fits, respectively. 
Fig. 4 also depicts the density profiles obtained by Stein et al. 

( 2021 ) and Cendes et al. ( 2021 ). Stein et al. ( 2021 ) derived the density 
of non-thermal electrons as a lower limit of the CNM density. Lacking 
a detailed description of their deri v ation, we cannot compare their 
results to ours. Cendes et al. ( 2021 ) obtained a density profile that is 
about five times smaller than ours. As Cendes et al. ( 2021 ) neglected 
the deep-Newtonian correction factor, their results should have been 
≃ 14 times smaller than ours (with v / v DN ≃ 0.27). Ho we ver, at the 
same time, they divided the total number of electrons by the emitting 
volume, πf V R 3 , and by the shock compression a factor of 4, instead 
of dividing it by the volume swept up by the shock. This somewhat 
compensates the difference, resulting in a density profile five times 
lower than ours. 

The CNM profiles of our Galactic centre and the host galaxies of 
two other radio TDEs, ASASSN-14li (Alexander et al. 2016 ; Krolik 
et al. 2016 ) and CNSS J0019 + 00 (Anderson et al. 2020 ) are also 
shown in Fig. 4 . The latter two are derived by the same procedure 
that we used for AT2019dsg. Their equipartition radii evolve at a 
constant velocity of v sh ≃ 0 . 04 c and the deep-Newtonian correction 
becomes more important for them. The CNM densities in all the TDE 
host galaxies are larger than in Sgr A ∗. The CNM density profile of 
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of the X-ray band. Since our observations probe close to the Wien 
tail of the spectrum, a small temperature decrease due to absorp-
tion would also yield a substantially underestimated blackbody 
radius and luminosity22. The exponential decrease of the flux could 
be caused by cooling of the newly formed TDE accretion disk18 or 
increasing X-ray obscuration.

Radio observations shown in Fig. 2 reveal a third distinct spec-
tral component, namely synchrotron emission from non-thermal 
electrons (see also Extended Data Figs. 4 and 5). We model this 
emission with a conical geometry as expected for outflows (for 
example jets or winds) that are launched from—and collimated 
by—the inner parts of flared accretion disks that emit close to the 
Eddington limit. Given that electrons are typically accelerated with 
much lower efficiency than protons in astrophysical accelerators23, 
we assume that they carry 10% of the energy carried by relativistic 
protons (ϵe = 0.1). We further assume that the magnetic fields carry 
0.1% of the total energy (ϵB = 10−3), as indicated by radio observa-
tions of other TDEs24 and supernovae25. We note that the opening 
angle for the outflow is largely unconstrained. For a half-opening 
angle, ϕ, of 30° we find R = 1.5 × 1016 cm in our first epoch (41 d 
after discovery), increasing to R = 7 × 1016 cm shortly after the 
neutrino detection (177 d after discovery). These radii scale26 as 
R ∝ [1 − cos(ϕ)]−8/19. The implied expansion velocity is roughly 
constant at v=c ¼ _R=c ¼ 0:12 ± 0:01

I
 during the first three epochs, 

with a significant (>3σ) acceleration to v/c = 0.21 ± 0.02 for the last 
epoch. These are the velocities of the synchrotron-emitting region, 
and thus provide a lower limit to the velocity at the base of the out-
flow. Indeed even the hotspots of relativistic jets from active galaxies 
that are frustrated by gas in their host galaxy are typically observed27 
to have subrelativistic expansion velocities of ~0.1 c.

The inferred outflow energy, E, shows a linear increase from 
2.5 × 1049 erg to 2 × 1050 erg (Fig. 2), which would not be expected 
from models of TDE radio emission that involve a single injection 
of energy28,29. The constant increase of energy implies a constant  

injection rate at the base of the outflow of approximately 
2 × 1043 erg s−1. While some scenarios can yield an increase in 
inferred energy from a single energy injection, none of these are 
consistent with the full set of observed properties. First, a single 
ejection with a range of velocities could explain the observed lin-
ear increase of energy with time (the slower ejecta arrive later), but 
is incompatible with the increasing velocity. Second, an increase of 
the efficiency for conversion of Poynting luminosity to relativistic 
particles is unlikely because the target density that is available to 
establish this conversion is decreasing. Finally, an apparent increase 
of the inferred energy due to an increase of solid angle that emits to 
our line of sight is only expected for relativistic outflows that decel-
erate. Instead, for AT2019dsg, the observations suggest the presence 
of a central engine that yields continuous energy injection through 
a coupling of accretion power to the radio emission30, with accelera-
tion in the final radio epoch due to a decrease in the slope of the 
ambient matter density profile.

Neutrino emission from AT2019dsg
With this strong evidence for three distinct emission zones derived 
purely from multiwavelength observations, we consider whether 
this picture is consistent with AT2019dsg being the source of the 
neutrino IC191001A. In particular, neutrino production requires 
protons to be accelerated to sufficiently high energies, and to col-
lide with a suitably abundant target. The detection of a single 
high-energy neutrino implies a mean expectation in the range 
0.05 < Nν,tot < 4.74 at 90% confidence, where Nν,tot is the cumulative 
neutrino expectation for all TDEs that ZTF has observed, while for 
an individual object the expectation will be substantially lower31. 
AT2019dsg emits fbol ≈ 0.16 of the population bolometric energy 
flux, and if we take this as a proxy for neutrino emission we would 
expect 0.008 ≲ Nν ≲ 0.76 for this source.

Radio observations confirm that particle acceleration is indeed 
occurring, and that this continues without decline until the detection 
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Fig. 2 | Synchrotron analysis of AT2019dsg. a, Radio measurements from MeerKAT (1.3!GHz), the Karl G. Jansky Very Large Array (VLA; 2–12!GHz) and 
the Arcminute Microkelvin Imager (AMI; 15.5!GHz) at four epochs with times listed relative to the first optical detection. The coloured lines show samples 
from the posterior distribution of synchrotron spectra fitted to the measurements at each epoch, and the dashed lines trace the best-fit parameters for 
that epoch. The free parameters are the electron power-law index (p!=!2.9!±!0.1) and the host baseline flux density, plus the magnetic field and radius for 
each epoch. b, The energy at each epoch for a conical outflow geometry with an half-opening angle of 30°. The dotted line indicates a linear increase of 
energy. c, The corresponding radius for each epoch, with a dotted line illustrating a linear increase. Error bars represent 1σ intervals.
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Figure 1. Left: Luminosity light curve over time of AT2018hyz in several frequency bands, including early upper limits
(triangles) and the late-time detections starting at about 970 days (circles). While the source is rising in all frequencies since
the first radio detections, we find the source has been fluctuating in L-band (1.4 GHz, yellow), and fading in Ku-band (17 GHz,
purple) and S-band (3.0 GHz, green) after ⇠ 2050 days. In contrast, at other frequencies such as C-band (5.5 GHz, light blue),
K-band (19-20 GHz, pink), UHF-band (0.88 GHz, red) and in the millimeter band (97.5 GHz, brown, and ⇠ 250 GHz, black) the
source is still rising as roughly F⌫ / t4 through 2100 days. Right: Luminosity light curve of AT2018hyz, including early upper
limits (green triangles; 0.9, 3, and 15 GHz) and the late-time detections starting at about 970 days (green stars; 5 GHz). Also
shown for comparison are the light curves of the relativistic TDE Sw J1644+57 (6.7 GHz; red; Berger et al. 2012; Cendes et al.
2024b; Eftekhari et al. 2018; Cendes et al. 2021b), the non-relativistic event AT2019dsg (6.7 GHz; orange; Cendes et al. 2021a,
2024b), and four events with apparent late-rising radio emission: ASASSN-15oi (6-7 GHz; blue; Horesh et al. 2021; Hajela et al.
2024), AT2019eve (5 GHz; pink; Cendes et al. 2024b), AT2019ehz (5 GHz; purple; Cendes et al. 2024b), and ASASSN-14ae (5
GHz; brown; Cendes et al. 2024b).

The radio light curves of AT2018hyz at frequencies of ⇡ 0.9� 250 GHz are shown in Figure 1. At all frequencies, we
find that the source continues to increase in brightness after the initial detection at 972 days. At C-band (5� 7 GHz)
we find a steady rise from about 1.4 mJy at 972 days to 33.3 mJy at 2160 days, corresponding to a mean power law
rise (F⌫ / t↵) with ↵ ⇡ 4. We find ↵ ⇡ 5.7 up to about 1400 days, and ↵ ⇡ 3.1 thereafter. We find a similar trend –
rapid initial rise followed by a slightly shallower rise starting at ⇡ 1400 days – at all well-sampled frequencies.

In Figure 1 we show the 5 GHz radio light curve in comparison to other radio-emitting TDEs. The radio luminosity
of AT2018hyz increased rapidly by two orders of magnitude from . 7 ⇥ 10

37 erg s�1 at ⇡ 700 days to ⇡ 10
40 erg s�1

at ⇡ 2160 days. Indeed, it has now exceeded the radio luminosity of any previous TDE other than the relativistic
event Sw J1644+57, which at a comparable timescale is only about a factor of 3 times more luminous. The rapid rise
in AT2018hyz has continued even beyond the end of a similar rise in ASASSN-15oi at ⇡ 500 � 1400 days, which has
since been steadily fading (Figure 1; Horesh et al. 2021; Hajela et al. 2024).

4. MODELING AND ANALYSIS

4.1. Spectral Energy Distributions

Following our previous work (Eftekhari et al. 2018; Cendes et al. 2021b,a, 2022, 2024b), we fit the spectral energy
distributions (SEDs) with a weighted model that accounts for two possible origins for the peak frequency — ⌫m (i.e.,
relativistic outflow) or ⌫a (i.e., non-relativistic outflow) — using the models developed by Granot & Sari (2002) for
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emission. The inferred outflow velocity using the four epochs is
β≈ 0.24, which is larger than the typical velocities of β≈ 0.1
inferred for previous nonrelativistic radio-emitting TDEs
(Alexander et al. 2016, 2017; Anderson et al. 2019; Cendes
et al. 2021a; Goodwin et al. 2022).

The outflow kinetic energy increases by a factor of about 5
from EK≈ 1.1× 1049 to 5.8× 1049 erg between 970 and
1250 days. The rapid increase in energy indicates that we are
observing the deceleration of the outflow. The kinetic energy is
larger than that of previous radio-emitting TDEs by a factor of
≈4 (Anderson et al. 2019; Goodwin et al. 2022), although we
note that this energy is a lower limit and would be higher if a
deviation from equipartition is assumed.

Finally, we find that the inferred ambient density declines
from next≈ 1.9 to ≈1.0 cm−3 over the distance scale of
1.7× 1017 to 3.7× 1017 cm, or ρ(R)∝ R−1. This is similar to
the rate seen in M87* and Sw J1644+57 and Sgr A*, and less
steep than the density profiles inferred around previous thermal
TDEs (see Figure 7 and citations therein). Combined with the
mild decline in density with radius, this indicates that the late
turn-on of the radio emission is inconsistent with a
density jump.
To conclude, even in the conservative spherical scenario we

find that radio emission requires a delayed, mildly relativistic
outflow with a higher velocity and energy than in previous
radio-emitting TDEs.

Table 3
Equipartition Model Parameters

Geometry δt log(Req) log(Eeq) log(B) log(Ne) log(next) Γ β γa νc
(day) (cm) (erg) (G) (cm−3) (GHz)

spherical 972 -
+17.22 0.06

0.09
-
+49.03 0.09

0.13 - -
+0.79 0.07

0.05
-
+52.54 0.09

0.13
-
+0.27 0.14

0.10
-
+1.03 0.01

0.01
-
+0.23 0.03

0.03
-
+70 1

1
-
+1061 1212

1039

( fA = 1, 1126 -
+17.41 0.01

0.01
-
+49.47 0.01

0.01 - -
+0.85 0.01

0.01
-
+52.96 0.01

0.01
-
+0.12 0.03

0.03
-
+1.02 0.01

0.01
-
+0.22 0.01

0.01
-
+63 1

1
-
+579 62

48

fV = 0.36, 1199 -
+17.57 0.03

0.03
-
+49.76 0.03

0.03 - -
+0.96 0.03

0.03
-
+53.28 0.03

0.03 - -
+0.04 0.06

0.06
-
+1.03 0.01

0.01
-
+0.25 0.01

0.01
-
+65 1

1
-
+838 209

158

òB = 0.1) 1251 -
+17.54 0.02

0.02
-
+49.75 0.02

0.02 - -
+0.91 0.02

0.02
-
+53.30 0.02

0.02 - -
+0.02 0.03

0.04
-
+1.02 0.01

0.01
-
+0.22 0.01

0.01
-
+65 1

1
-
+492 77

62

1282 -
+17.24 0.04

0.04
-
+49.57 0.05

0.04 - -
+0.56 0.05

0.05
-
+52.92 0.05

0.04
-
+0.54 0.10

0.09
-
+1.01 0.01

0.01
-
+0.12 0.01

0.01
-
+62 1

1
-
+377 122

165

10◦ jet 972 -
+17.89 0.06

0.09
-
+49.09 0.09

0.13 - -
+1.03 0.07

0.05
-
+52.65 0.09

0.13
-
+0.02 0.14

0.11
-
+1.20 0.04

0.04
-
+0.55 0.04

0.05
-
+96 1

1
-
+5465 1196

1034

( fA = θ2Γ2, 1126 -
+18.08 0.01

0.01
-
+49.52 0.01

0.01 - -
+1.09 0.01

0.01
-
+53.09 0.01

0.01 - -
+0.13 0.03

0.03
-
+1.21 0.01

0.01
-
+0.56 0.01

0.01
-
+76 1

1
-
+2965 318

247

fV = 0.27fA) 1199 -
+18.24 0.03

0.03
-
+49.81 0.03

0.03 - -
+1.20 0.03

0.03
-
+53.36 0.03

0.03 - -
+0.29 0.06

0.06
-
+1.26 0.02

0.02
-
+0.61 0.02

0.02
-
+78 1

1
-
+4341 1082

819

òB = 0.1) 1251 -
+18.21 0.02

0.02
-
+49.80 0.02

0.02 - -
+1.15 0.02

0.02
-
+53.37 0.02

0.02 - -
+0.24 0.04

0.04
-
+1.21 0.01

0.01
-
+0.57 0.01

0.01
-
+78 1

1
-
+2523 388

322

1282 -
+17.93 0.04

0.04
-
+49.60 0.05

0.04 - -
+0.79 0.05

0.05
-
+53.18 0.05

0.04
-
+0.31 0.10

0.09
-
+1.09 0.01

0.01
-
+0.39 0.01

0.02
-
+79 1

1
-
+188 72

56

Note. Values in this table are calculated using an outflow launch time of t0 = 750 days. For Γ and β we have accounted for the uncertainty in the launch date
( = -

+t 7500,sphere 127
80 days and = -

+t 7500,jet 113
73 ).

Figure 5. Radius evolution of the outflow for the spherical (blue) and jet (orange) geometries (Table 3), assuming equipartition. We fit a linear trend (i.e., free
expansion) to these data to determine the launch time of the outflow (green lines) and its uncertainty (gray shaded regions mark the 1σrange), excluding the
observation at 1282 days (open circle) for reasons outlined in Section 4. We find that = -

+t 7500,sphere 127
80 days and = -

+t 7500,jet 113
73 days relative to the time of optical

discovery. We also mark the time of the final nondetection at 705 days for reference (vertical dashed line).
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Figure 3. The solid lines are a relativistic off-axis forward shock model for AT 2018hyz described by E k, iso = 9.5 × 10 54 erg, k = 0.95, p = 2.08, ϵB = 0.10, 
ϵe = 0.18, n (10 19 cm) = 0.016 cm −3 , θ0 = 0.12rad, #θ ≡ θobs − θ0 = 0.74 rad, $ 0 > 10. Panels 1–5 depict the light curve at different observed frequencies. 
Measured values (and their errors) are shown in blue circles and 3 σ upper limits are denoted by triangles. Panel 6 shows the evolution of the synchrotron 
characteristic frequencies with time (see e.g. Granot et al. 2002 for their definitions) for this model. The dashed lines are the same model but assuming ϵe = ϵB 
which results in E k, iso = 1.3 × 10 55 erg, k = 0.85, p = 2.12, ϵB = ϵe = 0.1, n (10 19 cm) = 0.016 cm −3 , θ0 = 0.11 rad, #θ ≡ θobs − θ0 = 0.74 rad, $ 0 > 9.5. 
The square grey data points were observed after finalizing the modelling. Plotted here is the fit without these points. These two points show the beginning of a 
predicted flattening of the light curve and indicate that we begin to observe the core of the jet. 

The available data does not impose any upper limit on $ 0 (recall 
that once the material decelerates the evolution of the spectral flux 
is independent of $ 0 ) and is consistent as long as $ 0 > 10. The 
model requires a large viewing angle to account for the sharp rise 
of the flux density at late ( ∼3 yr) times. This, in turn, increases 
the energy requirements, since at times before the peak of an off- 
axis jet, a large fraction of the available energy is obscured from 

the observer due to relativistic beaming. We note that while the 
isotropic equi v alent kinetic ener gy appears to be lar ge, the colli- 
mated corrected energy, E θ ∼ 0 . 5 θ2 

0 E k, iso ≈ 7 × 10 52 erg is within 
the energy budget for a TDE (Piran et al. 2015 ; Stone & Metzger 
2016 ). Other parameters are consistent with expectations based on 
the modelling of other relativistic TDE jets and the modelling of 
GRB afterglows. Fig. 5 shows a comparison of the fitted density 
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Figure 3. The solid lines are a relativistic off-axis forward shock model for AT 2018hyz described by E k, iso = 9.5 × 10 54 erg, k = 0.95, p = 2.08, ϵB = 0.10, 
ϵe = 0.18, n (10 19 cm) = 0.016 cm −3 , θ0 = 0.12rad, #θ ≡ θobs − θ0 = 0.74 rad, $ 0 > 10. Panels 1–5 depict the light curve at different observed frequencies. 
Measured values (and their errors) are shown in blue circles and 3 σ upper limits are denoted by triangles. Panel 6 shows the evolution of the synchrotron 
characteristic frequencies with time (see e.g. Granot et al. 2002 for their definitions) for this model. The dashed lines are the same model but assuming ϵe = ϵB 
which results in E k, iso = 1.3 × 10 55 erg, k = 0.85, p = 2.12, ϵB = ϵe = 0.1, n (10 19 cm) = 0.016 cm −3 , θ0 = 0.11 rad, #θ ≡ θobs − θ0 = 0.74 rad, $ 0 > 9.5. 
The square grey data points were observed after finalizing the modelling. Plotted here is the fit without these points. These two points show the beginning of a 
predicted flattening of the light curve and indicate that we begin to observe the core of the jet. 

The available data does not impose any upper limit on $ 0 (recall 
that once the material decelerates the evolution of the spectral flux 
is independent of $ 0 ) and is consistent as long as $ 0 > 10. The 
model requires a large viewing angle to account for the sharp rise 
of the flux density at late ( ∼3 yr) times. This, in turn, increases 
the energy requirements, since at times before the peak of an off- 
axis jet, a large fraction of the available energy is obscured from 

the observer due to relativistic beaming. We note that while the 
isotropic equi v alent kinetic ener gy appears to be lar ge, the colli- 
mated corrected energy, E θ ∼ 0 . 5 θ2 

0 E k, iso ≈ 7 × 10 52 erg is within 
the energy budget for a TDE (Piran et al. 2015 ; Stone & Metzger 
2016 ). Other parameters are consistent with expectations based on 
the modelling of other relativistic TDE jets and the modelling of 
GRB afterglows. Fig. 5 shows a comparison of the fitted density 
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Figure 1. Left: Luminosity light curve over time of AT2018hyz in several frequency bands, including early upper limits
(triangles) and the late-time detections starting at about 970 days (circles). While the source is rising in all frequencies since
the first radio detections, we find the source has been fluctuating in L-band (1.4 GHz, yellow), and fading in Ku-band (17 GHz,
purple) and S-band (3.0 GHz, green) after ⇠ 2050 days. In contrast, at other frequencies such as C-band (5.5 GHz, light blue),
K-band (19-20 GHz, pink), UHF-band (0.88 GHz, red) and in the millimeter band (97.5 GHz, brown, and ⇠ 250 GHz, black) the
source is still rising as roughly F⌫ / t4 through 2100 days. Right: Luminosity light curve of AT2018hyz, including early upper
limits (green triangles; 0.9, 3, and 15 GHz) and the late-time detections starting at about 970 days (green stars; 5 GHz). Also
shown for comparison are the light curves of the relativistic TDE Sw J1644+57 (6.7 GHz; red; Berger et al. 2012; Cendes et al.
2024b; Eftekhari et al. 2018; Cendes et al. 2021b), the non-relativistic event AT2019dsg (6.7 GHz; orange; Cendes et al. 2021a,
2024b), and four events with apparent late-rising radio emission: ASASSN-15oi (6-7 GHz; blue; Horesh et al. 2021; Hajela et al.
2024), AT2019eve (5 GHz; pink; Cendes et al. 2024b), AT2019ehz (5 GHz; purple; Cendes et al. 2024b), and ASASSN-14ae (5
GHz; brown; Cendes et al. 2024b).

The radio light curves of AT2018hyz at frequencies of ⇡ 0.9� 250 GHz are shown in Figure 1. At all frequencies, we
find that the source continues to increase in brightness after the initial detection at 972 days. At C-band (5� 7 GHz)
we find a steady rise from about 1.4 mJy at 972 days to 33.3 mJy at 2160 days, corresponding to a mean power law
rise (F⌫ / t↵) with ↵ ⇡ 4. We find ↵ ⇡ 5.7 up to about 1400 days, and ↵ ⇡ 3.1 thereafter. We find a similar trend –
rapid initial rise followed by a slightly shallower rise starting at ⇡ 1400 days – at all well-sampled frequencies.

In Figure 1 we show the 5 GHz radio light curve in comparison to other radio-emitting TDEs. The radio luminosity
of AT2018hyz increased rapidly by two orders of magnitude from . 7 ⇥ 10

37 erg s�1 at ⇡ 700 days to ⇡ 10
40 erg s�1

at ⇡ 2160 days. Indeed, it has now exceeded the radio luminosity of any previous TDE other than the relativistic
event Sw J1644+57, which at a comparable timescale is only about a factor of 3 times more luminous. The rapid rise
in AT2018hyz has continued even beyond the end of a similar rise in ASASSN-15oi at ⇡ 500 � 1400 days, which has
since been steadily fading (Figure 1; Horesh et al. 2021; Hajela et al. 2024).

4. MODELING AND ANALYSIS

4.1. Spectral Energy Distributions

Following our previous work (Eftekhari et al. 2018; Cendes et al. 2021b,a, 2022, 2024b), we fit the spectral energy
distributions (SEDs) with a weighted model that accounts for two possible origins for the peak frequency — ⌫m (i.e.,
relativistic outflow) or ⌫a (i.e., non-relativistic outflow) — using the models developed by Granot & Sari (2002) for
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emission. The inferred outflow velocity using the four epochs is
β≈ 0.24, which is larger than the typical velocities of β≈ 0.1
inferred for previous nonrelativistic radio-emitting TDEs
(Alexander et al. 2016, 2017; Anderson et al. 2019; Cendes
et al. 2021a; Goodwin et al. 2022).

The outflow kinetic energy increases by a factor of about 5
from EK≈ 1.1× 1049 to 5.8× 1049 erg between 970 and
1250 days. The rapid increase in energy indicates that we are
observing the deceleration of the outflow. The kinetic energy is
larger than that of previous radio-emitting TDEs by a factor of
≈4 (Anderson et al. 2019; Goodwin et al. 2022), although we
note that this energy is a lower limit and would be higher if a
deviation from equipartition is assumed.

Finally, we find that the inferred ambient density declines
from next≈ 1.9 to ≈1.0 cm−3 over the distance scale of
1.7× 1017 to 3.7× 1017 cm, or ρ(R)∝ R−1. This is similar to
the rate seen in M87* and Sw J1644+57 and Sgr A*, and less
steep than the density profiles inferred around previous thermal
TDEs (see Figure 7 and citations therein). Combined with the
mild decline in density with radius, this indicates that the late
turn-on of the radio emission is inconsistent with a
density jump.
To conclude, even in the conservative spherical scenario we

find that radio emission requires a delayed, mildly relativistic
outflow with a higher velocity and energy than in previous
radio-emitting TDEs.

Table 3
Equipartition Model Parameters

Geometry δt log(Req) log(Eeq) log(B) log(Ne) log(next) Γ β γa νc
(day) (cm) (erg) (G) (cm−3) (GHz)

spherical 972 -
+17.22 0.06

0.09
-
+49.03 0.09

0.13 - -
+0.79 0.07

0.05
-
+52.54 0.09

0.13
-
+0.27 0.14

0.10
-
+1.03 0.01

0.01
-
+0.23 0.03

0.03
-
+70 1

1
-
+1061 1212

1039

( fA = 1, 1126 -
+17.41 0.01

0.01
-
+49.47 0.01

0.01 - -
+0.85 0.01

0.01
-
+52.96 0.01

0.01
-
+0.12 0.03

0.03
-
+1.02 0.01

0.01
-
+0.22 0.01

0.01
-
+63 1

1
-
+579 62

48

fV = 0.36, 1199 -
+17.57 0.03

0.03
-
+49.76 0.03

0.03 - -
+0.96 0.03

0.03
-
+53.28 0.03

0.03 - -
+0.04 0.06

0.06
-
+1.03 0.01

0.01
-
+0.25 0.01

0.01
-
+65 1

1
-
+838 209

158

òB = 0.1) 1251 -
+17.54 0.02

0.02
-
+49.75 0.02

0.02 - -
+0.91 0.02

0.02
-
+53.30 0.02

0.02 - -
+0.02 0.03

0.04
-
+1.02 0.01

0.01
-
+0.22 0.01

0.01
-
+65 1

1
-
+492 77

62

1282 -
+17.24 0.04

0.04
-
+49.57 0.05

0.04 - -
+0.56 0.05

0.05
-
+52.92 0.05

0.04
-
+0.54 0.10

0.09
-
+1.01 0.01

0.01
-
+0.12 0.01

0.01
-
+62 1

1
-
+377 122

165

10◦ jet 972 -
+17.89 0.06

0.09
-
+49.09 0.09

0.13 - -
+1.03 0.07

0.05
-
+52.65 0.09

0.13
-
+0.02 0.14

0.11
-
+1.20 0.04

0.04
-
+0.55 0.04

0.05
-
+96 1

1
-
+5465 1196

1034

( fA = θ2Γ2, 1126 -
+18.08 0.01

0.01
-
+49.52 0.01

0.01 - -
+1.09 0.01

0.01
-
+53.09 0.01

0.01 - -
+0.13 0.03

0.03
-
+1.21 0.01

0.01
-
+0.56 0.01

0.01
-
+76 1

1
-
+2965 318

247

fV = 0.27fA) 1199 -
+18.24 0.03

0.03
-
+49.81 0.03

0.03 - -
+1.20 0.03

0.03
-
+53.36 0.03

0.03 - -
+0.29 0.06

0.06
-
+1.26 0.02

0.02
-
+0.61 0.02

0.02
-
+78 1

1
-
+4341 1082

819

òB = 0.1) 1251 -
+18.21 0.02

0.02
-
+49.80 0.02

0.02 - -
+1.15 0.02

0.02
-
+53.37 0.02

0.02 - -
+0.24 0.04

0.04
-
+1.21 0.01

0.01
-
+0.57 0.01

0.01
-
+78 1

1
-
+2523 388

322

1282 -
+17.93 0.04

0.04
-
+49.60 0.05

0.04 - -
+0.79 0.05

0.05
-
+53.18 0.05

0.04
-
+0.31 0.10

0.09
-
+1.09 0.01

0.01
-
+0.39 0.01

0.02
-
+79 1

1
-
+188 72

56

Note. Values in this table are calculated using an outflow launch time of t0 = 750 days. For Γ and β we have accounted for the uncertainty in the launch date
( = -

+t 7500,sphere 127
80 days and = -

+t 7500,jet 113
73 ).

Figure 5. Radius evolution of the outflow for the spherical (blue) and jet (orange) geometries (Table 3), assuming equipartition. We fit a linear trend (i.e., free
expansion) to these data to determine the launch time of the outflow (green lines) and its uncertainty (gray shaded regions mark the 1σrange), excluding the
observation at 1282 days (open circle) for reasons outlined in Section 4. We find that = -

+t 7500,sphere 127
80 days and = -

+t 7500,jet 113
73 days relative to the time of optical

discovery. We also mark the time of the final nondetection at 705 days for reference (vertical dashed line).
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Figure 3. The solid lines are a relativistic off-axis forward shock model for AT 2018hyz described by E k, iso = 9.5 × 10 54 erg, k = 0.95, p = 2.08, ϵB = 0.10, 
ϵe = 0.18, n (10 19 cm) = 0.016 cm −3 , θ0 = 0.12rad, #θ ≡ θobs − θ0 = 0.74 rad, $ 0 > 10. Panels 1–5 depict the light curve at different observed frequencies. 
Measured values (and their errors) are shown in blue circles and 3 σ upper limits are denoted by triangles. Panel 6 shows the evolution of the synchrotron 
characteristic frequencies with time (see e.g. Granot et al. 2002 for their definitions) for this model. The dashed lines are the same model but assuming ϵe = ϵB 
which results in E k, iso = 1.3 × 10 55 erg, k = 0.85, p = 2.12, ϵB = ϵe = 0.1, n (10 19 cm) = 0.016 cm −3 , θ0 = 0.11 rad, #θ ≡ θobs − θ0 = 0.74 rad, $ 0 > 9.5. 
The square grey data points were observed after finalizing the modelling. Plotted here is the fit without these points. These two points show the beginning of a 
predicted flattening of the light curve and indicate that we begin to observe the core of the jet. 

The available data does not impose any upper limit on $ 0 (recall 
that once the material decelerates the evolution of the spectral flux 
is independent of $ 0 ) and is consistent as long as $ 0 > 10. The 
model requires a large viewing angle to account for the sharp rise 
of the flux density at late ( ∼3 yr) times. This, in turn, increases 
the energy requirements, since at times before the peak of an off- 
axis jet, a large fraction of the available energy is obscured from 

the observer due to relativistic beaming. We note that while the 
isotropic equi v alent kinetic ener gy appears to be lar ge, the colli- 
mated corrected energy, E θ ∼ 0 . 5 θ2 

0 E k, iso ≈ 7 × 10 52 erg is within 
the energy budget for a TDE (Piran et al. 2015 ; Stone & Metzger 
2016 ). Other parameters are consistent with expectations based on 
the modelling of other relativistic TDE jets and the modelling of 
GRB afterglows. Fig. 5 shows a comparison of the fitted density 
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Figure 1. Left: Luminosity light curve over time of AT2018hyz in several frequency bands, including early upper limits
(triangles) and the late-time detections starting at about 970 days (circles). While the source is rising in all frequencies since
the first radio detections, we find the source has been fluctuating in L-band (1.4 GHz, yellow), and fading in Ku-band (17 GHz,
purple) and S-band (3.0 GHz, green) after ⇠ 2050 days. In contrast, at other frequencies such as C-band (5.5 GHz, light blue),
K-band (19-20 GHz, pink), UHF-band (0.88 GHz, red) and in the millimeter band (97.5 GHz, brown, and ⇠ 250 GHz, black) the
source is still rising as roughly F⌫ / t4 through 2100 days. Right: Luminosity light curve of AT2018hyz, including early upper
limits (green triangles; 0.9, 3, and 15 GHz) and the late-time detections starting at about 970 days (green stars; 5 GHz). Also
shown for comparison are the light curves of the relativistic TDE Sw J1644+57 (6.7 GHz; red; Berger et al. 2012; Cendes et al.
2024b; Eftekhari et al. 2018; Cendes et al. 2021b), the non-relativistic event AT2019dsg (6.7 GHz; orange; Cendes et al. 2021a,
2024b), and four events with apparent late-rising radio emission: ASASSN-15oi (6-7 GHz; blue; Horesh et al. 2021; Hajela et al.
2024), AT2019eve (5 GHz; pink; Cendes et al. 2024b), AT2019ehz (5 GHz; purple; Cendes et al. 2024b), and ASASSN-14ae (5
GHz; brown; Cendes et al. 2024b).

The radio light curves of AT2018hyz at frequencies of ⇡ 0.9� 250 GHz are shown in Figure 1. At all frequencies, we
find that the source continues to increase in brightness after the initial detection at 972 days. At C-band (5� 7 GHz)
we find a steady rise from about 1.4 mJy at 972 days to 33.3 mJy at 2160 days, corresponding to a mean power law
rise (F⌫ / t↵) with ↵ ⇡ 4. We find ↵ ⇡ 5.7 up to about 1400 days, and ↵ ⇡ 3.1 thereafter. We find a similar trend –
rapid initial rise followed by a slightly shallower rise starting at ⇡ 1400 days – at all well-sampled frequencies.

In Figure 1 we show the 5 GHz radio light curve in comparison to other radio-emitting TDEs. The radio luminosity
of AT2018hyz increased rapidly by two orders of magnitude from . 7 ⇥ 10

37 erg s�1 at ⇡ 700 days to ⇡ 10
40 erg s�1

at ⇡ 2160 days. Indeed, it has now exceeded the radio luminosity of any previous TDE other than the relativistic
event Sw J1644+57, which at a comparable timescale is only about a factor of 3 times more luminous. The rapid rise
in AT2018hyz has continued even beyond the end of a similar rise in ASASSN-15oi at ⇡ 500 � 1400 days, which has
since been steadily fading (Figure 1; Horesh et al. 2021; Hajela et al. 2024).

4. MODELING AND ANALYSIS

4.1. Spectral Energy Distributions

Following our previous work (Eftekhari et al. 2018; Cendes et al. 2021b,a, 2022, 2024b), we fit the spectral energy
distributions (SEDs) with a weighted model that accounts for two possible origins for the peak frequency — ⌫m (i.e.,
relativistic outflow) or ⌫a (i.e., non-relativistic outflow) — using the models developed by Granot & Sari (2002) for
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で与えられる。ここで
δD ≡ 1

Γ(1− βµ)
, (12)

は考える流体素片のドップラー因子で、特に µは実験室系での流体素片の進行方向と観測者の視線方向のなす角の余弦である。これらをフラックスの Eq. (8)に代入すると
Fνobs =

(1 + z)
D2

L

∫
δ2Dj

′
ν′

(
1− e−τν

τν

)
dV , (13)

となる。以下ではジェットの運動をその進行方向を極角とする球座標で考察する。このとき、ジェット上のパッチの占める体積要素は
dV = R2∆RdΩ , (14)

と与えられる。ここで∆Rはジェット shellの厚さであり (先ほどの∆sとは |µ|∆s = ∆Rの関係になる)、以下のように与えられる (van Eerten et al. 2010; Takahashi et al. 2022) :

∆R =
R

4(3− k)Γ2(1− βµ)
, (15)

ここで kは密度分布の冪である。光学的厚みはこの厚みを用いて
τν = αν

∆R
|µ| = δ−1

D α′
ν′
∆R
|µ| , (16)

と計算される。また、Eq. (13)の積分を実行する際には、考える観測者系での時間 T に光子が到達するような時刻 tでの位置で計算する必要がある。このような位置は一般に equal-arrival-time surfaceと呼ばれる (e.g., Sari 1998; Granot et al. 1999a)。いま、ジェットの運動 R(t)がわかっているので、
T

1 + z
= t− µR(t)

c
, (17)

を解いて得られる。特に µ について、Fig. 1のような座標系を考えて xz 平面上の観測者が角度 θobs で球座標 (θ, ϕ)の方向に運動する流体素片を見込む場合、観測者方向と流体素片の運動方向のベクトル
−→n obs = (sin θobs, 0, cos θobs) , (18)
−→er = (cosϕ sin θ, sinϕ sin θ, cos θ) , (19)

から
µ =−→n obs ·−→er = cosϕ sin θ sin θobs + cos θ cos θobs , (20)

となる。これを各 µ で解く作業が一番時間がかかることがわかった。放射率 j′ν′ を計算する (基本的にSari et al. 1998 に従うが
Note-Afterglow-も参照)。この節では特に断りがない限り Q′

and Qと書かれた量はそれぞれ流体静止系、放射源静止系 (lab系)での量とする。まず衝撃波で運動エネルギーが散逸して内部エネルギーとなり、その一部が磁場と非熱的電子の加速に使われたと考える。磁場は
B′ =

[
32πεBmpc

2(Γ− 1)Γn
]1/2

, (21)

と与えられる。非熱的電子は冪型のエネルギー分布 dn′/dγ ∝
γ−p を持つとして、もっとも小さいローレンツ因子は
γm = εe

(
p− 2
p− 1

)
mp

me
(Γ− 1) , (22)

と与えられる。ここで電子のローレンツ因子は常に流体静止系で考えるので ′をつけないことにする。なお衝撃波が減速して γm2

Figure 1. 考える座標系。xyz 座標でジェットは z 軸上に進む。観測者は xz平面内に存在し、見込み角度を θobs とする。この観測者から見たジェットはは XY 平面への射影であり、θobs < π/2 のときには観測者の方に進むジェットが X 軸方向に進むよう定義する。

となると、以降は γm = 2と固定して計算する (Deep Newtonian
Phase; e.g., Huang et al. 1999; Sironi & Giannios 2013)ローレンツ因子 γ の電子によるシンクロトロン放射での特徴的な周波数と 1電子あたりの光度は
ν′ =

γ2eB′

2πmec
, (23)

P ′ =
4
3
σTcγ

2 (B
′)2

8π
, (24)

と与えられる。この電子は上の周波数で放射率
P ′
ν′ ≃ P ′

ν′ =
σTmec

2B′

3e
, (25)

を持つと考えることができる。これは電子のローレンツ因子に依存しない。また、系の力学的時間よりも電子の冷却時間が長い場合、電子の冷却による電子分布の進化を考える必要がある (fast cooling)。
Fast coolingとなる電子のローレンツ因子 γc は上の条件から
γcmec

2 =

(
4
3
σTcγ

2
c
(B′)2

8π

)
t′ , (26)

とかけて
γc =

6πmec
σT(B′)2t′

, (27)

となる。ここで t′ = t/Γであり、Eq. (17)から T に対して tを計算することで得られる。放射率 j′ν′ はエネルギー分布を考慮して電子全体について P ′
ν′を足し合わせることで得られる。一番エネルギーの小さな電子の数が最も多いため、個数密度が n′ に等しいと考えて良く、対応する周波数 (νm or νc)で放射率はピーク

(j′ν′)peak =
n′P ′

ν′

4π
=

ΓσTmec
2nB′

3πe
, (28)

を持つ。よって slow cooling (γm < γc)の場合、

j′ν′ = (j′ν′)peak

⎧
⎪⎪⎪⎪⎨

⎪⎪⎪⎪⎩

(
ν′

ν′
m

)1/3
: ν′ < ν′

m ,
(

ν′

ν′
m

) 1−p
2

: ν′
m < ν′ < ν′

c ,
(

ν′
c

ν′
m

) 1−p
2

(
ν′

ν′
c

)− p
2

: ν′
c < ν′ ,

(29)
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• Spectrum: 5GHz の光度曲線はうまくフィットできるがスペクトルは難しく、特にスペクトルピークを一致させるのは困難である。Cendes et al. (2025)によると νpeak は≃ 3GHzだが、我々の結果は ≃ 1GHzで少し低くなってしまう。観測で得られている SED が SSA によるピークを持っていると解釈すると、
optically thin のフラックスと SSA 周波数を与えれば SED は完全に指定される。今、速度が十分小さい (がDeep-Newtonianではない)ので one-zoneで考えることができて、両者は
Fν ∝ εp−1

e ε
p+1
4

B n
p+5
4 R3β

5p−3
2

p=2.2∝ ε1.2e ε0.8B n1.8β7.0 ,

νa ∝
[
ε2(p−1)
e ε

p+2
2

B n
p+6
2 R2β5p−2

] 1
p+4 p=2.2∝ ε0.39e ε0.34B n0.66β1.77 ,

となる。ここで数値は p = 2.2を代入して得た (nの R 依存性は考えていない)。これより、どのパラメータを大きくしても、
Fν の方がより νa の増加よりも大きくなることがわかる。しかし、フラックスの速度依存性が一番大きいので、例えば εe などを上げて νa を大きくし、速度を下げて Fν の増加分を νa が初期値より小さくならないように下げることは可能である。ここでは equipartition半径からの誤差が 2倍以内に収まるように速度を下げ、他の parameter を上げることで νa を大きくするように試みた。しかし、詳細な fittingを行うことがこの論文の目的ではなく、また SSA周波数はアウトフローの形状などにも依存するため、ここでは SSAの不一致はこれ以上深く考えない。

• Spectral Index: Cendes et al. (2025)のスペクトルフィットでは pが観測期間によってずれている。これを foward modelingで再現することは難しい。特に 2000日付近では p < 2となっている。この理由として、これらの期間では高周波数側のデータがあまりよくないことに加え、Cendes et al. (2025)で仮定されているスペクトルのフィッティング関数は形状が p に依存することになっており、幅の広いピークだと pが小さい値が好まれるからかもしれない。
• X-ray Upper Limit: Chandraによる約 2000日での上限から εB ∼ 10−3 という制限を得ているが、我々の計算では強い制限になっていない。これは、p = 2.2を採用しているのでスペクトルの形がより steepになっているからと考えられる。
• Energetics: 我々のエネルギーは Eej = 3 × 1052 erg と

Cendes et al. (2025) の等分配法の結果よりも 100 倍ほど大きい。最も重要なのは等分配法では shocked regionのエネルギーのみしか知ることができないことが挙げられる (Matsumoto et al.
2022)。Forward modelingの場合はダイナミクスの情報も使うことになり、特に AT2018hyz の観測ではアウトフローは観測時間ないに減速してはいけない。減速は Sedov time の 0.5 倍くらいからわずかに始まるので、観測を説明するために 2000-
600=1400 日で減速せず、これが Sedoc time の半分とすると
Sedov timeは 2800+600=3400日ほどになる。この間に掃き集められる質量は M(R) ∝ n(R)R3 ∝ R3−k なので、アウトフロー自体の質量は 2000日の時点で掃き集めた質量 (従って等分配法で得られているエネルギー)の 10倍ほどになる。さらに密度分布も等分配法で示唆されているものよりも数倍大きいので、
100倍ほどのズレが生じる。言い方を変えると、Sedov timeは密度分布が一定とすると
tdec ≃

(
3Eej

2πmpnc5β5
0

)1/3

(83)

と与えられるので、これが 3400日以降であるという条件からエネルギーに対して
Eej ! 1.57× 1052 erg

( n
3 cm−3

)(
β0

0.3

)5 ( t
3400 day

)3

,

(84)

という制限がかかることになる。

Figure 8.

Figure 9.

3.2 Relativistic Off-axis Jet

まず予備的考察をする。Off-axisの場合には
δD ≃ 2

Γθ2obs
, (85)

と近似できる。ここで 1−βµ ≃ 1−µ = 2 sin2(θobs/2) ≃ θ2obs/2とした。最後の近似は θobs/2 ≪ 1 の場合にのみよい近似となるが、θobs < π/2だといつでもよい近似になっている。さらに
one-zone的だとして、Eq. (31)から optically thinのフラックスと νa > νm とした場合の自己吸収係数はそれぞれ
Fνobs ∝ εp−1

e ε
p+1
4

B n
p+5
4 R3Γp−3θ2j θ

−(p+5)
obs , (86)

νa ∝
[
ε2(p−1)
e ε

p+2
2

B n
p+6
2 R2Γ2(p−1)θ−(p+2)

obs

] 1
p+4

, (87)

となる。今、相対論的な減速期だと、
R ≃ 2cT

θ2obs
, (88)

MNRAS 000, 1–15 (2023)
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• Spectrum: 5GHz の光度曲線はうまくフィットできるがスペクトルは難しく、特にスペクトルピークを一致させるのは困難である。Cendes et al. (2025)によると νpeak は≃ 3GHzだが、我々の結果は ≃ 1GHzで少し低くなってしまう。観測で得られている SED が SSA によるピークを持っていると解釈すると、
optically thin のフラックスと SSA 周波数を与えれば SED は完全に指定される。今、速度が十分小さい (がDeep-Newtonianではない)ので one-zoneで考えることができて、両者は
Fν ∝ εp−1

e ε
p+1
4

B n
p+5
4 R3β

5p−3
2

p=2.2∝ ε1.2e ε0.8B n1.8β7.0 ,

νa ∝
[
ε2(p−1)
e ε

p+2
2

B n
p+6
2 R2β5p−2

] 1
p+4 p=2.2∝ ε0.39e ε0.34B n0.66β1.77 ,

となる。ここで数値は p = 2.2を代入して得た (nの R 依存性は考えていない)。これより、どのパラメータを大きくしても、
Fν の方がより νa の増加よりも大きくなることがわかる。しかし、フラックスの速度依存性が一番大きいので、例えば εe などを上げて νa を大きくし、速度を下げて Fν の増加分を νa が初期値より小さくならないように下げることは可能である。ここでは equipartition半径からの誤差が 2倍以内に収まるように速度を下げ、他の parameter を上げることで νa を大きくするように試みた。しかし、詳細な fittingを行うことがこの論文の目的ではなく、また SSA周波数はアウトフローの形状などにも依存するため、ここでは SSAの不一致はこれ以上深く考えない。

• Spectral Index: Cendes et al. (2025)のスペクトルフィットでは pが観測期間によってずれている。これを foward modelingで再現することは難しい。特に 2000日付近では p < 2となっている。この理由として、これらの期間では高周波数側のデータがあまりよくないことに加え、Cendes et al. (2025)で仮定されているスペクトルのフィッティング関数は形状が p に依存することになっており、幅の広いピークだと pが小さい値が好まれるからかもしれない。
• X-ray Upper Limit: Chandraによる約 2000日での上限から εB ∼ 10−3 という制限を得ているが、我々の計算では強い制限になっていない。これは、p = 2.2を採用しているのでスペクトルの形がより steepになっているからと考えられる。
• Energetics: 我々のエネルギーは Eej = 3 × 1052 erg と

Cendes et al. (2025) の等分配法の結果よりも 100 倍ほど大きい。最も重要なのは等分配法では shocked regionのエネルギーのみしか知ることができないことが挙げられる (Matsumoto et al.
2022)。Forward modelingの場合はダイナミクスの情報も使うことになり、特に AT2018hyz の観測ではアウトフローは観測時間ないに減速してはいけない。減速は Sedov time の 0.5 倍くらいからわずかに始まるので、観測を説明するために 2000-
600=1400 日で減速せず、これが Sedoc time の半分とすると
Sedov timeは 2800+600=3400日ほどになる。この間に掃き集められる質量は M(R) ∝ n(R)R3 ∝ R3−k なので、アウトフロー自体の質量は 2000日の時点で掃き集めた質量 (従って等分配法で得られているエネルギー)の 10倍ほどになる。さらに密度分布も等分配法で示唆されているものよりも数倍大きいので、
100倍ほどのズレが生じる。言い方を変えると、Sedov timeは密度分布が一定とすると
tdec ≃

(
3Eej

2πmpnc5β5
0

)1/3

(83)

と与えられるので、これが 3400日以降であるという条件からエネルギーに対して
Eej ! 1.57× 1052 erg

( n
3 cm−3

)(
β0

0.3

)5 ( t
3400 day

)3

,

(84)

という制限がかかることになる。

Figure 8.

Figure 9.

3.2 Relativistic Off-axis Jet

まず予備的考察をする。Off-axisの場合には
δD ≃ 2

Γθ2obs
, (85)

と近似できる。ここで 1−βµ ≃ 1−µ = 2 sin2(θobs/2) ≃ θ2obs/2とした。最後の近似は θobs/2 ≪ 1 の場合にのみよい近似となるが、θobs < π/2だといつでもよい近似になっている。さらに
one-zone的だとして、Eq. (31)から optically thinのフラックスと νa > νm とした場合の自己吸収係数はそれぞれ
Fνobs ∝ εp−1

e ε
p+1
4

B n
p+5
4 R3Γp−3θ2j θ

−(p+5)
obs , (86)

νa ∝
[
ε2(p−1)
e ε

p+2
2

B n
p+6
2 R2Γ2(p−1)θ−(p+2)

obs

] 1
p+4

, (87)

となる。今、相対論的な減速期だと、
R ≃ 2cT

θ2obs
, (88)
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かつ Γ ∝ (Eej/nR
3)1/2 ∝ E1/2

ej n−1/2T−3/2θ3obsとなる。よって
Fνobs ∝ εp−1

e ε
p+1
4

B n
11−p

4 T
3(5−p)

2 E
p−3
2

ej θ2j θ
2(p−10)
obs

p=2.2∝ ε1.2e ε0.8B n2.2E−0.4
ej T 4.2θ2j θ

−15.6
obs , (89)

νa ∝
[
ε2(p−1)
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p+2
2

B n
8−p
2 Ep−1

ej T 5−3pθ5p−12
obs

] 1
p+4

p=2.2∝ ε0.39e ε0.34B n0.47E0.19
ej T−0.26θ−0.16

obs , (90)

となる。また、νm ∼ νa が初期には成立している領域がある。前者は
νm ∝ ε2eε

1/2
B n1/2Γ2 ∝ ε2eε

1/2
B Eejn

−1/2T−3 , (91)

となる。
Fig. 10に相対論的ジェットの光度曲線を描いた。採用したパラメータはTable 2に示した。この例では θobs = 70◦としたものが最もよく再現するような parameterになっているが見込み角とジェット開口角には縮退がある (後述)。他の見込み角についての光度曲線も同時に示してある。基本的には見込み角が大きいと暗くなる。よって、counter jetの寄与は後期でしか寄与せず、考えている時間ではほぼ無視できる。5GHzでの optically thinの場合には光度曲線は off-axisの間は急激な立ち上がりを示す。この

間にジェットは減速しているため、フラックスはFν ∝ T 3+
3(3−p)

2と T 3よりも急に明るくなることがわかる (e.g., Beniamini et al.
2023)。光度曲線はジェットが Newtonian になるとピークを迎える。今、非常に大きな角度なので off-axisから on-axisになるときは Newtonianになるときとほぼ一致する。以下で同様にスペクトルなどの考察を箇条書きで書く。

• Spectrum: Fig. 11に θobs = 70◦ に対応するスペクトルを示した。これも Newtonian outflow のように acceptable なっていてうまく観測を再現している (X-ray upper limitも OK)。特に、スペクトルのピークは ≃ 3GHzとなっている。また、初期のスペクトルは 2000 日前後のスペクトルと比べてピークがやや丸くなっているが、これは νa ! νm となって、2つの周波数がほとんど重なっているが、わずかに νm が大きいからである。この周波数は時間と共に減少するため、2000日の時点では
νm < 1GHz に移動するため、スペクトルのピーク部分よりわずかに低周波数側は Fν ∝ ν5/2 とよりシャープになる。さらに低周波数側では Fν ∝ ν2 に遷移している。2 特に νa ∼ νm であることはCendes et al. (2025)での議論と consistentである。

• Energetics:我々の結果から示唆されるエネルギーはEj,iso ≃
1056 ergで正味のエネルギーに直してもEj ≃ θ2j Ej,iso ∼ 1054 ergと膨大なエネルギーになる。これはジェットが減速しているという条件から得られるもので、T = 1000 dayで Γ ∼ 10より
Ej,iso =

4π
3
mpc

2Γ2nR3 =
4π
3
mpc

2Γ2n

(
2cT
θ2obs

)3

≃ 8.76× 1055 ergΓ2
1n0

(
T

1000 day

)3

θ−6
obs , (92)

と見積もられる。よって TDE で許されるギリギリの ener-
getics でかなり強力なジェットであることを示唆する。が、
TDE jet はこのようなものが多い (e.g., Berger et al. 2012;
Matsumoto & Metzger 2023)。Γはフラックスの値に大きく影響する。特に今考えている領域では Γが小さいほど明るいので
2 直感的にはこの冪が遷移するところに νm が存在するため、1000 日から 2000 日の間に 3 倍くらいしか移動していないように思える。これは νm ∝ T−3 に反する。しかし、実際には吸収係数に現れる積分
Ip(ν/νm) は ν " 3νm くらいでサチるため、ν ≃ 3νm くらいで冪の遷移が起こる。

Figure 10.

Figure 11.

小さいエネルギーを考えることで光度は明るくなる。これに対応して、θj を小さくしたり、θobs を大きくすることでエネルギーは小さくすることができる (see Eq. 89)。しかし、エネルギーを小さくし過ぎると、Newtonianとなる時間が短くなって光度曲線の傾きが緩やかになり始めるため制限される。逆に、Γ = 1となる時点でピークを迎えるため、R ≃ cTpeak としてエネルギーに対する制限が与えられる:

Ej,iso =
4π
3
mpc

2n(cTpeak)
3

" 1.10× 1054 erg n0

(
Tpeak

2160 day

)3

. (93)

• Comparison with Cendes+25: 最後にCendes et al. (2025)の Sec. 5.2.2でも off-axis jetモデルで光度曲線を再現しているのでこれと比較する。こちらの方が fitがよい。

3.3 Radio Image

以上まで述べたように、光度曲線の解析からではNewtonian out-
flow or off-axis relativistic jetのどちらがよいか決めることは難しい。より直接的には電波イメージを得ることでアウトフローの形状から判断することができる。以下の計算は CD_Image1_v251001を元にした CD_AT18hyz_Imageで行った。
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• Comparison with Cendes+25: 最後にCendes et al. (2025)の Sec. 5.2.2でも off-axis jetモデルで光度曲線を再現しているのでこれと比較する。こちらの方が fitがよい。
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flow or off-axis relativistic jetのどちらがよいか決めることは難しい。より直接的には電波イメージを得ることでアウトフローの形状から判断することができる。以下の計算は CD_Image1_v251001を元にした CD_AT18hyz_Imageで行った。
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βapp =
β sin θ

1 − β cos θ

Superluminal Motion will be
A smoking gun of the off-axis jet scenario.

θ

this field. The redshifts of the afterglow21 and the host galaxy22 were
both found to be z 5 0.356.

Another proposed signature of the merger of two neutron stars or a
neutron star and a black hole is the production of a kilonova (some-
times also termed a ‘macronova’ or an ‘r-process supernova’) due to
the decay of radioactive species produced and initially ejected during
the merger process—in other words, an event similar to a faint, short-
lived supernova6–8. Detailed calculations suggest that the spectra of
such kilonova sources will be determined by the heavy r-process ions
created in the neutron-rich material. Although these models10–13 are
still far from being fully realistic, a robust conclusion is that the optical
flux will be greatly diminished by line blanketing in the rapidly expan-
ding ejecta, with the radiation emerging instead in the near-infrared
(NIR) and being produced over a longer timescale than would other-
wise be the case. This makes previous limits on early optical kilonova
emission unsurprising23. Specifically, the NIR light curves are expected
to have a broad peak, rising after a few days and lasting a week or more
in the rest frame. The relatively modest redshift and intensive study of
GRB 130603B made it a prime candidate for searching for such a kilonova.

We imaged of the location of the burst with the NASA/ESA Hubble
Space Telescope (HST) at two epochs, the first ,9 d after the burst
(epoch 1) and the second ,30 d after the burst (epoch 2). On each occa-
sion, a single orbit integration was obtained in both the optical F606W
filter (0.6mm) and the NIR F160W filter (1.6mm) (full details of the imag-
ing and photometric analysis discussed here are given in Supplemen-
tary Information). The HST images are shown in Fig. 1; the key result is
seen in the difference frames (right-hand panels), which provide clear
evidence for a compact transient source in the NIR in epoch 1 (we note
that this source was also identified24 as a candidate kilonova in indepen-
dent analysis of our data on epoch 1) that seems to have disappeared by
epoch 2 and is absent to the depth of the data in the optical.

At the position of the SGRB in the difference images, our photo-
metric analysis gives a magnitude limit in the F606W filter of
R606,AB . 28.25 mag (2s upper limit) and a magnitude in the F160W
filter of H160,AB 5 25.73 6 0.20 mag. In both cases, we fitted a model
point-spread function and estimated the errors from the variance of
the flux at a large number of locations chosen to have a similar back-
ground to that at the position of the SGRB. We note that some tran-
sient emission may remain in the second NIR epoch; experimenting
with adding synthetic stars to the image leads us to conclude that any
such late-time emission is likely to be less than ,25% of the level in
epoch 1 if it is not to appear visually as a faint point source in epoch 2,
however, that would still allow the NIR magnitude in epoch 1 to be up
to ,0.3 mag brighter.

To assess the significance of this result, it is important to establish
whether any emission seen in the first HST epoch could have a con-
tribution from the SGRB afterglow. A compilation of optical and NIR
photometry, gathered by a variety of ground-based telescopes in the
few days following the burst, is plotted in Fig. 2 along with our HST
results. Although initially bright, the optical afterglow light curve dec-
lines steeply after about ,10 h, requiring a late-time power-law decay
rate of a < 2.7 (where F / t2a describes the flux). The NIR flux, on the
other hand, is significantly in excess of the same extrapolated power
law. This point is made most forcibly by considering the colour evolu-
tion of the transient, defined as the difference between the magnitudes
in each filter, which evolves from R606 2 H160 < 1.7 6 0.15 mag at about
14 h to greater than R606 2 H160 < 2.5 mag at about 9 d. It would be
very unusual, and in conflict with predictions of the standard external-
shock theory25, for such a large colour change to be a consequence of
late-time afterglow behaviour. The most natural explanation is there-
fore that the HST transient source is largely due to kilonova emission,
and the brightness is in fact well within the range of recent models
plotted in Fig. 2, thus supporting the proposition that kilonovae are
likely to be important sites of r-process element production. We note
that this phenomenon is strikingly reminiscent, in a qualitative sense,
of the humps in the optical light curves of long-duration c-ray bursts

produced by underlying type Ic supernovae, although here the lumino-
sity is considerably fainter and the emission is redder. The ubiquity and
range of properties of the late-time red transient emission in SGRBs
will undoubtedly be tested by future observations.

The next generation of gravitational-wave detectors (Advanced LIGO
and Advanced VIRGO) is expected ultimately to reach sensitivity levels
allowing them to detect neutron-star/neutron-star and neutron-star/
black-hole inspirals out to distances of a few hundred megaparsecs26

(z < 0.05–0.1). However, no SGRB has been definitively found at any
redshift less than z 5 0.12 over the 8.5 yr of the Swift mission to date27.
This suggests either that the rate of compact binary mergers is low,
implying a correspondingly low expected rate of gravitational-wave
transient detections, or that most such mergers are not observed as
bright SGRBs. The latter case could be understood if the beaming of
SGRBs was rather narrow, for example, and the intrinsic event rate was,
as a result, two or three orders of magnitude higher than that observed
by Swift. Although the evidence constraining SGRB jet opening angles
is limited at present28 (indeed, the light-curve break seen in GRB 130603B
may be further evidence for such beaming), it is clear that an alterna-
tive electromagnetic signature, particularly if approximately isotropic,
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Figure 2 | Optical, NIR and X-ray light curves of GRB 130603B. Left axis,
optical and NIR; right axis, X-ray. Upper limits are 2s and error bars are 1s. The
optical data (g, r and i bands) have been interpolated to the F606W band and
the NIR data have been interpolated to the F160W band using an average
spectral energy distribution at ,0.6 d (Supplementary Information). HST
epoch-1 points are given by bold symbols. The optical afterglow decays steeply
after the first ,0.3 d and is modelled here as a smoothly broken power law
(dashed blue line). We note that the complete absence of late-time optical
emission also places a limit on any separate 56Ni-driven decay component. The
0.3–10-keV X-ray data29 are also consistent with breaking to a similarly steep
decay (the dashed black line shows the optical light curve simply rescaled to
match the X-ray points in this time frame), although the source had dropped
below Swift sensitivity by ,48 h after the burst. The key conclusion from this
plot is that the source seen in the NIR requires an additional component above
the extrapolation of the afterglow (red dashed line), assuming that it also decays
at the same rate. This excess NIR flux corresponds to a source with absolute
magnitude M(J)AB < 215.35 mag at ,7 d after the burst in the rest frame. This
is consistent with the favoured range of kilonova behaviour from recent
calculations (despite their known significant uncertainties11–13), as illustrated by
the model11 lines (orange curves correspond to ejected masses of 1022 solar
masses (lower curve) and 1021 solar masses (upper curve), and these are added
to the afterglow decay curves to produce predictions for the total NIR emission,
shown as solid red curves). The cyan curve shows that even the brightest
predicted r-process kilonova optical emission is negligible.
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Figure 2.1: Schematic picture of a observer and binary system.

envelope inflows to the primary via Lagrange point, so-called ”Roche lobe over flow”. When

the gas inflows the primary, they bring angular momentum and circulates around the BHs.

This system is called as accretion disk, which we discuss in the next section.

2.2 Accretion Disk

Generally, the accreting gas has angular momentum and starts to circulate before reaching

the central BH. The resulting system is called an accretion disk. The accretion disk systems

have been extensively studies since 1960’s, and even now, the accretion disk is one of the

main research field in astrophysics. In this section, we review the basic theoretical aspects

of the accretion disk theory.

2.2.1 Standard Disk

In this subsection, we discuss the standard disk, which is the basic system and gives inspira-

tion to discuss the disk system. The Keplerian rotating gas feels friction due to the velocity

gradient along to the radial direction. By the viscosity, the angular momentum of the gas is

transported to the outer radius, and the gas accretes to the inner radius. In the following,

we only consider disks which is stationary and axial symmetric in the cylindrical coordinate

(R,ϕ, z). In particular, when the following assumptions hold, the disk structure is described

analytically (Shakura & Sunyaev, 1973).

injection dT = (1 − β cos θ)dt

dR⊥ = βdt sin θ
βdt
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~40% of optical TDEs show
late (>1000days) radio flares!

=>Off-axis jet cannot account for all events
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Figure 1. Top: Radio uminosity light curves for TDEs presented in this work (triangles: 3� upper limits; other symbols:
detections). All observations for the same TDE are connected with a dotted line for non-detections, and a solid line when
detected. TDEs with detected radio emission whose origin is ambiguous are shown as plus symbols (see §3.1.3). We also include
the light curve for AT2018hyz from Cendes et al. (2022b). For comparison we also show radio light curves for TDEs with early
jetted radio emission (Sw1644+57: Cendes et al. 2021b; AT2022cmc: Andreoni et al. 2022) and TDEs with late brightening
(ASASSN-15oi: Horesh et al. 2021a; AT2020vwl: Goodwin et al. 2023b,a) as well as two TDEs with early radio emission for
which we detect significant re-brightenings (iPTF16fnl: Horesh et al. 2021b; AT2019dsg: Cendes et al. 2021a; Stein et al. 2021),
where previously published data are shown as open symbols, and our new data with filled symbols connected by thicker lines.
We do not plot non-constraining upper limits, but they are available in Table 5. Bottom: the same data presented above, but
zoomed in to only show observations at > 100 d, and luminosities of < 3⇥ 1039 erg s�1, highlighting the significant population
of TDEs with late-rising radio emission.
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tp=10td

tp=3td
tp=td

Figure 2. Upper left: Histograms of the time of first radio detection (solid) and first radio observation (dashed) for TDEs with
detected radio emission. Upper right: Histogram of peak radio emission timescale at ⇠ 6 GHz for TDEs with detected radio
emission. Arrows indicate upper and lower limits. For TDEs with distinct peaks (ASASSN-15oi, iPTF16fnl, AT2019dsg), we
include both components. Bottom: Time of peak radio emission versus time of first detection, with arrows indicating upper and
lower limits; for the TDEs with distinct peaks (ASASSN-15oi, iPTF16fnl, AT2019dsg, AT2020vwl) we include both components
connected by a solid line. The diagonal lines mark peak radio emission, tp, at multiples of 1, 3, 10 times the time of first
detection. This indicates that for the TDE population with late radio emission at least some events may peak on a decade
timescale. In addition to the data presented in this paper, radio data are from: AT2019qiz (O’Brien et al. 2019, Alexander et
al. in prep), AT2019azh (Goodwin et al. 2022; Sfaradi et al. 2022), AT2019ahk (Christy et al. in prep), AT2019dsg (Cendes
et al. 2021a; Stein et al. 2021), AT2020opy (Goodwin et al. 2023c), ASASSN-14li (Alexander et al. 2016), AT2020vwl (Goodwin
et al. 2023b,a), iPTF16fnl (Horesh et al. 2021b), and ASASSN-15oi (Horesh et al. 2021a). We also include the jetted TDEs
AT2022cmc (Andreoni et al. 2022) and Sw1644+57 (Zauderer et al. 2011). We exclude TDEs in this plot where radio emission
was ambiguous in nature (see §3.1.3).

with the TDE (§3.1.3), and 2 events with prior radio emission (§3.1.2). Including AT2018hyz, this corresponds to a
high detection fraction of 10/22 or ⇡ 45%. Alternatively, if we count distinct late-time brightenings in AT2019dsg and
iPTF16fnl we obtain a detection fraction of 12/24 or ⇡ 50%. Thus, regardless of the exact accounting we conclude that
about half of all optically-selected TDEs exhibit radio emission that rises on timescales of hundreds of days. This high
fraction is particularly striking when compared to the published statistics of early radio detections of optically-selected
TDEs (. 200 days) of ⇡ 30% (Alexander et al. 2020).

In Figure 2 we explore the turn-on and peak timescales of detected radio emission in the full TDE population with
radio detections. The left panel of Figure 2 shows the timescale at which radio emission is first detected. We find a
broad range of timescales, spanning from a few days to ⇡ 2300 days. We note that some TDEs without current radio
detections may yet turn on at even later timescales, as highlighted by the case of ASASSN-14ae with a first detection
at ⇡ 2300 days, and is still rising. The overall distribution of turn-on timescales appears to exhibit three groupings.
First, at . 10 d are the jetted TDEs (Sw J1644+57, AT2022cmc), which are detected early due to the combination of
rapid triggering and luminous radio emission from a relativistic jet, as well as the rapidly-evolving AT2019qiz, which

AT 2018hyz

Late-time Flares Are Ubiquitous
Cendes+24
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Figure 1. Top: Radio uminosity light curves for TDEs presented in this work (triangles: 3� upper limits; other symbols:
detections). All observations for the same TDE are connected with a dotted line for non-detections, and a solid line when
detected. TDEs with detected radio emission whose origin is ambiguous are shown as plus symbols (see §3.1.3). We also include
the light curve for AT2018hyz from Cendes et al. (2022b). For comparison we also show radio light curves for TDEs with early
jetted radio emission (Sw1644+57: Cendes et al. 2021b; AT2022cmc: Andreoni et al. 2022) and TDEs with late brightening
(ASASSN-15oi: Horesh et al. 2021a; AT2020vwl: Goodwin et al. 2023b,a) as well as two TDEs with early radio emission for
which we detect significant re-brightenings (iPTF16fnl: Horesh et al. 2021b; AT2019dsg: Cendes et al. 2021a; Stein et al. 2021),
where previously published data are shown as open symbols, and our new data with filled symbols connected by thicker lines.
We do not plot non-constraining upper limits, but they are available in Table 5. Bottom: the same data presented above, but
zoomed in to only show observations at > 100 d, and luminosities of < 3⇥ 1039 erg s�1, highlighting the significant population
of TDEs with late-rising radio emission.

Re-brightening!
AT2019dsg

AT2020vwl

Late-time rise with opt. thin spectrum
=> Different mechanism from the 1st peak to make radio rise

(Most late flares show opt. thin spectrum)
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Light Curve

Double peaks naturally appear!

ν = 6GHz

Matsumoto&Piran24

6 Matsumoto & Piran

Figure 4. Light curves for di↵erent slopes of the CNM density profile k, ISM densities nISM, and ejecta masses Mej, from left

to right. The density profiles adopted in the left panel are shown in Fig. 1. In the middle panel, we adopt a di↵erent functional

form of the density profile: Eq. (22) rather than Eq. (2).

Figure 5. Light curves of AT2019dsg and AT2020vwl at

6GHz, which are among the best late-time covered TDEs

and possible light curves based on our model (see Table 2 for

parameters). AT2019dsg shows a transition, at the first peak

⇠ 200 days, from optically thick to optically thin spectrum

at the observed (Stein et al. 2021; Cendes et al. 2021a). The

spectrum of AT2020vwl may hint a similar transition at the

first two epochs (Goodwin et al. 2023b).

in TDEs: AT2019dsg (Stein et al. 2021; Cendes et al.
2021a, 2023) that shows a double peak structure and
AT2020vwl (Goodwin et al. 2023b,a) that show a clear
minimum. The outflow is assumed to be launched at the
time of discovery of the TDE.4 The adopted parameters
and corresponding density profiles (For AT2019dsg, we
adopt a broken power-law function for the CNM profile

4 See Matsumoto et al. (2022) for a discussion of the origin of the
outflow in AT2019dsg. We also showed that the radio emission of
AT2019dsg cannot be explained by an o↵-axis jet in Matsumoto
& Piran (2023).

Figure 6. Examples of 6GHz light curves of TDEs with

late-time scarce observations: PS16dtm and ASSASN14ae.

Both events show strong early upper limits. PS16dtm shows

a late-time maximum, and ASSASN14ae shows a late-time

rapid rise. The dashed lines show tentative light curves that

follows from our model (see Table 2 for parameters). Even

though the fits are not unique, valuable information about

the source can be obtained from the data.

to mimic the result by the equipartition analysis (e.g.,
Matsumoto et al. 2022)) are shown in Table 2 and Fig. 7.
We stress again that these parameters are not obtained
by exploring the entire parameter space. We find that
both events are reasonably reproduced by typical pa-
rameter values of p ' 2.5, "e ' 0.1, "B ' 0.01, and
� ' 0.1 while we adopt the observationally obtained
values for p. We also confirm that the radio spectra are
also reasonably reproduced by our model.
As an example for TDEs that have a flare with lim-

ited late-time data, Fig. 6 depicts two events taken from
Cendes et al. (2023): PS16dtm showing a late-time op-
tically thin maximum, and ASSASN14ae showing a fast



Minimum in Light Curve=>BH mass
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Figure 8. Observationally identified (stars) or constrained

(arrows) minima in radio light curves. Diagonal lines rep-

resent contours of fixed ISM density. The top horizontal

axis shows the Bondi radius corresponding to the minimum

timescale. These contours and axis are obtained for param-

eters of p = 2.5, εe = 0.1, εB = 0.01, β = 0.1, ftmin = 1, and

fLmin = 10.

Figure 9. The same as Fig. 8 with the Bondi radius and

the ISM density as horizontal and vertical axes, respectively.

The top horizontal axis shows the corresponding BH mass

estimated for T = 107 K.

ergy of the outflow if the outflow’s velocity is known,
for example, from an analysis of the first peak. For our
sample, the estimated BH masses, ! 3 × 106 M⊙, are
within a range of a typical SMBH mass (Fig. 9). The
estimated ejecta mass (Fig. 11), which is " 0.01M⊙, is
consistent with the one expected from unbound debris

Figure 10. The same as Fig. 8 but for the second peak.

Note that the data for PS16dtm is rather scarce, and hence,

the estimates are less certain.

Figure 11. The same as Fig. 11 but for the second peak,

which constrains the ejecta mass and ISM density. The top

horizontal axis shows the corresponding kinetic energy for

β = 0.1. Note that the data for PS16dtm is rather scarce,

and hence, the estimates are less certain.

(Krolik et al. 2016) or from the reprocessed outflow for
optical emissions (Metzger & Stone 2016).
To summarize, we have outlined a model for the pro-

duction of late-radio flares from TDEs and interpreta-
tion of their observations. Current data is, in practically
all cases, insufficient, and as such, we compared it only
to a simplified model that ignores the velocity distribu-
tion within the outflow. Further detailed observations,

Matsumoto&Piran24

BH mass may be estimated only by radio flares.



Summary
• Tidal Disruption Events: Flares in galactic centers
• Optical & X-ray observations:
　　-Origin of optical emission is still not well understood.
　　-Reprocessing, shock interaction, or another mechanism? 
　　-Global simulations are necessary.
　　-Population studies by observations will be promising 

• Recent Progress: Population Study
　　-Potential Correlation between Observables and Mbh?
　　-Event rate: 0.001-0.01 of Supernovae
　　-Bright events, Multiple-peak objects

• Radio: Probe of environment and outflow


