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Ⓒ NASA/WMAP Science Team

The first stars: starting point of the 
formation history of astronomical object

First(-gen.) star
formation@z〜30

Stellar light

Supernova

(First star = Pop III star)

• Also, their properties is getting more reachable by observations

formation of
the rest of 
all objects

• The properties of the first stars determines the future of the Universe
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← supernovae, stellar radiation, seeding BHs, etc.

BH

← direct obs., binary BH mergers, low-mass survivors, PISNe, GRBs, etc.

Milky Way

→衣川さんトーク



Uniqueness of the first stars: possible 
target for first-principle understanding
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(Yoshida+ 2008)

initial condition

chemical/thermal processes

thermal state of gas at protostar formation

CMB fluctuations
from WMAP/Planck

H2 line 
cooling

minihalo protostar

H2 CIE
cooling

H2 diss. 
cooling

All we need is comp. power (and/or smart modelling 
that reduces the comp. cost without sacrificing realism)

collapsing cloud

adiabatic
contraction

hydrostatic
core

Both initial condition and evolution equations are well established



Big goal of first star studies
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Determining the properties of the first 
stars from the first principle

mass, spin, magnetization, multiplicity, number of stars, 
mass-ratio, orbital separation, eccentricity, etc.

Note: these properties are not unique due to birth-site 
individualities and chaotic nature of star formation

• parent halo’s mass, size, shape, formation history
• background field (FUV, EUV, X-ray, CR)
• turbulence, fragmentation, 3-body interactions
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Pop III mass is of particular interest
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ionizing photon
emission rate

life-time

SN energy

CCSN Hypernova PISNSchaerer02

Wise+12 based on Heger&Woosley02, Nomoto+06

Pop III mass determines the strength of the feedback

metal mass

remnant mass

(while there is a room for improving the Pop III SN model)



OVERALL PICTURE
Simulations from big bang to completion of first star formation
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Pop III formation in simulations 1: 
From Big Bang to first protostar

9

p Cosmological hydro simulations
Protostar Formation in the Early Universe
Naoki Yoshida,1* Kazuyuki Omukai,2 Lars Hernquist3

The nature of the first generation of stars in the universe remains largely unknown. Observations
imply the existence of massive primordial stars early in the history of the universe, and the standard
theory for the growth of cosmic structure predicts that structures grow hierarchically through gravitational
instability. We have developed an ab initio computer simulation of the formation of primordial stars that
follows the relevant atomic and molecular processes in a primordial gas in an expanding universe. The
results show that primeval density fluctuations left over from the Big Bang can drive the formation of
a tiny protostar with a mass 1% that of the Sun. The protostar is a seed for the subsequent formation
of a massive primordial star.

Large ground-based telescopes have dis-
covered distant astronomical objects such
as galaxies and quasars (1, 2) that were in

place when the universe was less than 1 billion
years old, or about 5% of its current age. More-
over, these studies have shown that other lumi-
nous objects must have been present even earlier.
For example, the most distant known quasar,
SDSS-J4010, contains substantial amounts of
heavy elements such as carbon, oxygen, and iron
as well as dust grains (3). These heavy elements
are not of cosmic origin, but must have been
formed earlier in massive stars before being ex-
pelled by supernovae and stellar winds, and then
incorporated into thematerial that later condensed
to produce this quasar.

Recently, stars with extremely low heavy-
element content were discovered in the halo of
our Galaxy (4, 5). The observed elemental abun-
dance patterns indicate several possibilities for the
nature of their ancestors (6, 7). One interesting
scenario is that supernova explosions of massive
primordial stars enriched the parent gas clouds
from which these halo stars were born.

Theoretical analyses hold promise for revealing
the process of primordial star formation for two
main reasons: (i) The initial conditions, as deter-
mined cosmologically, are well established, so that
statistically equivalent realizations of a standard
model universe can be accurately generated; and
(ii) the important basic physics such as gravitation,
hydrodynamics, and atomic and molecular pro-
cesses in a hydrogen-helium gas are understood.
Other complications that plague investigations of
star formation in the local universe, such as the
presence of strong magnetic fields or heavy
elements, can be neglected at these early times.

Here, we report supercomputer simulations of
the development of cosmic structure in the early
universe and the formation of primordial stars.
Our simulations achieve a dynamic range in spa-

tial scale of ~1013, resolving small-scale struc-
tures having sizes of a fraction of a solar radius
(~1010 cm)within cosmological volumes hundreds
of kiloparsecs in length (~1023 cm). The smallest
length scale—the so-called local Jeans length,
set by the action of gravity and hydrodynamic
pressure—is fully resolved throughout the sim-
ulation volume at all times.

We do not assume any a priori equation of
state for the gas. The thermal and chemical evo-
lution of the gas is determined fully by molecular
and atomic processes, which are treated in a di-
rect, self-consistent manner. The spatial resolution
and the accurate implementations of the physical
processes allow us to follow the collapse of a gas
to stellar densities, and thus our calculations offer
a detailed picture of how the first cosmological
objects—primordial protostars—form from chem-
ically pristine gas.

We set up cosmological initial conditions such
that the statistical properties of the density and
velocity fields are matched to those given by the
standard model of the universe (8), according to
which the energy density is dominated by dark
energy and cold dark matter. We follow the grav-
itational collapse of dark matter and the hydro-
dynamics of primordial gas through simulations
of cosmic structure formation. Below, we provide
details on one simulation, which followed the
evolution of dark matter and gas in a cube 200
comoving kiloparsecs on a side. We focus our
attention on a gravitationally bound dark-matter

1Department of Physics, Nagoya University, Furocho, Chikusa,
Nagoya, Aichi 464-8602, Japan. 2National Astronomical Ob-
servatory of Japan, Osawa, Mitaka, Tokyo 181-8588, Japan.
3Harvard-Smithsonian Center for Astrophysics, 60 Garden
Street, Cambridge, MA 02138, USA.

*To whom correspondence should be addressed. E-mail:
nyoshida@a.phys.nagoya-u.ac.jp

300 parsec 5 parsec

10 astronomical unit25 solar−radii

 cosmological halo  star−forming cloud

 fully molecular part new−born protostar

A B

D C

Fig. 1. Projected gas distribution around the protostar. (A) The large-scale gas distribution around the
cosmological halo (300 pc on a side). (B) A self-gravitating, star-forming cloud (5 pc on a side). (C) The
central part of the fully molecular core (10 astronomical units on a side). (D) The final protostar (25 solar
radii on a side). The color scale from light purple to dark red corresponds to logarithmically scaled hydrogen
number densities from 0.01 to 103 cm–3 (A), from 10 to 106 cm–3 (B), and from 1014 to 1019 cm–3 (C). The
color scale for (D) shows the density-weighted mean temperature, which scales from 3000 to 12,000 K.
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• DM+gas simulation w/ all relevant chemical & thermal processes

Yoshida, Omukai, Hernquist 2008 (Science)

• starting from cosmological initial condition

cosmological 
initial condition

• tiny (〜0.01 Msun) protostar forms at the center of small DM 
halo with MDM〜105-106 Msun (= minihalo) at 10 ≲ z ≲ 30



A movie for the birth of first protostar
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movie credit: TakedaHirano et al. (2014)

https://youtu.be/2COt_OTAENg



Pop III formation in simulations 2: 
From first protostar to first star

11

p Zoom-in radiation hydro simulations

• gas accretion is quenched by stellar 
radiation feedback

Hosokawa, Omukai, Yoshida, Yorke 2011 (Science)

(see McKee&Tan 2008 for analytical argument)

Protostar Formation in the Early Universe
Naoki Yoshida,1* Kazuyuki Omukai,2 Lars Hernquist3

The nature of the first generation of stars in the universe remains largely unknown. Observations
imply the existence of massive primordial stars early in the history of the universe, and the standard
theory for the growth of cosmic structure predicts that structures grow hierarchically through gravitational
instability. We have developed an ab initio computer simulation of the formation of primordial stars that
follows the relevant atomic and molecular processes in a primordial gas in an expanding universe. The
results show that primeval density fluctuations left over from the Big Bang can drive the formation of
a tiny protostar with a mass 1% that of the Sun. The protostar is a seed for the subsequent formation
of a massive primordial star.

Large ground-based telescopes have dis-
covered distant astronomical objects such
as galaxies and quasars (1, 2) that were in

place when the universe was less than 1 billion
years old, or about 5% of its current age. More-
over, these studies have shown that other lumi-
nous objects must have been present even earlier.
For example, the most distant known quasar,
SDSS-J4010, contains substantial amounts of
heavy elements such as carbon, oxygen, and iron
as well as dust grains (3). These heavy elements
are not of cosmic origin, but must have been
formed earlier in massive stars before being ex-
pelled by supernovae and stellar winds, and then
incorporated into thematerial that later condensed
to produce this quasar.

Recently, stars with extremely low heavy-
element content were discovered in the halo of
our Galaxy (4, 5). The observed elemental abun-
dance patterns indicate several possibilities for the
nature of their ancestors (6, 7). One interesting
scenario is that supernova explosions of massive
primordial stars enriched the parent gas clouds
from which these halo stars were born.

Theoretical analyses hold promise for revealing
the process of primordial star formation for two
main reasons: (i) The initial conditions, as deter-
mined cosmologically, are well established, so that
statistically equivalent realizations of a standard
model universe can be accurately generated; and
(ii) the important basic physics such as gravitation,
hydrodynamics, and atomic and molecular pro-
cesses in a hydrogen-helium gas are understood.
Other complications that plague investigations of
star formation in the local universe, such as the
presence of strong magnetic fields or heavy
elements, can be neglected at these early times.

Here, we report supercomputer simulations of
the development of cosmic structure in the early
universe and the formation of primordial stars.
Our simulations achieve a dynamic range in spa-

tial scale of ~1013, resolving small-scale struc-
tures having sizes of a fraction of a solar radius
(~1010 cm)within cosmological volumes hundreds
of kiloparsecs in length (~1023 cm). The smallest
length scale—the so-called local Jeans length,
set by the action of gravity and hydrodynamic
pressure—is fully resolved throughout the sim-
ulation volume at all times.

We do not assume any a priori equation of
state for the gas. The thermal and chemical evo-
lution of the gas is determined fully by molecular
and atomic processes, which are treated in a di-
rect, self-consistent manner. The spatial resolution
and the accurate implementations of the physical
processes allow us to follow the collapse of a gas
to stellar densities, and thus our calculations offer
a detailed picture of how the first cosmological
objects—primordial protostars—form from chem-
ically pristine gas.

We set up cosmological initial conditions such
that the statistical properties of the density and
velocity fields are matched to those given by the
standard model of the universe (8), according to
which the energy density is dominated by dark
energy and cold dark matter. We follow the grav-
itational collapse of dark matter and the hydro-
dynamics of primordial gas through simulations
of cosmic structure formation. Below, we provide
details on one simulation, which followed the
evolution of dark matter and gas in a cube 200
comoving kiloparsecs on a side. We focus our
attention on a gravitationally bound dark-matter

1Department of Physics, Nagoya University, Furocho, Chikusa,
Nagoya, Aichi 464-8602, Japan. 2National Astronomical Ob-
servatory of Japan, Osawa, Mitaka, Tokyo 181-8588, Japan.
3Harvard-Smithsonian Center for Astrophysics, 60 Garden
Street, Cambridge, MA 02138, USA.

*To whom correspondence should be addressed. E-mail:
nyoshida@a.phys.nagoya-u.ac.jp

300 parsec 5 parsec

10 astronomical unit25 solar−radii

 cosmological halo  star−forming cloud

 fully molecular part new−born protostar

A B

D C

Fig. 1. Projected gas distribution around the protostar. (A) The large-scale gas distribution around the
cosmological halo (300 pc on a side). (B) A self-gravitating, star-forming cloud (5 pc on a side). (C) The
central part of the fully molecular core (10 astronomical units on a side). (D) The final protostar (25 solar
radii on a side). The color scale from light purple to dark red corresponds to logarithmically scaled hydrogen
number densities from 0.01 to 103 cm–3 (A), from 10 to 106 cm–3 (B), and from 1014 to 1019 cm–3 (C). The
color scale for (D) shows the density-weighted mean temperature, which scales from 3000 to 12,000 K.
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• tiny protostar grows to massive star (>10Msun) 
by accreting surrounding gas

• final mass of star is 〜40 Msun in this case
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Pop III formation in simulations 3: 
Formation as binary/multiple stars

Protostar Formation in the Early Universe
Naoki Yoshida,1* Kazuyuki Omukai,2 Lars Hernquist3

The nature of the first generation of stars in the universe remains largely unknown. Observations
imply the existence of massive primordial stars early in the history of the universe, and the standard
theory for the growth of cosmic structure predicts that structures grow hierarchically through gravitational
instability. We have developed an ab initio computer simulation of the formation of primordial stars that
follows the relevant atomic and molecular processes in a primordial gas in an expanding universe. The
results show that primeval density fluctuations left over from the Big Bang can drive the formation of
a tiny protostar with a mass 1% that of the Sun. The protostar is a seed for the subsequent formation
of a massive primordial star.

Large ground-based telescopes have dis-
covered distant astronomical objects such
as galaxies and quasars (1, 2) that were in

place when the universe was less than 1 billion
years old, or about 5% of its current age. More-
over, these studies have shown that other lumi-
nous objects must have been present even earlier.
For example, the most distant known quasar,
SDSS-J4010, contains substantial amounts of
heavy elements such as carbon, oxygen, and iron
as well as dust grains (3). These heavy elements
are not of cosmic origin, but must have been
formed earlier in massive stars before being ex-
pelled by supernovae and stellar winds, and then
incorporated into thematerial that later condensed
to produce this quasar.

Recently, stars with extremely low heavy-
element content were discovered in the halo of
our Galaxy (4, 5). The observed elemental abun-
dance patterns indicate several possibilities for the
nature of their ancestors (6, 7). One interesting
scenario is that supernova explosions of massive
primordial stars enriched the parent gas clouds
from which these halo stars were born.

Theoretical analyses hold promise for revealing
the process of primordial star formation for two
main reasons: (i) The initial conditions, as deter-
mined cosmologically, are well established, so that
statistically equivalent realizations of a standard
model universe can be accurately generated; and
(ii) the important basic physics such as gravitation,
hydrodynamics, and atomic and molecular pro-
cesses in a hydrogen-helium gas are understood.
Other complications that plague investigations of
star formation in the local universe, such as the
presence of strong magnetic fields or heavy
elements, can be neglected at these early times.

Here, we report supercomputer simulations of
the development of cosmic structure in the early
universe and the formation of primordial stars.
Our simulations achieve a dynamic range in spa-

tial scale of ~1013, resolving small-scale struc-
tures having sizes of a fraction of a solar radius
(~1010 cm)within cosmological volumes hundreds
of kiloparsecs in length (~1023 cm). The smallest
length scale—the so-called local Jeans length,
set by the action of gravity and hydrodynamic
pressure—is fully resolved throughout the sim-
ulation volume at all times.

We do not assume any a priori equation of
state for the gas. The thermal and chemical evo-
lution of the gas is determined fully by molecular
and atomic processes, which are treated in a di-
rect, self-consistent manner. The spatial resolution
and the accurate implementations of the physical
processes allow us to follow the collapse of a gas
to stellar densities, and thus our calculations offer
a detailed picture of how the first cosmological
objects—primordial protostars—form from chem-
ically pristine gas.

We set up cosmological initial conditions such
that the statistical properties of the density and
velocity fields are matched to those given by the
standard model of the universe (8), according to
which the energy density is dominated by dark
energy and cold dark matter. We follow the grav-
itational collapse of dark matter and the hydro-
dynamics of primordial gas through simulations
of cosmic structure formation. Below, we provide
details on one simulation, which followed the
evolution of dark matter and gas in a cube 200
comoving kiloparsecs on a side. We focus our
attention on a gravitationally bound dark-matter

1Department of Physics, Nagoya University, Furocho, Chikusa,
Nagoya, Aichi 464-8602, Japan. 2National Astronomical Ob-
servatory of Japan, Osawa, Mitaka, Tokyo 181-8588, Japan.
3Harvard-Smithsonian Center for Astrophysics, 60 Garden
Street, Cambridge, MA 02138, USA.

*To whom correspondence should be addressed. E-mail:
nyoshida@a.phys.nagoya-u.ac.jp

300 parsec 5 parsec

10 astronomical unit25 solar−radii

 cosmological halo  star−forming cloud

 fully molecular part new−born protostar

A B

D C

Fig. 1. Projected gas distribution around the protostar. (A) The large-scale gas distribution around the
cosmological halo (300 pc on a side). (B) A self-gravitating, star-forming cloud (5 pc on a side). (C) The
central part of the fully molecular core (10 astronomical units on a side). (D) The final protostar (25 solar
radii on a side). The color scale from light purple to dark red corresponds to logarithmically scaled hydrogen
number densities from 0.01 to 103 cm–3 (A), from 10 to 106 cm–3 (B), and from 1014 to 1019 cm–3 (C). The
color scale for (D) shows the density-weighted mean temperature, which scales from 3000 to 12,000 K.
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• 3D simulations existed but with some problems
ü SPH (Stacy+12,16, Susa+14) ← hard to follow EUV feedback (Susa13)
ü spherical-grid (Hosokawa+16) ← low off-center res., central-star FB only

• 2D simulations in Hosokawa+ (2012) cannot deal with binary/multiple systems

p Zoom-in radiation hydro simulations with 3D AMR
KS, Matsumoto, Hosokawa, Omukai, Hirano (2020,2023)

• 3D AMR simulations have found that the first stars form as massive 
binaries/multiples (KS+20,23)
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(https://www.youtube.com/watch?v=794O0yGWGp0)

A movie for the growth of first protostars
KS+20, 23



(t: time after 1st sink formation)

The particles accrete the gas within the sink radius
rsink=64 au, which is equal to a half the Jeans length for
molecular gas with nH=nsink and T=1000 K. Particles are
assumed to merge when their distance becomes shorter than
2 rsink.

We calculate the radiative property of Population III
protostars using a precalculated table obtained with a one-
dimensional stellar evolution code under the assumption of
constant accretion rates (Hosokawa & Omukai 2009;
Hosokawa et al. 2010). The table gives the emission rates
of extreme-ultraviolet (EUV; hν>13.6 eV) ionizing and
far-ultraviolet (FUV; 11.2 eV < hν<13.6 eV) dissociating
photons for a given set of the stellar mass M and accretion rate
M� . We average the accretion rates over 300 yr, to take into
account the transport of material through the unresolved parts
of the accretion disks, as in H16. In addition, no strong time
variation of M� is observed in the late phase of our run when the
radiative feedback is significant partly because protostars
acquire mass through disk accretion driven by the gravitational
torque of spiral arms rather than through mergers of clumps
(see Stacy et al. 2016). We can therefore neglect the
dependence of stellar properties on the accretion history (but
see also H16 for the case the accretion history matters).

The RT of the direct photons from each protostar is solved
with the adaptive ray-tracing (ART) method (Abel &
Wandelt 2002; Wise & Abel 2011; Kim et al. 2017; Rosen
et al. 2017), with which the rays are adaptively split to ensure
the minimum number of rays per cell, Nray=3. Along each
ray, we calculate the absorption of EUV photons by H
ionization and the FUV photons by H2 self-shielding,
as in H16.

Our computational domain is a cube with the side length
Lbox=5×105 au. We set the base grids with Nbase=128
cells in each direction and adaptively refine the cells to resolve
one Jeans length with at least 16 cells. We set the maximum
refinement level lmax=10, resulting in the minimum cell size
of D = ´ »-x L N 2 4 aul

min box base max .

2.2. Initial Condition

We simulate the formation of a Population III star binary/
multiple system in a fully cosmological context. To this end,
we pick up a typical primordial star-forming cloud from more
than 1600 samples obtained in the previous cosmological 3D
smoothed particle hydrodynamics (SPH)/N-body simulations
(Hirano et al. 2014, 2015). The cloud we have chosen is the
same as case C of H16, for which they found the mass of the
formed star has the median value among the five cases
examined. This cloud begins to collapse at z=24 in a
minihalo of 2×105Me. We start our radiation hydrodynamics
simulation by remapping the particle-based cosmological
simulation data to our Cartesian grids when the central density
reaches 106 cm−3. We stop the simulation at 1.2×105 yr after
the first protostar formation, when the accretion is almost
terminated and the final stellar masses are fixed. At the end, the
simulation has required 9 months with 512 cores.

3. Results

Figure 1 shows the time evolution of the sink particles, i.e.,
protostars, appearing in our simulation. In the figure, masses,
accretion rates, and separations are plotted from top to bottom.
We give IDs S1–S7 to the protostars in order of the formation

time. According to qualitative transitions of the system, we
define five evolutionary phases: (a) gravitational collapse, (b)
initial fragmentation, (c) binary accretion, (d) late-time
fragmentation, and (e) photoevaporation. For each evolutionary
phase, we show a snapshot of the face-on surface density and
edge-on temperature in Figure 2. In the late-time fragmentation
phase, we also present a 3D rendering view in Figure 3. Below,
we will describe how star formation proceeds in our simulation,
tracing the five evolutionary stages.
(a) Gravitational collapse. We start our simulation from the

initial condition of the cloud 1.5×105 yr before the first
protostar formation (Figure 2(a)). The gravitational collapse
proceeds in a self-similar fashion (Larson 1969; Penston 1969),
with the central core having an oblate shape due to the rotation
of gas.
(b) Initial fragmentation. As the maximum density increases

as a result of the self-similar collapse, the first protostar, S1,
forms at the center of the rotating core. Subsequently, the gas
with finite angular momentum falls to the vicinity of S1 and a
circumstellar disk is formed. The disk is highly gravitationally
unstable because of its relatively high mass compared with the
newly forming central protostar and vigorously fragments into
several protostars (Figure 2(b)). Most of them, however, do not
survive as a result of accretion on the central star after inward
migration through the disk or merger with others by three-body
scattering.

Figure 1. Time evolution of the mass (top), accretion rate (middle), and
separation (bottom) of each protostar. The time t is measured from the first
protostar formation, which happens 1.5×105 yr after the start of the
simulation. The labels (a)–(e) shown at the top correspond to the evolutionary
phases discussed in the text. The line colors represent the IDs of the protostars
indicated in the top panel. In the top and middle panels, the dashed lines show
the total mass and accretion rate, respectively. In the bottom panel, we plot the
separations of the pairs of protostars whose IDs are indicated with the pairs of
numbers, with the horizontal dashed line showing the threshold separation for
merger. We do not solve the individual dynamics of S1, S6, and S7 after
t=5.5×104 yr, as described in the text. The top black arrows mark the times
at which we present snapshots in Figure 2.

2

The Astrophysical Journal Letters, 892:L14 (5pp), 2020 March 20 Sugimura et al.
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70 Msun 60+10+10 Msun

104 au

103 au
Final product

A system of wide massive multiple stars

Protostar (sink) evolution

simulation set-up

• nsink=1011cm-3, Δxmin=4au, rsink = 64au

• minimum # of cells/Jeans length : 16

• code: SFUMATO-RT (Matsumoto07, KS+20)

• tend = 105 yr since protostar formation
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574 S. Hirano et al.

Figure 5. The local FUV intensity field, J21, in the same comoving cosmological volume with (3 h−1 Mpc)3 at z = 25, 20, 19.5, 19, and 15. The colour
contours indicate the FUV intensity ranging from J21 = 0.025–6.3 (blue to red). The yellow and red clumps show the active Population III.1 and III.2D stars,
respectively. The local FUV radiation field decreases with decreasing redshifts (from left- to right-hand panels), because the typical stellar mass becomes lower
and separations between the stars are stretched by the cosmic expansion.

1
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1000

10 100 1000
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Total
III.1
III.2D

Figure 6. Mass distribution of Pop III.1 and III.2D stars. The dotted line
shows the sum of the two populations (see also Fig. 17 below).

the early runaway collapse stage, which are driven by either H2

cooling alone or H2 cooling plus HD cooling (Paper I). Pop III.2D

stars have relatively large masses, clustering around ≃400 M⊙. We
discuss the redshift-dependence of the mass distribution in Sec-
tion 6.

4 C O S M O L O G I C A L S A M P L E O F
P R I M O R D I A L S TA R - F O R M I N G C L O U D S

We study the physical properties of the 1540 primordial star-forming
clouds found in our cosmological simulation. In this section, we ig-
nore the effect of FUV fields and assume that all the clouds bear
Pop III.1 stars, allowing a direct comparison with the statistical re-
sults presented in Paper I. The dependences of cloud properties and
stellar mass distribution on the formation redshifts are discussed.

The cloud properties are calculated at two different mass scales
by averaging over the gas in the virialized DM haloes and over
the gravitationally collapsing gas at the Jeans scale. We define the
boundary for the former to be the halo virial radius, within which
the average matter density is 200 times higher than the cosmic
mean value. For the latter mass scale, the boundary is defined as the
cloud radius, where the ratio of the enclosed mass to the local Jeans

mass (equation 1) has its maximum value. We present the statistical
analyses for the cloud properties calculated for the two mass scales.

4.1 Virial scale: DM mini-haloes

The distributions of the formation redshift and the virial mass of
mini-haloes are shown in Fig. 3. We see that most of the mini-haloes
form at z = 30–10 with Mvir = 2 × 105–1 × 106 M⊙. The virial
temperature of a star-forming halo is about Tvir ≃ 1000 K,5 and thus
the virial mass is

Mvirial,3σ ∼ 4 × 105
(

1 + z

20

)−3/2

M⊙ , (6)

which gives Mvir = 2.1 × 105 and 9.9 × 105 M⊙ at z = 30 and 10,
in good agreement with the typical masses of our mini-haloes. As
shown in Fig. 3, the average halo mass increases with decreasing
redshift, which is also consistent with the redshift-dependence in
equation (6). We have more than 100 haloes per each redshift bin
in the range of z = 22–14, which allows us to study even redshift-
dependences of the properties of our samples.

One of the important quantities at the halo scale is the spin pa-
rameter, λ ≡ jvir/

√
2RvirVvir (following the definition of Bullock

et al. 2001), which characterizes the rotational degree of a halo.
Fig. 7 shows the spin parameters for both DM and baryonic com-
ponents and the relative angle of their angular momentum vectors.
The lognormal distributions and the time (redshift) evolution are
consistent with previous studies. At high redshift, the baryon spin
parameter is lower than that of DM. The distribution of baryon
spin parameter becomes close to that of DM at lower redshift (after
z ∼ 14) because of the momentum redistribution between the two
components (de Souza et al. 2013). The average angle is θ ave ≃ 35◦,
suggesting that the spin vectors of the two components are roughly
aligned with each other in most haloes, although with a few excep-
tions whereby θ > 90◦. Interestingly, we find a trend that the offset
angle and the spin parameter are anticorrelated, i.e. the gas and the
DM components rotate differently in slowly rotating haloes.

5 This is the critical temperature for a primordial cloud to collapse with
efficient H2 molecular cooling which is weakly dependent on redshift (e.g.
Glover 2013). In fact, our samples of DM mini-haloes have temperatures
close to the critical value (see also Paper I).
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Figure 1. Schematic view of the cosmological simulation. From a parent simulation (the background panel), we generate 55 zoomed initial conditions which
cover each cradle region (the red circle shows one of them). We finally obtain 1540 star-forming clouds from zoom-in simulations (white circles in the
foreground panel) and follow their formation and evolution. The colour contour reveals the projected density level of DM which increase from blue to yellow.

Pop III component at z ! 10–15 (e.g. Agarwal et al. 2012; Johnson,
Dalla Vecchia & Khochfar 2013). Thus, we stop our simulations at
z = 10 (see also discussion in Section 7.2).

2.2 Deriving the correlations between the FUV intensity and
stellar masses: 2D RHD simulations

The mass of a Pop III.1 star is largely determined by the physical
properties of the natal gas clouds, e.g. the cloud mass and the ro-
tation degree as shown in Paper I. For Pop III.2D stars, however,
there are additional parameters that could affect the star forma-
tion process. One is the intensity of photodissociating FUV radi-
ation in Lyman–Werner (LW) bands, which is often normalized
as J21 = JLW/(1021 erg s−1 Hz−1 sr−1). This radiation destroys H2

and HD molecules, and prevents the cooling and collapse of the

cloud. In this study, we investigate the dependence of Pop III.2D

star-formation on the parameter J21.
Another parameter is the central density when the photodis-

sociating photons reach the cloud. We fix this parameter at
nH,cen,rad = 10 cm−3 for the following reasons. In reality, the
FUV photons might affect the earlier phase of the collapse
(nH,cen,rad < 10 cm−3). Pop III.2D stars could then form with less effi-
cient self-shielding. However, in our calculations it takes ∼100 Myr
for such a low-density cloud to begin to collapse with the re-
duced amount of H2 molecules. It is unlikely that the intensity
of FUV radiation remains strong enough for the Pop III.2D star
formation mode for such long time; typical stellar lifetimes of the
FUV sources are only a few million years. For the opposite case
(nH,cen,rad > 10 cm−3), self-shielding prevents photodissociation and
the cloud forms a Pop III.1 star; we find that self-shielding becomes

MNRAS 448, 568–587 (2015)

many minihalos in 
cosmological sims.

• Pop III stars tend to be massive (〜100Msun) 
↔ Milky-Way ordinary stars (〜1Msun)

(see also Susa+14, Stacy+16)

initial = birth-time

final time in simulations!

(cf. Hosokawa+2011)

Pop III formation in simulations 4: 
from single case to statistics
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Figure 5. The local FUV intensity field, J21, in the same comoving cosmological volume with (3 h−1 Mpc)3 at z = 25, 20, 19.5, 19, and 15. The colour
contours indicate the FUV intensity ranging from J21 = 0.025–6.3 (blue to red). The yellow and red clumps show the active Population III.1 and III.2D stars,
respectively. The local FUV radiation field decreases with decreasing redshifts (from left- to right-hand panels), because the typical stellar mass becomes lower
and separations between the stars are stretched by the cosmic expansion.
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Figure 6. Mass distribution of Pop III.1 and III.2D stars. The dotted line
shows the sum of the two populations (see also Fig. 17 below).

the early runaway collapse stage, which are driven by either H2

cooling alone or H2 cooling plus HD cooling (Paper I). Pop III.2D

stars have relatively large masses, clustering around ≃400 M⊙. We
discuss the redshift-dependence of the mass distribution in Sec-
tion 6.

4 C O S M O L O G I C A L S A M P L E O F
P R I M O R D I A L S TA R - F O R M I N G C L O U D S

We study the physical properties of the 1540 primordial star-forming
clouds found in our cosmological simulation. In this section, we ig-
nore the effect of FUV fields and assume that all the clouds bear
Pop III.1 stars, allowing a direct comparison with the statistical re-
sults presented in Paper I. The dependences of cloud properties and
stellar mass distribution on the formation redshifts are discussed.

The cloud properties are calculated at two different mass scales
by averaging over the gas in the virialized DM haloes and over
the gravitationally collapsing gas at the Jeans scale. We define the
boundary for the former to be the halo virial radius, within which
the average matter density is 200 times higher than the cosmic
mean value. For the latter mass scale, the boundary is defined as the
cloud radius, where the ratio of the enclosed mass to the local Jeans

mass (equation 1) has its maximum value. We present the statistical
analyses for the cloud properties calculated for the two mass scales.

4.1 Virial scale: DM mini-haloes

The distributions of the formation redshift and the virial mass of
mini-haloes are shown in Fig. 3. We see that most of the mini-haloes
form at z = 30–10 with Mvir = 2 × 105–1 × 106 M⊙. The virial
temperature of a star-forming halo is about Tvir ≃ 1000 K,5 and thus
the virial mass is

Mvirial,3σ ∼ 4 × 105
(

1 + z

20

)−3/2

M⊙ , (6)

which gives Mvir = 2.1 × 105 and 9.9 × 105 M⊙ at z = 30 and 10,
in good agreement with the typical masses of our mini-haloes. As
shown in Fig. 3, the average halo mass increases with decreasing
redshift, which is also consistent with the redshift-dependence in
equation (6). We have more than 100 haloes per each redshift bin
in the range of z = 22–14, which allows us to study even redshift-
dependences of the properties of our samples.

One of the important quantities at the halo scale is the spin pa-
rameter, λ ≡ jvir/

√
2RvirVvir (following the definition of Bullock

et al. 2001), which characterizes the rotational degree of a halo.
Fig. 7 shows the spin parameters for both DM and baryonic com-
ponents and the relative angle of their angular momentum vectors.
The lognormal distributions and the time (redshift) evolution are
consistent with previous studies. At high redshift, the baryon spin
parameter is lower than that of DM. The distribution of baryon
spin parameter becomes close to that of DM at lower redshift (after
z ∼ 14) because of the momentum redistribution between the two
components (de Souza et al. 2013). The average angle is θ ave ≃ 35◦,
suggesting that the spin vectors of the two components are roughly
aligned with each other in most haloes, although with a few excep-
tions whereby θ > 90◦. Interestingly, we find a trend that the offset
angle and the spin parameter are anticorrelated, i.e. the gas and the
DM components rotate differently in slowly rotating haloes.

5 This is the critical temperature for a primordial cloud to collapse with
efficient H2 molecular cooling which is weakly dependent on redshift (e.g.
Glover 2013). In fact, our samples of DM mini-haloes have temperatures
close to the critical value (see also Paper I).
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mass of a single star (2D)

Pop III formation in simulations 5: 
statistics based on 3D simulations

• Fitting formula from 2D simulations  (Hirano+15) 
seems valid for the total mass of multiple Pop III stars
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Figure 11. The relation between the final total stellar mass,
Mtot and the initial cloud-scale accretion rate, Ṁcloud. We
plot the data from our 3D AMR simulations (blue), along
with previous 3D spherical-grid simulations (H16, orange),
and previous 2D simulations (Hirano et al. 2014, purple).
The 2D data points are denoted by small symbols, except
for those re-examined by 3D spherical-grid simulations. The
dashed line shows the relation proposed by Hirano et al.
(2015) based on the 2D results (Eq. 13).

and significant suppression of UV radiation (H16; Park
et al. 2023; see Appendix B). Later, with gradual decline
of the peak, as well as average, accretion rate, the UV
suppression ceases.

4. RELATION BETWEEN THE PROPERTIES OF
THE FINAL STELLAR SYSTEM AND NATAL

CLOUD

In all the three runs, we have observed the formation
of massive and wide multiple-star systems, with quanti-
tative variations among them. In Section 4.1, we see the
relation between properties of the final stellar systems,
i.e., the total mass and binary separation, and those of
initial clouds. We then discuss why Pop III stars pre-
dominantly form as massive and wide multiple-stellar
systems based on those relations in Section 4.2.

4.1. Dependence of the total mass and binary

separation on the cloud properties

The relation between the final stellar mass and the ini-
tial cloud-scale accretion rate has been proposed based
on 2D simulations of single Pop III star formation (Hi-
rano et al. 2014). Our 3D simulations, however, have
shown that multiple, rather than single, stellar systems
are formed in reality. Below, we see whether similar
correlation still exists in our case.

Fig. 11 shows the relation between the final total stel-
lar mass, Mtot, and the initial accretion rate at the cloud
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Figure 12. The relation between the angular momentum
of the binary orbits, Lorb, and the corresponding initial en-
closed angular momentum of gas clouds, Jenc. The binary’s
orbital angular momentum and total mass are evaluated at
�t = 30, 000 yr, before stellar radiative feedback drives or-
bital evolution. The initial enclosed angular momentum Jenc

is calculated for the radius Renc, whose enclosed mass is equal
to the total mass Mtot, i.e., Jenc ⌘ J<Renc with Renc satis-
fying M<Renc = Mtot. The plotted points correspond to
the Low-Ṁ , Intermediate-Ṁ , and High-Ṁ cases from left to
right.

scale, Ṁcloud (see Table 1). We plot our results together
with those from previous 2D axisymmetric simulations
(Hirano et al. 2014) and 3D spherical-grid simulations
(H16). In both cases, only a single star forms in each
cloud due to the numerical limitation, while accretion
modulation induced by disk fragmentation is observed
in the latter. We find that the total mass tends to be
higher for a higher accretion rate also in our simulations,
in agreement well with the fitting function proposed by
Hirano et al. 2015 (their Eq.7):

Mtot = 250M� ⇥
 

Ṁcloud

2.8 ⇥ 10�3 M�/yr

!0.7

. (13)

Formation of multiple protostars have two e↵ects on
the total mass. On the one hand, mass sharing among
multiple stars leads to smaller mass of each star and
thus weaker radiative feedback (see Appendix B). On
the other hand, the displacement of protostars towards
less dense o↵-centered regions leads to the suppression
of accretion. In addition, the chaotic behavior of a-few-
body systems may also introduce extra scatters in each
case (e.g., Susa 2019; Wollenberg et al. 2020).

The stellar orbits also correlate with the properties of
the natal clouds. Fig. 12 shows the orbital angular mo-
mentum of the binaries, Lorb, against the corresponding

<latexit sha1_base64="21Ex2kMGBSXSOdGHicfrpAcn67k="></latexit>

Mtot = 250M�

 
Ṁcloud

2.8⇥ 10�3M� yr�1

!0.7

KS+23

total mass of multiple stars (3D)

(Hirano+14,15)

← confirmation of this conjecture with large sample is future work
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Figure 1. Schematic view of the cosmological simulation. From a parent simulation (the background panel), we generate 55 zoomed initial conditions which
cover each cradle region (the red circle shows one of them). We finally obtain 1540 star-forming clouds from zoom-in simulations (white circles in the
foreground panel) and follow their formation and evolution. The colour contour reveals the projected density level of DM which increase from blue to yellow.

Pop III component at z ! 10–15 (e.g. Agarwal et al. 2012; Johnson,
Dalla Vecchia & Khochfar 2013). Thus, we stop our simulations at
z = 10 (see also discussion in Section 7.2).

2.2 Deriving the correlations between the FUV intensity and
stellar masses: 2D RHD simulations

The mass of a Pop III.1 star is largely determined by the physical
properties of the natal gas clouds, e.g. the cloud mass and the ro-
tation degree as shown in Paper I. For Pop III.2D stars, however,
there are additional parameters that could affect the star forma-
tion process. One is the intensity of photodissociating FUV radi-
ation in Lyman–Werner (LW) bands, which is often normalized
as J21 = JLW/(1021 erg s−1 Hz−1 sr−1). This radiation destroys H2

and HD molecules, and prevents the cooling and collapse of the

cloud. In this study, we investigate the dependence of Pop III.2D

star-formation on the parameter J21.
Another parameter is the central density when the photodis-

sociating photons reach the cloud. We fix this parameter at
nH,cen,rad = 10 cm−3 for the following reasons. In reality, the
FUV photons might affect the earlier phase of the collapse
(nH,cen,rad < 10 cm−3). Pop III.2D stars could then form with less effi-
cient self-shielding. However, in our calculations it takes ∼100 Myr
for such a low-density cloud to begin to collapse with the re-
duced amount of H2 molecules. It is unlikely that the intensity
of FUV radiation remains strong enough for the Pop III.2D star
formation mode for such long time; typical stellar lifetimes of the
FUV sources are only a few million years. For the opposite case
(nH,cen,rad > 10 cm−3), self-shielding prevents photodissociation and
the cloud forms a Pop III.1 star; we find that self-shielding becomes

MNRAS 448, 568–587 (2015)

Protostar Formation in the Early Universe
Naoki Yoshida,1* Kazuyuki Omukai,2 Lars Hernquist3

The nature of the first generation of stars in the universe remains largely unknown. Observations
imply the existence of massive primordial stars early in the history of the universe, and the standard
theory for the growth of cosmic structure predicts that structures grow hierarchically through gravitational
instability. We have developed an ab initio computer simulation of the formation of primordial stars that
follows the relevant atomic and molecular processes in a primordial gas in an expanding universe. The
results show that primeval density fluctuations left over from the Big Bang can drive the formation of
a tiny protostar with a mass 1% that of the Sun. The protostar is a seed for the subsequent formation
of a massive primordial star.

Large ground-based telescopes have dis-
covered distant astronomical objects such
as galaxies and quasars (1, 2) that were in

place when the universe was less than 1 billion
years old, or about 5% of its current age. More-
over, these studies have shown that other lumi-
nous objects must have been present even earlier.
For example, the most distant known quasar,
SDSS-J4010, contains substantial amounts of
heavy elements such as carbon, oxygen, and iron
as well as dust grains (3). These heavy elements
are not of cosmic origin, but must have been
formed earlier in massive stars before being ex-
pelled by supernovae and stellar winds, and then
incorporated into thematerial that later condensed
to produce this quasar.

Recently, stars with extremely low heavy-
element content were discovered in the halo of
our Galaxy (4, 5). The observed elemental abun-
dance patterns indicate several possibilities for the
nature of their ancestors (6, 7). One interesting
scenario is that supernova explosions of massive
primordial stars enriched the parent gas clouds
from which these halo stars were born.

Theoretical analyses hold promise for revealing
the process of primordial star formation for two
main reasons: (i) The initial conditions, as deter-
mined cosmologically, are well established, so that
statistically equivalent realizations of a standard
model universe can be accurately generated; and
(ii) the important basic physics such as gravitation,
hydrodynamics, and atomic and molecular pro-
cesses in a hydrogen-helium gas are understood.
Other complications that plague investigations of
star formation in the local universe, such as the
presence of strong magnetic fields or heavy
elements, can be neglected at these early times.

Here, we report supercomputer simulations of
the development of cosmic structure in the early
universe and the formation of primordial stars.
Our simulations achieve a dynamic range in spa-

tial scale of ~1013, resolving small-scale struc-
tures having sizes of a fraction of a solar radius
(~1010 cm)within cosmological volumes hundreds
of kiloparsecs in length (~1023 cm). The smallest
length scale—the so-called local Jeans length,
set by the action of gravity and hydrodynamic
pressure—is fully resolved throughout the sim-
ulation volume at all times.

We do not assume any a priori equation of
state for the gas. The thermal and chemical evo-
lution of the gas is determined fully by molecular
and atomic processes, which are treated in a di-
rect, self-consistent manner. The spatial resolution
and the accurate implementations of the physical
processes allow us to follow the collapse of a gas
to stellar densities, and thus our calculations offer
a detailed picture of how the first cosmological
objects—primordial protostars—form from chem-
ically pristine gas.

We set up cosmological initial conditions such
that the statistical properties of the density and
velocity fields are matched to those given by the
standard model of the universe (8), according to
which the energy density is dominated by dark
energy and cold dark matter. We follow the grav-
itational collapse of dark matter and the hydro-
dynamics of primordial gas through simulations
of cosmic structure formation. Below, we provide
details on one simulation, which followed the
evolution of dark matter and gas in a cube 200
comoving kiloparsecs on a side. We focus our
attention on a gravitationally bound dark-matter

1Department of Physics, Nagoya University, Furocho, Chikusa,
Nagoya, Aichi 464-8602, Japan. 2National Astronomical Ob-
servatory of Japan, Osawa, Mitaka, Tokyo 181-8588, Japan.
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300 parsec 5 parsec

10 astronomical unit25 solar−radii

 cosmological halo  star−forming cloud

 fully molecular part new−born protostar

A B

D C

Fig. 1. Projected gas distribution around the protostar. (A) The large-scale gas distribution around the
cosmological halo (300 pc on a side). (B) A self-gravitating, star-forming cloud (5 pc on a side). (C) The
central part of the fully molecular core (10 astronomical units on a side). (D) The final protostar (25 solar
radii on a side). The color scale from light purple to dark red corresponds to logarithmically scaled hydrogen
number densities from 0.01 to 103 cm–3 (A), from 10 to 106 cm–3 (B), and from 1014 to 1019 cm–3 (C). The
color scale for (D) shows the density-weighted mean temperature, which scales from 3000 to 12,000 K.
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densities, we find good qualitative agreement with Yoshida et al.
(2008), which is the only study next to ours that evolves the collapse
into the optically thick regime. In both cases, the electron fraction
rises and the H2 fraction drops significantly at about 0.1 au, accom-
panied by an increase of the temperature to about 104 K. The exact
values have a relatively large scatter around those found in Yoshida
et al. (2008), where only a single minihalo was investigated.

3.2 Disc formation and fragmentation

After the first protostar has formed, the gas becomes fully rota-
tionally supported in a Keplerian disc. The stability of the disc
to perturbations may be quantified with the Toomre Q parameter
(Toomre 1964):

Q = csκ

πG"
, (9)

where κ is the epicyclic frequency of the disc, " the surface density
and cs the sound speed of the gas. We replace the epicyclic frequency
κ with the orbital frequency #, which is appropriate for Keplerian
discs. The Q parameter determines whether perturbations in an
infinitely thin, isothermal disc can grow. For thick discs, as is the

case here, a similar criterion may be found that deviates only by a
factor of the order of unity (e.g. Wang et al. 2010). For Q ! 1, the
pressure of the gas and the shear by the differential rotation of
the disc are sufficient to prevent local collapse, while for Q " 1 the
disc fulfils the Toomre criterion and becomes unstable, leading to
the formation of spiral arms that transport mass inwards and angular
momentum outwards.

In Fig. 2, we show the surface density, sound speed, orbital fre-
quency and Q parameter in mass-weighted spherical shells around
the densest cell in each minihalo just before the first fragment forms.
We note that applying the same analysis exclusively to cells in the
disc gives very similar results, since the mass within radial shells
is dominated by the disc component. Within the central few au,
the surface density is up to four orders of magnitude higher than
in studies that have employed sink particles, and does not show a
central dip around the sink particles (e.g. Clark et al. 2011b). This is
not surprising, since these studies typically do not resolve the gas on
the scale of the accretion radius, and instead the mass is accreted on
to the sink particles. The Q parameter therefore does not diverge at
small radii, but decreases to well below unity, which is reflected by
the development of pronounced spiral arm patterns on sub-au scales
at very early times. The orbital frequency on these scales drops to

Figure 5. Density projections in a cube of side length 10 au that show the evolution of the protostellar system. Each row corresponds to a different minihalo.
The time after the formation of the primary protostar increases from left to right. The final times vary since the physical differences between the minihaloes
also result in different runtimes. The density of hydrogen nuclei is weighted by the density squared along the line of sight, which lies perpendicular to the
plane of the disc. The disc around the primary protostar fragments into a number of secondary protostars, most of which migrate towards the centre of the
cloud. However, some also obtain angular momentum from other protostars during close encounters and migrate to higher orbits. An example is the leftmost
protostar at the last output time in MH3. A more detailed analysis of this figure is presented in Section 3.3.

C⃝ 2012 The Authors, MNRAS 424, 399–415
Monthly Notices of the Royal Astronomical Society C⃝ 2012 RAS

D
ow

nloaded from
 https://academ

ic.oup.com
/m

nras/article-abstract/424/1/399/1009176 by Tohoku U
niversity user on 13 N

ovem
ber 2018

T h e A s t r oph ysica l Jo u r n a l , 745:154 (11pp), 2012 February 1 T u r k e t a l .

Figure 4. Density-weighted projections (through the entire simulation domain) of the average density field in simulations J16 (left column), J32 (second column), and
J64 (third column) at fields of view of 300 pc (top row), 1 pc (middle row), and 1000 AU (bottom row).
(A color version of this figure is available in the online journal.)

further collapse. In the J32 and J64 runs, we see not only highly
irregular, spheroidal structure, but we see little to no evidence
for runaway gravitational instability at this time in the collapse;
in fact, the roughly spheroidal structure of the cloud suggests
that disk fragmentation at the ∼100 AU scale may be disfavored,
certainly until a later time.

4. MAGNETIC FIELD AMPLIFICATION

We infer magnetic field amplification above that arising
simply from the spherical compression of frozen-in field lines
during collapse by plotting the magnetic energy, EB = B2/8π ,
as a function of density for each of our four simulations
(Figure 6). Assuming a power-law relation between magnetic
energy and density, EB ∝ ρb, a spherical collapse would result
in b = 4/3. Any steeper values of b must result in additional
amplification in the form of a dynamo. We expect a small-
scale turbulent dynamo if there is significant kinetic energy in
turbulent motions. Figure 6 shows that for the best resolved
simulations, J64 and J128, the magnetic field scales with a
much higher power, b ≃ 1.78, at all densities ρ ! 10−26,
approximately consistent with the findings of Federrath et al.
(2011). This increase can be seen in Figure 7, where we have
plotted density-weighted average projections of the magnetic

energy at the same fields of view as in Figure 5. By contrast,
the lower-resolution runs (J16 and J32) begin to show b > 4/3
behavior at the same density as the higher-resolution runs, but
never reach the same b as the higher runs and eventually begin
to show a shallower slope of EB with ρ at the highest densities
(ρ ! 10−15). In the outer part of the collapse, near the virial
radius, all runs show b ≃ 4/3, suggesting that at low densities
the growth of magnetic energy is primarily due to the roughly
spherical collapse, though the data are somewhat scant.

4.1. Velocity Structure in the Collapse Region

The dynamo activity in the previous section is resolution
dependent, but robust above roughly 64 cells per Jeans length
(J64); that is, we continue to see more field amplification,
consistent with a minimum resolution requirement of between
32 and 64 zones per Jeans length. This is broadly consonant
with the results of Federrath et al., who find a similar resolution
cutoff in their simulations of magnetic field growth in the
nearly isothermal collapse of a Bonnor–Ebert sphere. In their
picture, the reason for this cutoff is the lack of sufficient power
in rotational motions when the Jeans length is resolved with
fewer than ∼30 cells. Our resolution requirement for strong and
sustained dynamo action appears to be about a factor of two
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Table 1. Table detailing the star formation times, halo mass, haloes that hosted two stars, metallicity within the densest gas cell before star formation, number 
of major mergers that occurred before a star was created and whether a mixed merger occurred before star formation for each of the haloes. 
Halo label Formation time (Myr) Halo mass (M ⊙) Double star (Y/N) Metallicity (Z ⊙) Major mergers (#) 

(mixed merger before star? Y/N) 
Halo 1 144 1.2 × 10 5 No 0 0 (N) 
Halo 2 211 2.0 × 10 5 No 0 0 (N) 
Halo 3 240 9.8 × 10 5 No 2.6 × 10 −5 3 (Y) 
Halo 4 249 5.2 × 10 5 No 0 2 (N) 
Halo 5/6 279 1.1 × 10 6 Yes 0 1 (N) 
Halo 7/8 289 1.8 × 10 6 Yes 0 1 (N) 
Halo 9 312 8.6 × 10 5 No 0 0 (N) 
Halo 10/11 344 6.8 × 10 5 Yes 0 1 (N) 
Halo 12 ∗ 379 7.3 × 10 6 No 5.2 × 10 −5 4 (Y) 

Figure 1. Mass growth of haloes from the beginning of the simulation up to 
the moment they formed a star, labelled with the halo they formed in. The grey 
dashed line shows the evolution of the halo that forms the final star. Because 
it merges into Halo 2 (orange line), the halo finder assumes it is formed there 
instead, so the final star is labelled as 12 ∗. The initial time of the two mixed 
major mergers that occur in the simulation are marked with a red triangle. 
Overplotted in blue are fits of M crit for dif ferent le vels of background radiation 
( J 21 ) assuming no streaming velocities, taken from Kulkarni, Visbal & Bryan 
( 2021 ). 

Fig. 1 leads to a great amount of insight into the effects of radiation, 
as we find that only two events are needed to increase the mass 
of a star-forming halo by an order of magnitude. Subsequent stars 
therefore take longer to form and Haloes 3 −11 experience close star 
formation events as they all approach this higher mass threshold at 
similar times. Another unique scenario is also reflected in this figure: 
the last star that forms inside Halo 3, which had previously merged 
with Halo 2, technically forms inside a subhalo structure created after 
a major merger. This merging halo has a shallower growth curve, as 
seen from the dashed line, since it is the last halo to reach a mass of 
10 5 M ⊙ we naturally expect it to form a star at a much later epoch 
than the rest of the haloes. 

It should be noted, that despite Halo 3 also reaching M crit at a 
similar time to Halo 2 (see Fig. 1 ) it would take an extra 20 Myr 
for it to form a star. We attribute this to its accelerated growth 
slo wing the ef ficiency of its cooling enough for Halo 2 to form a 
star first. Radiation feedback and the blastwave from the second star 
further exacerbated this delay, but we will delve into Halo 3’s unique 
evolution with more detail in Section 3.2 . 

Figure 2. Evolution of the H 2 fraction alongside the intensity of the LW 
radiation in units of 10 −21 erg s −1 cm −2 sr −1 Hz −1 at the densest point in 
Halo 7/8’s gas core. The red stars in the x -axis mark the time of each star’s 
birth. 

The standard effect of LW radiation on our haloes is shown in 
Fig. 2 . It presents the H 2 fraction measured at the densest gas cell 
in Halo 7/8 up until the formation of its stars. Fig. 2 also highlights 
how the simulation has no background radiation and instead models 
individual ‘bursts’ produced by the stars. Haloes are generally 
exposed to J 21 values of ∼0.1–1 while other stars are shining. By 
analysing this Figure, we find that H 2 fractions are more heavily 
reduced when the mass of the halo is still below or near 10 5 M ⊙. 
We can see, ho we ver, that the ef fecti veness of photodissociation 
diminishes with time, with faster reco v eries following each stellar 
event. Halo 7/8 (light purple line in Fig. 1 ) takes about 100 Myr to 
grow from 10 5 to 10 6 M ⊙, throughout this time, the amount of H 2 
dissociated by each star that forms in the system diminishes as does 
the time taken to reco v er back to star-forming levels. This indicates 
a clear relation between halo growth and the total delay caused by 
nearby star formation. Although only Halo 7/8 is included for clarity, 
similar H 2 fraction curves are observed for all haloes that form stars. 

To better quantify the relation between photodissociation and halo 
growth we looked more closely at reco v ery times. In Fig. 3 , we 
present the calculated and estimated reco v ery times for haloes in 
the simulation. The haloes included in this plot had to fullfill the 
following criteria: 

(i) Within the halo’s progenitor line, the halo at some point in its 
evolution must exceed a dark matter mass of 10 4 M ⊙. 
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Figure 9. Abo v e panel: dark matter particle projections centred on Halo 3 along the x -axis. The panels show its merger with the recently e v acuated Halo 2. The 
plot scale is of 1kpc and the depth of the projection is 1 kpc. Halo 2 is observed to move in from the top of the plots. Below panel: gas density slice plot centred 
on Halo 3 along the x -axis, the panels correspond to the particle projections shown abo v e. The times chosen for the panels correspond to the time before the 
halo cores merged ( z = 17.8), the time during the merger ( z = 17.12) and the moment before star formation ( z = 16.66). The full and dashed circles represent 
Haloes 2 and 3’s virial radii, respectively. The effect of the second star’s supernova blastwave is observed as Halo 2 mo v es into Halo 3. Note the halo finder 
algorithm places Halo 2 inside Halo 3 before the cores have settled as can be observed when comparing particle and density slices. 
is so close to Halo 2 during its SNe event, the increase in HD is also 
attributed to the large amount of turbulence caused by the blastwave). 
From Fig. 10 , we find that as the merger occurs, the cooling from 
HD quickly rises with cooling from metals only contributing near the 
end of the merger. Within its densest cell (where the star particle will 
eventually be placed) Halo 3 bottoms out at a temperature of around 
78 K, far below the limit of H 2 ’s LTE. The continued plummeting of 
gas temperatures may seem surprising since the merger with Halo 2 
is still ongoing, ho we ver, the e v acuated state of Halo 2 minimizes the 
shock heating that would occur from gaseous collisions. This unique 
scenario means the presence of Halo 2 inside Halo 3 is inef fecti ve 
at shock heating the gas and instead helps create a fa v ourable 
environment for collapse. Hydrostatic pressure also increases as the 
dark matter mass content rises with the presence of Halo 2. More 
specifically, it ends up being about an order of magnitude higher than 
before Halo 2 entered Halo 3. Such mass growth also helps deepen 
the central potential well and create a denser core which maxes out 
at 10 −21 g cm −3 , a peak around which runaway collapse is triggered. 

After the formation of the third star, the ne wly e v acuated Halo 
3 (henceforth referred to as Halo 12 ∗ since it forms the final star) 
remains gas-poor for close to 100 Myr, until z ∼13.8, when a halo 
of M DM ∼ 7 × 10 5 M ⊙ and M baryon ∼ 10 4 M ⊙ enters its virial 
radius. This event leads to the formation of the final Pop III star, 
although soon after its birth the simulation ends. The star forms 

within the subhalo within Halo 3, as the merger does not finish 
before runaway collapse occurs. As seen from the dark matter and 
gas density projection plots in Fig. 11 , the smaller halo mo v es into 
the virial radius of Halo 3 continuing past its core on to the other 
side. The dynamics of this interaction are quite interesting since the 
merging halo brings with it a significant amount of gas as the merging 
halo is at the star formation stage. This particular merger is slow, with 
the subhalo taking roughly 40 Myr to make its first crossing through 
Halo 12 ∗. The o v erall time-scale of the merger is uncertain since 
the simulation ends before the subhalo can settle down at the core. 
Ho we ver, we can establish it takes o v er 80 Myr for the merging halo 
to settle. Such prolonged mixing is expected due to the massive nature 
of both these haloes, roughly M DM ∼ 9 × 10 5 and 3 × 10 6 M ⊙ at 
the time of initial contact. When considering the free-fall and sound- 
crossing times ( t ff = √ 

3 π/ 32 Gρ and t cs = R √ 
m h /γ k b T where 

γ is the adiabatic index and k b is the Boltzmann constant) of the 
lar ger mer ging halo at z = 13.9, we find these are 25 and 37 Myr, 
respectively, further highlighting the length of this merger. 

To further establish the parallels of this mixed merger with the 
previous one and assert the nature of these particular events, we 
again analysed the specific changes that occurred to the gas quantities 
before collapse. Following a similar analysis to that made with Halo 
2 and 3’s radial profiles, profiles for this e vent, sho wn in Fig. 12 were 
produced. It is important to note these are centred around the merging 
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algorithm places Halo 2 inside Halo 3 before the cores have settled as can be observed when comparing particle and density slices. 
is so close to Halo 2 during its SNe event, the increase in HD is also 
attributed to the large amount of turbulence caused by the blastwave). 
From Fig. 10 , we find that as the merger occurs, the cooling from 
HD quickly rises with cooling from metals only contributing near the 
end of the merger. Within its densest cell (where the star particle will 
eventually be placed) Halo 3 bottoms out at a temperature of around 
78 K, far below the limit of H 2 ’s LTE. The continued plummeting of 
gas temperatures may seem surprising since the merger with Halo 2 
is still ongoing, ho we ver, the e v acuated state of Halo 2 minimizes the 
shock heating that would occur from gaseous collisions. This unique 
scenario means the presence of Halo 2 inside Halo 3 is inef fecti ve 
at shock heating the gas and instead helps create a fa v ourable 
environment for collapse. Hydrostatic pressure also increases as the 
dark matter mass content rises with the presence of Halo 2. More 
specifically, it ends up being about an order of magnitude higher than 
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the central potential well and create a denser core which maxes out 
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3 (henceforth referred to as Halo 12 ∗ since it forms the final star) 
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of M DM ∼ 7 × 10 5 M ⊙ and M baryon ∼ 10 4 M ⊙ enters its virial 
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within the subhalo within Halo 3, as the merger does not finish 
before runaway collapse occurs. As seen from the dark matter and 
gas density projection plots in Fig. 11 , the smaller halo mo v es into 
the virial radius of Halo 3 continuing past its core on to the other 
side. The dynamics of this interaction are quite interesting since the 
merging halo brings with it a significant amount of gas as the merging 
halo is at the star formation stage. This particular merger is slow, with 
the subhalo taking roughly 40 Myr to make its first crossing through 
Halo 12 ∗. The o v erall time-scale of the merger is uncertain since 
the simulation ends before the subhalo can settle down at the core. 
Ho we ver, we can establish it takes o v er 80 Myr for the merging halo 
to settle. Such prolonged mixing is expected due to the massive nature 
of both these haloes, roughly M DM ∼ 9 × 10 5 and 3 × 10 6 M ⊙ at 
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before collapse. Following a similar analysis to that made with Halo 
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• Enzo, 高解像度計算 (MDM=1Msun)
• 一つのミニハロー中で複数の初代星形成領域（3ハロー/12ハロー）
• SN後のガス雲の重力収縮にmajor mergerが影響

初代星の多様な形成環境・条件の理解が重要
→ 石山さんトーク
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Figure 4. Density-weighted projections (through the entire simulation domain) of the average density field in simulations J16 (left column), J32 (second column), and
J64 (third column) at fields of view of 300 pc (top row), 1 pc (middle row), and 1000 AU (bottom row).
(A color version of this figure is available in the online journal.)

further collapse. In the J32 and J64 runs, we see not only highly
irregular, spheroidal structure, but we see little to no evidence
for runaway gravitational instability at this time in the collapse;
in fact, the roughly spheroidal structure of the cloud suggests
that disk fragmentation at the ∼100 AU scale may be disfavored,
certainly until a later time.

4. MAGNETIC FIELD AMPLIFICATION

We infer magnetic field amplification above that arising
simply from the spherical compression of frozen-in field lines
during collapse by plotting the magnetic energy, EB = B2/8π ,
as a function of density for each of our four simulations
(Figure 6). Assuming a power-law relation between magnetic
energy and density, EB ∝ ρb, a spherical collapse would result
in b = 4/3. Any steeper values of b must result in additional
amplification in the form of a dynamo. We expect a small-
scale turbulent dynamo if there is significant kinetic energy in
turbulent motions. Figure 6 shows that for the best resolved
simulations, J64 and J128, the magnetic field scales with a
much higher power, b ≃ 1.78, at all densities ρ ! 10−26,
approximately consistent with the findings of Federrath et al.
(2011). This increase can be seen in Figure 7, where we have
plotted density-weighted average projections of the magnetic

energy at the same fields of view as in Figure 5. By contrast,
the lower-resolution runs (J16 and J32) begin to show b > 4/3
behavior at the same density as the higher-resolution runs, but
never reach the same b as the higher runs and eventually begin
to show a shallower slope of EB with ρ at the highest densities
(ρ ! 10−15). In the outer part of the collapse, near the virial
radius, all runs show b ≃ 4/3, suggesting that at low densities
the growth of magnetic energy is primarily due to the roughly
spherical collapse, though the data are somewhat scant.

4.1. Velocity Structure in the Collapse Region

The dynamo activity in the previous section is resolution
dependent, but robust above roughly 64 cells per Jeans length
(J64); that is, we continue to see more field amplification,
consistent with a minimum resolution requirement of between
32 and 64 zones per Jeans length. This is broadly consonant
with the results of Federrath et al., who find a similar resolution
cutoff in their simulations of magnetic field growth in the
nearly isothermal collapse of a Bonnor–Ebert sphere. In their
picture, the reason for this cutoff is the lack of sufficient power
in rotational motions when the Jeans length is resolved with
fewer than ∼30 cells. Our resolution requirement for strong and
sustained dynamo action appears to be about a factor of two
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NJ=16

be introduced by the transformation of the non-spherically
symmetric component of the gravitational potential. In fact,
Enzoʼs gravitational potential solver is accurate to second
order (James 1977; Bryan et al. 2014). Thus, it is reasonable
that vturb

2 shows a resolution dependence that is proportional to
almost the square of the cell width.

Figure 14 shows the turbulent velocity for γeff= 1.09 with
different base grid sizes and Jeans parameters (RM512–RM32).
The degree of initial turbulence decreases from the left panel to
the right in this figure.

In all models, the turbulence is amplified through gravita-
tional contraction.

For =% 0.00 , the initial turbulent velocities are totally
numerical error, while the results for =% 0.050 are physical, as
shown in Figure 13. Therefore, in Figure 14, we can see whether
the results are physical or numerical by comparing the results of
the other panels with the values in the rightmost panel. In the
models RM32, RM64, and RM128, the results for =% 0.010
and =% 0.0050 seem to be numerical because the turbulent
velocity around the initial states of these models is comparable to
that of =% 0.00 . In the model RM256, it is a bit higher than that
of =% 0.00 . Hence, the results of this model may be affected by
numerical disturbance, but not fully numerical. These results
suggest the general trend that the resolution required to obtain the
physical turbulent velocity increases as the initial Mach number
decreases.

As for the =% 0.050 model, we observe the convergence
of RM256 and RM512 in the leftmost panel including the
saturated regime. Thus, the results obtained on the growth and
the saturation of the turbulent velocity for =% 0.050 are real.
Considering that the initial turbulent Mach number in a
simulation of primordial star formation is normally larger than

=% 0.050 (e,g,. Clark et al. 2011a; Riaz et al. 2018;
Wollenberg et al. 2020), RM256 is enough to resolve the
turbulence in those collapse simulations.

4.6. Effects of Initial Spectrum/Solenoidal Ratio

We finally test the effects of the initial spectrum/solenoidal
ratio of turbulence.

We have two sets of simulations here for =% 0.050 and
γeff= 1.09.

1. Test for the different initial turbulent kinetic energy
spectrum, such as E(k)∝ k−1, k−2, k−3, and k−4. The
solenoidal ratio is fixed to the natural mixture (Test1).

2. Test for the different mode mixture for E(k)∝ k−2, such
as natural mixture, fully solenoidal mode, and fully
compressive mode (Test2).

We plot the results of these tests in Figure 15. This figure
shows the evolution of the turbulent velocity as a function of
mean density for Test1 (upper panel) and Test2 (lower panel).
In the upper panel, we can see that our analytic estimates are

in good agreement with all the initial turbulent energy spectra.
This means that the spectral indices do not change throughout
the collapse, at least around the Jeans scale∼kJ. This
conservation of the spectral indices before the saturation is
simply understood by the timescale argument. The timescale of
cascade around the core scale (i.e., Jeans scale) is∼1/(kJvturb),
which is longer than the sound crossing time∼1/(kJcs) as long
as vturb< cs. This sound crossing time of the core should be
comparable to the gravitational collapse timescale. As a result,
the timescale of cascade is longer than the collapse timescale.
Thus it is reasonable that the shape of the spectrum is
conserved before the saturation (see also Figure 16 in detail).
In the lower panel, the natural mixture model and the fully

solenoidal model show almost identical results. The turbulent
velocities in these two models are amplified immediately after
the collapse begins. In both cases the turbulent Mach numbers
saturate at ~% 2, being independent of the initial mode
mixture of turbulence.
In contrast, the fully compressive model shows a significant

difference from the above two models. The turbulent velocity
in the fully compressive model decreases immediately after the
collapse begins. This may be due to the oscillation of the small
k-modes of the compressive mode. The initial density
fluctuation is set to be zero, while the (compressive) turbulent
velocity is finite. This means that the amplitude of the initial
turbulent velocity is at the local maximum of the oscillation,
and thereby it decreases initially. As the collapse proceeds,
some of the energy of the compressive mode is converted to the
solenoidal mode, which is already seen in Figure 9. Then the
growth of the solenoidal mode is launched, eventually
overtaking the compressive mode. Consequently the turbulent
velocity increases with a growth rate similar to the other two
models, i.e., the growth rate of the solenoidal mode. This
means that the growth of the solenoidal mode finally dominates
that of the compressive mode during the contraction even in the
absence of the solenoidal mode at the onset of the collapse.
To reinforce the above argument for the upper panel in

Figure 15, we also plot the evolution of the turbulent kinetic
energy spectra (Figure 16) for the model of an initial energy

Figure 14. Evolution of the turbulent velocity as a function of mean density in models RM32–RM512 for γeff = 1.09. The different colors correspond to different
resolution. RM512 is prepared only for =% 0.050 .
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• Truelove条件 NJ =4 は重力
収縮を記述するのに全然不十分

Higashi+21, 22

Key parameter: “Jeans number” NJ =λJ/Δx

• 落下するガスの運動エネルギーをソース
に重力収縮中に乱流が増幅・飽和

• 結果の収束には NJ>256 (cf. NJ>32 in 
Federrath+11) が必要そう

NJ=32 NJ=64

大抵の場合、重力収縮中のガスは
超音速乱流状態にあると考えられる
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densities, we find good qualitative agreement with Yoshida et al.
(2008), which is the only study next to ours that evolves the collapse
into the optically thick regime. In both cases, the electron fraction
rises and the H2 fraction drops significantly at about 0.1 au, accom-
panied by an increase of the temperature to about 104 K. The exact
values have a relatively large scatter around those found in Yoshida
et al. (2008), where only a single minihalo was investigated.

3.2 Disc formation and fragmentation

After the first protostar has formed, the gas becomes fully rota-
tionally supported in a Keplerian disc. The stability of the disc
to perturbations may be quantified with the Toomre Q parameter
(Toomre 1964):

Q = csκ

πG"
, (9)

where κ is the epicyclic frequency of the disc, " the surface density
and cs the sound speed of the gas. We replace the epicyclic frequency
κ with the orbital frequency #, which is appropriate for Keplerian
discs. The Q parameter determines whether perturbations in an
infinitely thin, isothermal disc can grow. For thick discs, as is the

case here, a similar criterion may be found that deviates only by a
factor of the order of unity (e.g. Wang et al. 2010). For Q ! 1, the
pressure of the gas and the shear by the differential rotation of
the disc are sufficient to prevent local collapse, while for Q " 1 the
disc fulfils the Toomre criterion and becomes unstable, leading to
the formation of spiral arms that transport mass inwards and angular
momentum outwards.

In Fig. 2, we show the surface density, sound speed, orbital fre-
quency and Q parameter in mass-weighted spherical shells around
the densest cell in each minihalo just before the first fragment forms.
We note that applying the same analysis exclusively to cells in the
disc gives very similar results, since the mass within radial shells
is dominated by the disc component. Within the central few au,
the surface density is up to four orders of magnitude higher than
in studies that have employed sink particles, and does not show a
central dip around the sink particles (e.g. Clark et al. 2011b). This is
not surprising, since these studies typically do not resolve the gas on
the scale of the accretion radius, and instead the mass is accreted on
to the sink particles. The Q parameter therefore does not diverge at
small radii, but decreases to well below unity, which is reflected by
the development of pronounced spiral arm patterns on sub-au scales
at very early times. The orbital frequency on these scales drops to

Figure 5. Density projections in a cube of side length 10 au that show the evolution of the protostellar system. Each row corresponds to a different minihalo.
The time after the formation of the primary protostar increases from left to right. The final times vary since the physical differences between the minihaloes
also result in different runtimes. The density of hydrogen nuclei is weighted by the density squared along the line of sight, which lies perpendicular to the
plane of the disc. The disc around the primary protostar fragments into a number of secondary protostars, most of which migrate towards the centre of the
cloud. However, some also obtain angular momentum from other protostars during close encounters and migrate to higher orbits. An example is the leftmost
protostar at the last output time in MH3. A more detailed analysis of this figure is presented in Section 3.3.

C⃝ 2012 The Authors, MNRAS 424, 399–415
Monthly Notices of the Royal Astronomical Society C⃝ 2012 RAS
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pressure of the gas and the shear by the differential rotation of
the disc are sufficient to prevent local collapse, while for Q " 1 the
disc fulfils the Toomre criterion and becomes unstable, leading to
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In Fig. 2, we show the surface density, sound speed, orbital fre-
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the densest cell in each minihalo just before the first fragment forms.
We note that applying the same analysis exclusively to cells in the
disc gives very similar results, since the mass within radial shells
is dominated by the disc component. Within the central few au,
the surface density is up to four orders of magnitude higher than
in studies that have employed sink particles, and does not show a
central dip around the sink particles (e.g. Clark et al. 2011b). This is
not surprising, since these studies typically do not resolve the gas on
the scale of the accretion radius, and instead the mass is accreted on
to the sink particles. The Q parameter therefore does not diverge at
small radii, but decreases to well below unity, which is reflected by
the development of pronounced spiral arm patterns on sub-au scales
at very early times. The orbital frequency on these scales drops to

Figure 5. Density projections in a cube of side length 10 au that show the evolution of the protostellar system. Each row corresponds to a different minihalo.
The time after the formation of the primary protostar increases from left to right. The final times vary since the physical differences between the minihaloes
also result in different runtimes. The density of hydrogen nuclei is weighted by the density squared along the line of sight, which lies perpendicular to the
plane of the disc. The disc around the primary protostar fragments into a number of secondary protostars, most of which migrate towards the centre of the
cloud. However, some also obtain angular momentum from other protostars during close encounters and migrate to higher orbits. An example is the leftmost
protostar at the last output time in MH3. A more detailed analysis of this figure is presented in Section 3.3.
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Figure 7. Left-hand panel: protostellar mass as a function of time after the formation of the primary protostar. Each line denotes an individual protostar, and the
thick dotted lines denote the total mass of the protostellar system. Mergers are characterized by the equalization of two lines before one disappears. This aspect
of the merging process was not captured by studies that employed sink particles, since protostars tend to spatially overlap for some time before they merge.
The figure shows that merging is highly efficient and typically occurs between secondary protostars and the primary protostar. This facilitates the growth of the
primary protostar to typically five times the mass of the second most massive protostar, and limits the number of secondary protostars that survive. Right-hand
panel: protostellar radius versus time. The radii of the protostars are in the expected range of 10–200 R⊙, with the primary protostar typically at least twice as
large as the secondary protostars.
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densities, we find good qualitative agreement with Yoshida et al.
(2008), which is the only study next to ours that evolves the collapse
into the optically thick regime. In both cases, the electron fraction
rises and the H2 fraction drops significantly at about 0.1 au, accom-
panied by an increase of the temperature to about 104 K. The exact
values have a relatively large scatter around those found in Yoshida
et al. (2008), where only a single minihalo was investigated.

3.2 Disc formation and fragmentation

After the first protostar has formed, the gas becomes fully rota-
tionally supported in a Keplerian disc. The stability of the disc
to perturbations may be quantified with the Toomre Q parameter
(Toomre 1964):

Q = csκ

πG"
, (9)

where κ is the epicyclic frequency of the disc, " the surface density
and cs the sound speed of the gas. We replace the epicyclic frequency
κ with the orbital frequency #, which is appropriate for Keplerian
discs. The Q parameter determines whether perturbations in an
infinitely thin, isothermal disc can grow. For thick discs, as is the

case here, a similar criterion may be found that deviates only by a
factor of the order of unity (e.g. Wang et al. 2010). For Q ! 1, the
pressure of the gas and the shear by the differential rotation of
the disc are sufficient to prevent local collapse, while for Q " 1 the
disc fulfils the Toomre criterion and becomes unstable, leading to
the formation of spiral arms that transport mass inwards and angular
momentum outwards.

In Fig. 2, we show the surface density, sound speed, orbital fre-
quency and Q parameter in mass-weighted spherical shells around
the densest cell in each minihalo just before the first fragment forms.
We note that applying the same analysis exclusively to cells in the
disc gives very similar results, since the mass within radial shells
is dominated by the disc component. Within the central few au,
the surface density is up to four orders of magnitude higher than
in studies that have employed sink particles, and does not show a
central dip around the sink particles (e.g. Clark et al. 2011b). This is
not surprising, since these studies typically do not resolve the gas on
the scale of the accretion radius, and instead the mass is accreted on
to the sink particles. The Q parameter therefore does not diverge at
small radii, but decreases to well below unity, which is reflected by
the development of pronounced spiral arm patterns on sub-au scales
at very early times. The orbital frequency on these scales drops to

Figure 5. Density projections in a cube of side length 10 au that show the evolution of the protostellar system. Each row corresponds to a different minihalo.
The time after the formation of the primary protostar increases from left to right. The final times vary since the physical differences between the minihaloes
also result in different runtimes. The density of hydrogen nuclei is weighted by the density squared along the line of sight, which lies perpendicular to the
plane of the disc. The disc around the primary protostar fragments into a number of secondary protostars, most of which migrate towards the centre of the
cloud. However, some also obtain angular momentum from other protostars during close encounters and migrate to higher orbits. An example is the leftmost
protostar at the last output time in MH3. A more detailed analysis of this figure is presented in Section 3.3.
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• AREPO (moving mesh), Δx〜10-4 au

• 32cpu x 3month? （意外と計算軽い？）

• 原始星を解像した計算

• 原始星形成後10yrまでのみ

• ガス雲の分裂と合体

• 拡散光は単純化して記述

→ガスの温度構造の不定性

• この方向の研究は10年ほどあまり進まず
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by about a factor of 2, and is generated by the self-gravity of the
gas and the non-axisymmetric nature of the system. Below about
1 au, which is typically located within the protostars, the turbulent
motions become subsonic.

3.4 Merger and survival rate

One of the key parameters that controls the stellar mass function is
how efficiently the protostars merge with each other. In Fig. 10, we
compare the average number of secondary protostars formed per
halo with the average number of mergers. By the end of the sim-
ulation, nearly two-thirds of the secondary protostars have merged
away, and only one-third survive. The dashed line shows that about
half of the secondary protostars have merged with the primary proto-
star. Evidently, they shed their angular momentum very efficiently,
for which either gravitational or pressure gradient torques are re-
sponsible. In the following, we investigate in turn the evolution of
secondary protostars that merge with the primary protostar, and of
secondary protostars that survive until the end of the simulation.

In our first attempt to determine the various torques acting on the
protostars, we assumed that they may be approximated as point
masses. However, this proved to be inaccurate, since the com-
plex density and temperature profiles near the protostellar surface
strongly affect the torques. This prompted us to use AREPO to generate
an additional output for each snapshot that contains the gravitational
acceleration and pressure gradient of all cells. We then determine
the total gravitational and pressure gradient torques per unit mass,
τ grav and τ pres, on the protostars via summation over all cells that
lie within the protostars:

τ grav = 1
M∗

∑

i

r i×(mi ai), (11)

τ pres = 1
M∗

∑

i

r i×
(

mi

∇Pi

ρi

)
, (12)

where i is the index of the cell, r i its distance to the centre of the
primary protostar, mi its mass, ρ i its density, ai its gravitational
acceleration and ∇Pi its pressure gradient. We also determine the

Figure 10. Average number of secondary protostars formed (solid line),
merged (dotted line) and merged with the primary protostar (dashed line)
in each halo. At the last common output time, about half of the secondary
protostars have merged with the primary protostar, and only about one-third
survive. Nevertheless, the multiplicity of the protostellar system increases
monotonically until the end of the simulation.

angular momentum per unit mass l , which is given by

l = 1
M∗

∑

i

r i× (mivi) , (13)

where vi denotes the velocity of the cell with respect to the velocity
of the primary protostar. From the angular momenta and torques,
we determine the time-scales for gravitational and pressure gradient
torques to operate:

tgrav =
|l|2

l · τ grav
and tpres =

|l|2

l · τ pres
. (14)

Note that positive values indicate that the angular momentum per
unit mass is increasing, while negative values indicate that it is
decreasing. Finally, numerical torques are expected to be signifi-
cantly smaller in AREPO than in GADGET, which employs a relatively
high artificial viscosity. For the latter, Stacy, Bromm & Loeb (2011)
showed that numerical torques are less important than gravitational
or pressure gradient torques in simulations that are similar in nature
to ours, so that we are confident that we may neglect them here.

In Fig. 11, we analyse the evolution of the two most long-lived
secondary protostars in each halo, which in addition merge with the
primary protostar. The x-axis shows the ratio of the time after their
formation to the time they survive. The top left-hand panels show the
distance of the protostars to the centre of the primary protostar. The
top right-hand panels show the ratio of the angular momentum per
unit mass to the initial value when the protostar is formed. Finally,
the bottom panels show the ratio of the time-scales for gravitational
and pressure gradient torques to operate to the times the protostars
survive. Red diamonds denote a positive value, and blue crosses
denote a negative value. For better visibility, we have smoothed the
lines in the bottom two panels over a small period of time.

A number of important conclusions may be drawn from this fig-
ure. First, the time-scales for gravitational torques to operate are
smaller than those for pressure gradients, showing that the former
are more important. Secondly, the predominance of negative val-
ues in the bottom left-hand panels shows that gravitational torques
typically lead to a decrease of the angular momentum of the pro-
tostars, while the opposite is the case for the torques exerted by
pressure gradients. Finally, the time-scales for gravitational torques
to operate are generally close to the survival time, showing that
gravitational torques are indeed responsible for the migration of the
protostars to the centre of the cloud. A closer look at the evolution of
individual protostars also shows that the dips and peaks in the time-
scale profiles correlate well with those in the distance and angular
momentum. For example, the solid line in MH2 shows a clear peak
in the distance and angular momentum at about t/tsurv = 0.5, which
is accompanied by a momentary increase of tgrav to positive values.
In a second example, the distance and angular momentum of the
protostar denoted by the dotted line in MH3 continuously decline,
which is reflected by an extended period of negative gravitational
torques. Although not entirely apparent from the bottom panels, due
to the smoothing applied to the profiles, the torques acting on the
protostars are also highly variable in time.

In Fig. 12, we show the evolution of the two most long-lived
secondary protostars in each halo, which in addition survive until
the end of the simulation (note that in MH1 only one secondary pro-
tostar survives). In this case, and in contrast to Fig. 11, gravitational
torques tend to be dominated by positive values, and may lead to an
increase of the distance and angular momentum of individual pro-
tostars. Two examples are the protostars denoted by the dotted line
in MH2 and the solid line in MH4, which increase their separation
to the centre of the primary protostar by a factor of a few. This is
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densities, we find good qualitative agreement with Yoshida et al.
(2008), which is the only study next to ours that evolves the collapse
into the optically thick regime. In both cases, the electron fraction
rises and the H2 fraction drops significantly at about 0.1 au, accom-
panied by an increase of the temperature to about 104 K. The exact
values have a relatively large scatter around those found in Yoshida
et al. (2008), where only a single minihalo was investigated.

3.2 Disc formation and fragmentation

After the first protostar has formed, the gas becomes fully rota-
tionally supported in a Keplerian disc. The stability of the disc
to perturbations may be quantified with the Toomre Q parameter
(Toomre 1964):

Q = csκ

πG"
, (9)

where κ is the epicyclic frequency of the disc, " the surface density
and cs the sound speed of the gas. We replace the epicyclic frequency
κ with the orbital frequency #, which is appropriate for Keplerian
discs. The Q parameter determines whether perturbations in an
infinitely thin, isothermal disc can grow. For thick discs, as is the

case here, a similar criterion may be found that deviates only by a
factor of the order of unity (e.g. Wang et al. 2010). For Q ! 1, the
pressure of the gas and the shear by the differential rotation of
the disc are sufficient to prevent local collapse, while for Q " 1 the
disc fulfils the Toomre criterion and becomes unstable, leading to
the formation of spiral arms that transport mass inwards and angular
momentum outwards.

In Fig. 2, we show the surface density, sound speed, orbital fre-
quency and Q parameter in mass-weighted spherical shells around
the densest cell in each minihalo just before the first fragment forms.
We note that applying the same analysis exclusively to cells in the
disc gives very similar results, since the mass within radial shells
is dominated by the disc component. Within the central few au,
the surface density is up to four orders of magnitude higher than
in studies that have employed sink particles, and does not show a
central dip around the sink particles (e.g. Clark et al. 2011b). This is
not surprising, since these studies typically do not resolve the gas on
the scale of the accretion radius, and instead the mass is accreted on
to the sink particles. The Q parameter therefore does not diverge at
small radii, but decreases to well below unity, which is reflected by
the development of pronounced spiral arm patterns on sub-au scales
at very early times. The orbital frequency on these scales drops to

Figure 5. Density projections in a cube of side length 10 au that show the evolution of the protostellar system. Each row corresponds to a different minihalo.
The time after the formation of the primary protostar increases from left to right. The final times vary since the physical differences between the minihaloes
also result in different runtimes. The density of hydrogen nuclei is weighted by the density squared along the line of sight, which lies perpendicular to the
plane of the disc. The disc around the primary protostar fragments into a number of secondary protostars, most of which migrate towards the centre of the
cloud. However, some also obtain angular momentum from other protostars during close encounters and migrate to higher orbits. An example is the leftmost
protostar at the last output time in MH3. A more detailed analysis of this figure is presented in Section 3.3.
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densities, we find good qualitative agreement with Yoshida et al.
(2008), which is the only study next to ours that evolves the collapse
into the optically thick regime. In both cases, the electron fraction
rises and the H2 fraction drops significantly at about 0.1 au, accom-
panied by an increase of the temperature to about 104 K. The exact
values have a relatively large scatter around those found in Yoshida
et al. (2008), where only a single minihalo was investigated.

3.2 Disc formation and fragmentation

After the first protostar has formed, the gas becomes fully rota-
tionally supported in a Keplerian disc. The stability of the disc
to perturbations may be quantified with the Toomre Q parameter
(Toomre 1964):

Q = csκ

πG"
, (9)

where κ is the epicyclic frequency of the disc, " the surface density
and cs the sound speed of the gas. We replace the epicyclic frequency
κ with the orbital frequency #, which is appropriate for Keplerian
discs. The Q parameter determines whether perturbations in an
infinitely thin, isothermal disc can grow. For thick discs, as is the

case here, a similar criterion may be found that deviates only by a
factor of the order of unity (e.g. Wang et al. 2010). For Q ! 1, the
pressure of the gas and the shear by the differential rotation of
the disc are sufficient to prevent local collapse, while for Q " 1 the
disc fulfils the Toomre criterion and becomes unstable, leading to
the formation of spiral arms that transport mass inwards and angular
momentum outwards.

In Fig. 2, we show the surface density, sound speed, orbital fre-
quency and Q parameter in mass-weighted spherical shells around
the densest cell in each minihalo just before the first fragment forms.
We note that applying the same analysis exclusively to cells in the
disc gives very similar results, since the mass within radial shells
is dominated by the disc component. Within the central few au,
the surface density is up to four orders of magnitude higher than
in studies that have employed sink particles, and does not show a
central dip around the sink particles (e.g. Clark et al. 2011b). This is
not surprising, since these studies typically do not resolve the gas on
the scale of the accretion radius, and instead the mass is accreted on
to the sink particles. The Q parameter therefore does not diverge at
small radii, but decreases to well below unity, which is reflected by
the development of pronounced spiral arm patterns on sub-au scales
at very early times. The orbital frequency on these scales drops to

Figure 5. Density projections in a cube of side length 10 au that show the evolution of the protostellar system. Each row corresponds to a different minihalo.
The time after the formation of the primary protostar increases from left to right. The final times vary since the physical differences between the minihaloes
also result in different runtimes. The density of hydrogen nuclei is weighted by the density squared along the line of sight, which lies perpendicular to the
plane of the disc. The disc around the primary protostar fragments into a number of secondary protostars, most of which migrate towards the centre of the
cloud. However, some also obtain angular momentum from other protostars during close encounters and migrate to higher orbits. An example is the leftmost
protostar at the last output time in MH3. A more detailed analysis of this figure is presented in Section 3.3.
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3. Results

Figure 1 shows the final snapshots for the spherical and
turbulent cases. An accreting protostar with M*∼ 10Me
appears for both cases, and it has a large radius of ∼103 Re.
Nonetheless, there are significant differences between these
cases. The turbulent case especially shows that the protostar
rotates and has a flattened shape. We describe the protostellar
structure and evolution for each case in detail below.

3.1. Spherical Case

In this case, the spherical symmetry is kept throughout the
evolution as suggested by Figure 1. Figure 2 shows the

protostellar evolution, where a protostar first appears at
M*∼ 0.1Me. The top panel shows that at this epoch the
stellar radius is ;10 Re, much smaller than the photospheric
radius ;300 Re. The protostellar radius is comparable to the
Jeans length when the collapsing gas becomes adiabatic at
nH∼ 1020 cm−3 (Omukai 2001), and the photospheric radius is
determined by the envelope structure created during the
collapse. As the accretion proceeds, only the protostellar radius
grows and approaches the photospheric radius. These radii
increase in tandem for M* 3Me, after the stellar radius
exceeds ∼100 Re. The protostellar and photospheric radii at
this stage agree with the 1D stellar evolution calculation taken
from Hosokawa et al. (2012), for which the steady spherical

Figure 1. Snapshots at the end of the simulation. The left column corresponds to the spherical case. The middle and right columns show the face-on and edge-on slices
in the turbulent case. The top, middle, and bottom panels display the distributions of the density, temperature, and isotropic luminosity Liso ≡ 4πr2 Fr, where Fr is the
local outward radiation flux. The isotropic luminosity represents the flux intensity corrected for the geometrical dilution. In the top panel, arrows represent velocity
distributions. In the bottom panel, the arrows only represent the directions of the radiation flux. The white ellipses approximately delineate the protostellar surfaces.
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• SFUMATO-RT + new M1 RT module 

• 原始星内部の拡散光の輻射輸送

ü 光学的厚みが非常に大きな領域を計

算するための工夫

ü 実際の化学・熱進化を再現

• 超大質量星形成に対応した設定（高い

降着率、Mdot〜1Msun/yr）

• 原始星と降着円盤の境界は不明瞭

• 成長途上の原始星からどのような輻射

が出てフィードバックするか？

第一原理的方向性の研究が再始動
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Susa19

• シミュレーションに基づ分裂と合体
の解析的モデル

Nfrag ∝ t0.3

• 周星円盤の分裂と分裂片同士の
合体をモデル化

• 様々な状態方程式を仮定した計算
によると、分裂の仕方は状態方程式
に依って大きく変わりそう

←γeff大きいと分裂しにくい

降着期のガス分裂・合体
Machida+08, Clark+11, Susa19, Prole+22, Riaz+23, Kirihara+24, Park+24, Saavedra-Bastidas+24

are shown on the plot with different symbols. We choose the
threshold number density n 10 cmad

19 3= - as the standard,
which is the critical density above which the dense core
becomes physically adiabatic in the highest-resolution simula-
tion (Greif et al. 2012). Hence, we define the scaled time as

G4 adt p r/ , where m nad H adr m= . Thus, the scaled time of the
data point from Figure 10 in Greif et al. (2012) is their physical
time (8 yr). In other words, the scale time can be regarded as
the “real” physical time.
We find that the results from a number of simulations are

fundamentally consistent with each other, although they use
different numerical methods, initial conditions, cooling func-
tions, and equations of state. In fact, the data points from the
cosmological simulation by Smith et al. (2011) imply that the
dependence on the initial conditions already produces a
diversity of a factor of ∼4. Thus, the remarkable agreement
in this plot indicates that the differences caused by the variety
of schemes are at least comparable to the scatter of the results
due to the different initial conditions.
We note that the data from Susa et al. (2014) should be

regarded as a lower limit because they took into account the
radiative feedback by the protostars, which shut off the
fragmentation process in the disk. Stacy et al. (2012, 2016)
also took into account the radiative feedback, but their
integrated time is 5000 yr, which corresponds to the onset of
the feedback. Hence, the effect of suppressing the fragmenta-
tion is limited. Considering the diversity of initial conditions,
the results could be compared with the other calculations
without radiative feedback. The data from Hosokawa et al.
(2016) also should be considered as a lower limit, because they
used polar coordinates, which tend to have less resolution at the
outer part of the disk. The lower resolution results in a smaller
fragmentation process in the disk.

5. Discussion

We can extrapolate the relation Nfrag∝t0.3 to several
thousand years, the beginning of the radiative feedback from
massive protostars. We find the number of fragments is
10∼100 at that epoch. This number is somewhat larger than
expected, especially from non-sink simulations. One possible
reason for this is that non-sink simulations normally follow the
evolution of the system for a shorter time than the sink
simulations, so they predict fewer fragments. If we regard the
feedback as strong enough to shut off the disk fragmentation/
merger, we arrive at the final number of the protostars at that
epoch, i.e., 10–100.

Table 2
Previous Simulations

Reference Method nth Remark

Stacy et al. (2010) sink 1012 cm−3 Cosmological,1 halo
Clark et al. (2011) sink 1017 cm−3 Cosmological,1 halo,2 snapshots
Greif et al. (2011) sink 1017 cm−3 Cosmological,5 halos
Smith et al. (2011) sink 1015 cm−3 Cosmological,5 halos,two snapshots
Greif et al. (2012) no approx. 1019 cm−3 Cosmological,4 halos,averaged
Stacy et al. (2012) sink 1012 cm−3 Cosmological,1 halo,RF/NF
Susa (2013) sink 3×1013 cm−3 BE-sphere,1 cloud,RF/NF
Vorobyov et al. (2013) 1 sink + stiff EOS 1014 cm−3 Cosmological,1 halo,2D, time-averaged
Susa et al. (2014) sink 3×1013 cm−3 Cosmological,59 halos,RF, averaged
Machida & Nakamura (2015) stiff EOS 1019 cm−3 BE-sphere,1 cloud, time-averaged
Hartwig et al. (2015b) sink 1017 cm−3 Cosmological,4 halos
Hosokawa et al. (2016) cut cooling 1010–1012 cm−3 Cosmological,5 halos,RF/NF, polar coord.
Stacy et al. (2016) sink 1015 cm−3 Cosmological, 1 halo, RF
Hirano & Bromm (2017) cut cooling 1010, 1013, 1015 cm−3 Cosmological, 1 halo

Note. “RF” and “NF” represent the simulations with/without UV radiative feedback, while “averaged” denotes that the number in Figure 10 is the averaged number
over halos, and “time-averaged” denotes the provided time evolution in the reference is time-averaged to put on the figure.

Figure 10. Number of fragments/sinks vs. scaled time. The scaled time is
defined as G4 adt p r/ . The thick dashed line shows the fit ∝ t0.3, and the thin
dashed lines are guides for the eyes that denote ×3 and ×1/3 of the thick
dashed line. The thin blue lines denote the present results smoothed over 50 yr
as in Figure 8, and small triangles, with a thin line denoting the results of the
sink simulation in this work. The open symbols denote the sink simulations
(Stacy et al. 2010; Clark et al. 2011; Smith et al. 2011; Greif et al. 2011;
Susa 2013; Hartwig et al. 2015b), while the filled marks are for non-sink
simulations (Greif et al. 2012; Vorobyov et al. 2013; Hosokawa et al. 2016;
Hirano & Bromm 2017). For the case of Vorobyov et al. (2013) we assume
n 10 cmth

14 3= - , which corresponds to the Jeans length=6 au, and the data
points are averaged over the first and second 30 kyr. For Hosokawa et al.
(2016), n 10 cmth

10 3= - is assumed. The others show results with radiative
feedback (Stacy et al. 2012, 2016; Susa et al. 2014). For the studies that include
both of the cases with/without radiative feedback, the results from the
calculations without radiative feedback are chosen. We also tried to plot the
results from Riaz et al. (2018), but the elapsed time since the first sink
formation is unclear, therefore it is omitted.
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Fragmentation induced starvation in Population III star formation: a resolution study 5

Figure 2. For initial velocity field A, the inner 270 AU of the A���� unstructured density distributions projected onto uniform 5003 grid cubes, flattened by
summing the density over the I-axis. From left to right, we show snapshots taken at 0, 100, 200 and 400 years after the formation of the first sink particle, for
sink creation densities ranging from A⌘>sink = 10�10 g cm�3 (top row) to 10�6 g cm�3 (bottom row). Sink particles are shown as magenta dots.

accretion source and its ejection mass represents the final mass.
We systematically identify ejected sinks by calculating the escape
velocity of all sinks, as given by

Eesc =

r
2⌧"

'
, (2)

where ' is the distance of the sink from the center of mass of the
complete set of sinks, which acts as a proxy for the center of the
halo2. " is the total mass of gas and sinks within a sphere of radius

2 We choose to use the centre of mass of the sinks rather than that of the
gas cells for numerical convenience – there are far fewer sinks than gas cells.
However, as the most massive sinks typically remain close to the centre of
the halo, our results should be insensitive to this choice. We also note that the
e�ects of dark matter are negligible at these scales.

' surrounding this centre of mass. The sink particle is counted as
ejected if its velocity exceeds the escape velocity and ' exceeds
600 AU. The ejection fraction is given by

5eject =
⌃#eject (")
⌃# (") , (3)

where #eject (") and # (") are the number of ejections and total
sinks at mass " , and the summations cover a range of stellar masses.
Zero metallicity stars with initial masses in the range 0.075–0.8 M�
have lifetimes longer than the age of the Universe (Marigo et al. 2001).
These stars should therefore be alive today, while stars with masses
above 0.8 M� will have depleted their fuel. The ejection histories of
the highest resolution runs are shown in the bottom panel of fig.4.
The ejection fractions for the highest resolution runs across the 3
seed fields and 2 velocity strengths at C = 400 yr after the formation
of the first sink are given in Table 2. We combine all of the sink
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Figure 2. For initial velocity field A, the inner 270 AU of the A���� unstructured density distributions projected onto uniform 5003 grid cubes, flattened by
summing the density over the I-axis. From left to right, we show snapshots taken at 0, 100, 200 and 400 years after the formation of the first sink particle, for
sink creation densities ranging from A⌘>sink = 10�10 g cm�3 (top row) to 10�6 g cm�3 (bottom row). Sink particles are shown as magenta dots.

accretion source and its ejection mass represents the final mass.
We systematically identify ejected sinks by calculating the escape
velocity of all sinks, as given by

Eesc =

r
2⌧"

'
, (2)

where ' is the distance of the sink from the center of mass of the
complete set of sinks, which acts as a proxy for the center of the
halo2. " is the total mass of gas and sinks within a sphere of radius

2 We choose to use the centre of mass of the sinks rather than that of the
gas cells for numerical convenience – there are far fewer sinks than gas cells.
However, as the most massive sinks typically remain close to the centre of
the halo, our results should be insensitive to this choice. We also note that the
e�ects of dark matter are negligible at these scales.

' surrounding this centre of mass. The sink particle is counted as
ejected if its velocity exceeds the escape velocity and ' exceeds
600 AU. The ejection fraction is given by

5eject =
⌃#eject (")
⌃# (") , (3)

where #eject (") and # (") are the number of ejections and total
sinks at mass " , and the summations cover a range of stellar masses.
Zero metallicity stars with initial masses in the range 0.075–0.8 M�
have lifetimes longer than the age of the Universe (Marigo et al. 2001).
These stars should therefore be alive today, while stars with masses
above 0.8 M� will have depleted their fuel. The ejection histories of
the highest resolution runs are shown in the bottom panel of fig.4.
The ejection fractions for the highest resolution runs across the 3
seed fields and 2 velocity strengths at C = 400 yr after the formation
of the first sink are given in Table 2. We combine all of the sink
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ガス分裂の解像度依存性
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• AREPO, feedback無し、sink粒子密度依存性
• 原始星形成後400年
• sink粒子の質量の合計は解像度に依らない
• 解像度が高いほど分裂片の数が増加
• high-mass側の質量も低下
← 別のシミュレーションではhigh-mass側は寡占的成長

Prole+22

4024 L. R. Prole et al. 

Figure 4. Top panel to bottom panel: Comparisons of the system for α = 0.05 (left-hand panel) and α = 0.25 (right-hand panel) at 400 yr after the formation of 
the first sink. We compare the number of sinks formed, the total mass in sinks, and the number of sinks ejected from the system as a function of time, for α = 
0.05 (solid lines) and α = 0.25 (dashed lines). 

Figure 5. Initial mass functions at t ∼ 400 yr after the formation of the 
first sink. The distribution of masses shifts towards lower values with an 
increasing ρsink . The shaded sections of the IMFs represent sinks ejected 
from the group, given by the criteria described in Section 4. The black 
vertical dashed lines show the Jeans mass at the sink particle creation 
density. The IMF for the high velocity ( α = 0.25) run is given in a separate 
panel at the bottom. Note that for ρsink = 10 −10 –10 −8 g cm −3 there are no 
ejections. 
once a protostar is ejected from the cloud, it is remo v ed from its 
accretion source and its ejection mass represents the final mass. 
We systematically identify ejected sinks by calculating the escape 
velocity of all sinks, as given by 
v esc = √ 

2 GM 
R , (2) 

where R is the distance of the sink from the centre of mass of the 
complete set of sinks, which acts as a proxy for the centre of the 

Figure 6. Evolution of the IMF and cumulative mass function at times 10, 
50, 100, 200, 300, and 400 yr after the formation of the fist sink, for ρsink = 
10 −6 g cm −3 . The IMFs combine the sinks from the α = 0.25 and 0.05 runs. 
halo. 2 M is the total mass of gas and sinks within a sphere of radius 
R surrounding this centre of mass. The sink particle is counted as 
2 We choose to use the centre of mass of the sinks rather than that of the gas 
cells for numerical convenience – there are far fewer sinks than gas cells. 
Ho we ver, as the most massive sinks typically remain close to the centre of 
the halo, our results should be insensitive to this choice. We also note that the 
effects of dark matter are negligible at these scales. 
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寡占的成長と総中流的成長を分ける条件は？

(Saavedra-Bastidas+24) 



合体に至る過程
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escape from the system, the orbital period becomes shorter. As
shown in panel (c), spiral structures appear just before the
coalescence. After that, the system immediately coalesces (see
panel (d)). Panel (d) shows the distribution of the resulting
protostar at the time 50 Tdyn after the coalescence.

Let us describe the process from panel (a) to panel (b) in
more detail. When we start calculating the orbital motion of
binary, the protostars begin to spin due to angular momentum
transport from the orbital motion by the gravitational torque
(detailed analysis is described in Section 3.4). The stars keep
spinning up, and their spin angular velocity matches their
orbital angular velocity eventually, at which the system is
tidally locked. This tidal interaction effectively reduces the
orbital angular momentum, and thus the separation between the
binary stars becomes smaller. The gas with a large angular
momentum near the L2 points is gradually ejected from the
system until the tidal lock is achieved. This is because the
protostars spin up due to the tidal effect caused by angular
momentum transport, and the gas that exceeds the escape
velocity can easily escape from the vicinity of the L2 points.

3.2. Effect of Different Initial Binary Separations

Figure 5 shows the time evolution of the binary separation a.
Each line represents the difference in the initial binary
separation aini. If the initial separation exceeds 106 Re, the
binary does not merge. The time to coalescence varies at
approximately equal intervals in logarithmic space for the
coalesced parameters. In other words, it means that the
timescale for coalescence increases exponentially as the initial
separation of the binary increases. A more detailed analysis of
the coalescence time is described in the following section.

We demonstrate that binaries can coalesce even when the
initial binary separation is between the protostar radius and
twice its radius. As shown in Figure 2, protostars have a two-
layer structure, a high-density core, and a low-density
envelope. Our simulations show that the binaries merge when
the envelopes overlap to some extent.

3.3. Timescale of Coalescence

This section discusses the relationship between the time to
coalescence and the level of overlap between the protostars.
Figure 6 shows the coalescence time Tmerger as a function of the
initial separation aini normalized by the protostellar radius. We
define Tmerger as the epoch when the distance between the
center of two protostars approaches less than 30 Re, which
corresponds to half of the original protostellar radius. After
this, the protostars collapse to a single star immediately, as
shown in Figure 5. In Figure 6, the black points indicate the
epochs when the initial binaries coalesce. The black arrows
indicate that we compute up to the epoch of the starting point of
the arrow without observing stellar coalescence. The blue
dotted line is the least-squares fitting of the black points, where
T 1.9 10 e a R

merger
4 5.67 ini( )= ´ - * yr. The boundary between

merging or not is aini/R* = 1.7, which corresponds to a 15%
overlap between protostars. If the initial separation is farther
apart, the protostars do not merge even after long time
calculations.
For a binary to merge, the orbital angular momentum must

be subtracted. In the two-body problem, it is known that the
orbital angular momentum can be transported to the spin of the
protostars by the tidal interaction. We show the time evolution
of the protostellar spin angular velocity ratio to the orbital
angular velocity in Figure 7. The protostars spin up during their
orbital motion and synchronize with the orbital angular
velocity. We can see that the orbital angular momentum is
transported to the stellar spin, thereby reducing the separation
of the binary. If the initial separation is close enough, the
binary merges before the spin-up is completed. On the other
hand, once Ωspin/Ωorb= 1 is achieved, the orbital angular
momentum cannot be transported anymore, and the binary

Figure 5. Time evolution of the binary separation. The line colors represent
different cases with different initial binary separations. The black dashed and
solid lines represent the initial protostellar radius and its doubled separation,
respectively.

Figure 6. The coalescence time Tmerger as a function of the initial separation aini
normalized by the protostellar radius. The black points indicate the epochs
when the initial binaries coalesce. The black arrows indicate that we compute
up to the epoch of the starting point of the arrow without observing stellar
coalescence. The black crosses represent the epoch when Ωspin/Ωorb > 0.99 is
achieved. The blue dotted line is the least-squares fitting of the black points,
where T 1.9 10 e a R

merger
4 5.67 ini( )= ´ - * yr. The red dotted line shows the

analytical estimate of the tidal lock timescale. The gray dashed line shows the
timescale of momentum transport due to the numerical viscosity.
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• 初期に回転していない近接連星の合体過程のSPH計算

• 軌道角運動量が原始星のスピンとして引き抜かれることで合体

• 軌道角運動量とスピンの相互作用はsink粒子だとゼロ、EOSを硬く

する方法だと過大評価

低解像度のシミュレーションで合体をどう扱うべきか？

近接連星を作るメカニズムは？ → 定成さんトーク



輻射フィードバック下の原始星成長
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Figure 19. The edge-on slice snapshots for one of the circumstellar disks at
Δt = 10,000 yr in the intermediate- M case. From the top to bottom, we plot the
density, temperature, H2 fraction, and H+ fraction. In the lower three panels,
the bipolar photoionization and photodissociation fronts are demarcated with
solid and dashed lines.

Figure 20. Same as Figure 18 but for the circumstellar disk presented in
Figure 19. The sink radius is indicated with the vertical dashed line.
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Simultaneously, the (outer) binary has a wide orbit with its
separation reaching at least 2000 au due to the large initial
angular momentum of the natal cloud (Figure 12) without
effective angular momentum extraction by such processes as
magnetic braking or magnetically driven outflows (e.g.,
Machida et al. 2008a; Sadanari et al. 2021, 2023). In this
way, Population III stars predominantly form as multiple
systems consisting of massive stars with wide orbits.

Note, however, that this does not exclude the formation of
close binaries, some of which could be progenitors of binary
BH mergers observed by gravitational waves. Rather, our
results have some implications for close binary formation. As
in the intermediate- M run, Population III stellar systems can be
hierarchical, in which outer wide orbit stars and mini-multiplet
systems coexist. Whereas the separation of the outer binary
tends to increase by accretion from the circumbinary disk, stars
in the outer orbit can extract the angular momentum from the
inner binary and shrink its separation of the inner one, as
observed in the high- M case. Although the inner binary was
regarded as merged in our simulation, the actual end product
could be a close binary system below our resolution limit. A
higher-resolution simulation is needed in the future to answer
whether such close binaries as gravitational event progenitors
are formed or not among Population III stars (e.g., Kirihara
et al. 2023).

Note also that low-mass stars may still form although we
have not found them in our simulations, possibly due to our
limited spatial resolution and simplistic sink merger criteria
(see also Section 5.2). Previous numerical studies on
cosmological Population III star formation have suggested that
numerous stars remain low mass (<1Me) after ejection from
the central region of the star-forming cloud (Greif et al. 2012;
Latif et al. 2022). Whether or not such stars indeed coexist in
the system, however, is unlikely to significantly affect the
evolution of massive protostars. Nevertheless, their formation
and survival are of substantial interest from observational
perspectives as current observations have already ruled out the
cases where an excessive number of low-mass stars survive up
to the present (Hartwig et al. 2015; Ishiyama et al. 2016).

In summary, we argue that Population III star systems are
likely comprised of widely orbiting multiple massive stars. At
the same time, these systems may include embedded close
binaries, as well as numerous low-mass stars ejected from the
center.

5. Discussion

5.1. Effect of Radiative Feedback

The radiative feedback from protostars suppresses the
accretion growth of protostars, as observed in our simulations.
To see how this works more specifically, here we perform a
series of additional runs for the intermediate- M case with
different numerical setups. Previous authors have suggested
that the accretion is suppressed either by FUV (e.g., Susa 2013;
Susa et al. 2014) or EUV radiation (e.g., McKee & Tan 2008;
Hosokawa et al. 2011). To discriminate the effect of each UV
component, we perform runs with only FUV (no EUV) and
without radiation (neither EUV nor FUV), in addition to the
fiducial run both with EUV and FUV radiation. Table 3
summarizes the setups for the additional runs, along with
another series of runs presented in Section 5.2.

Figure 13 gives the comparison of the protostar evolution in
the fiducial (EUV and FUV), FUV-only, and no-radiation runs.
The total mass evolution (top panel) shows variation among the
three runs. In the no-radiation run, the mass increases linearly
at a nearly constant accretion rate without any feedback. On the
other hand, in the runs with FUV radiation, the mass growth
slows down due to photodissociation feedback around
Δt∼ 10,000 yr. In the FUV-only run, the mass continues to
grow at a reduced rate, while the EUV photoionization
feedback nearly halts the accretion at Δt∼ 40,000 yr in the
fiducial run with EUV. The bottom two panels in Figure 13
show the number of surviving sink particles, Nsink, and the total
number of sinks formed, Nform. Due to a few-body interaction,

Table 3
Summary of Simulation Setup for Additional Runs

Run D ( )x aumin rsink (au) nsink (cm−3) FUV EUV

Int-noRada 4 64 1 × 1011 No No
Int-noEUVb 4 64 1 × 1011 Yes No

Int-32auc 2 32 4 × 1011 Yes Yes
Int-noRad-32aua,c 2 32 4 × 1011 No No
Int-noRad-16aua,c 1 16 1.6 × 1012 No No

Notes.
a -noRad denotes no radiation (neither EUV nor FUV).
b -noEUV denotes no EUV (FUV only).
c 32 and 16 au indicate the sink radius.

Figure 13. Dependence of protostellar evolution on the prescription of
radiative feedback. From top to bottom, we plot the total mass Mtot, the number
of surviving sinks Nsink, and the number of sinks formed Nform. The line types
indicate the runs: the fiducial run with both EUV and FUV (blue solid), the
FUV-only run (orange dotted–dashed lines), and the run without radiation
(green-dashed lines).
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Figure 19. The edge-on slice snapshots for one of the circumstellar disks at
Δt = 10,000 yr in the intermediate- M case. From the top to bottom, we plot the
density, temperature, H2 fraction, and H+ fraction. In the lower three panels,
the bipolar photoionization and photodissociation fronts are demarcated with
solid and dashed lines.

Figure 20. Same as Figure 18 but for the circumstellar disk presented in
Figure 19. The sink radius is indicated with the vertical dashed line.
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• FUV（H2解離光子）が初期（〜104yr）に効く

ü 降着率・分裂を抑制

• EUV（電離光子）は後で（〜3x104yr ）効く

ü 最終的に降着を止める

ü bipolar電離バブルは前（〜104yr）から存在

• 複数星の場合も単独星のときと類似

McKee&Tan08, Hosokawa+12,16, Stacy+13,16, Susa13, Susa+14, KS+20,23, Latif+22, 
Jaura+22, Park+23, Toyouchi+23, Sharda&Menon24, Chon+24

EUV

FUV

t=104yr

（e.g., McKee&Tan 08, Hosokawa+12）



電離光子が分厚い円盤から出られない？
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ABN02 carried their calculations almost to the point of protostar
formation, and at this time gas was flowing inward subsonically
almost everywhere (except for 0:1 M! P M P 1 M!, where the
inflow was slightly supersonic). Shu’s (1977) expansion wave
solutions for protostellar accretion are based on the assumption
that the inflow velocity at this time is zero. Hunter (1977) gen-
eralized these solutions and showed that there is a discrete set
of self-similar solutions that begin at rest at t ¼ #1 and have a
constant infall velocity at the time of protostar formation (t ¼ 0).
One of these solutions, the Larson-Penston solution (Larson 1969;
Penston 1969), has supersonic inflow (Mach number of 3.3 at
t ¼ 0); this solution is clearly inconsistent with the numerical
results. In fact, the accretion flow appears to be a settling solu-
tion regulated by H2 cooling. Only one of Hunter’s solutions
corresponds to mildly subsonic inflow (Mach number of 0.295
at t ¼ 0), comparable to that found by ABN02, and this is the
solution adopted in Paper I. This solution has a density that is

1.189 times greater than a singular isothermal sphere at t ¼ 0, and
the accretion rate is 2.6 times greater.
Hunter’s (1977) solution applies to an isothermal gas. Omukai

& Nishi (1998) and Ripamonti et al. (2002) have numerically
calculated accretion rates for primordial protostars and showed
that the accreting gas is isentropic with an adiabatic index
! ’ 1:1 due to H2 cooling; i.e., each mass element satisfies the
relation P ¼ K"! with the ‘‘entropy parameter’’ K ¼ const. In
hydrostatic equilibrium, such a gas settles into a polytropic con-
figuration, which in general has P(r)¼ Kp"(r)

!p . For an isentro-
pic gas, we have !p ¼ ! and Kp ¼ K. In Paper I we presented
an analytic model for the protostellar accretion rate for isen-
tropic gas. We allowed for the existence of an accretion disk
around the protostar with a significant fraction of the stellar
mass,

m$d ¼ m$þ md & 1þ fdð Þm$; ð3Þ

Fig. 1.—Overview of the accretion geometry and feedback processes involved in primordial star formation. Top left: Cross section of the accretion geometry: the
dashed lines show streamlines of the rotating, infalling gas, with figure of revolution from each streamline separating 10% of the total infall from this hemisphere. The
aspect ratio of the accretion disk is realistic, while the size of the star has been exaggerated for clarity. Top right: The shaded region around the star shows the extent of the H ii
region, which at this relatively early stage is still confined inside the gravitational radius for the escape of ionized gas, rg. Ly# radiation pressure feedback should be strong
enough to prevent accretion in the polar directions.Bottom left: The stellarmass and ionizing luminosity have grown, and theH ii region is just in the process of breaking out of
the accretion flow. Once a significant volume beyond rg is ionized, accretion from these directions is expected to be shut off. Bottom right: Final stage of accretion involves
shadowing of the equatorial region from stellar ionizing flux by the disk, which at the same time is photoevaporated. The competition between this photoevaporative outflow
and the residual accretion rate sets the final mass of the star. [See the electronic edition of the Journal for a color version of this figure.]

McKEE & TAN774 Vol. 681

Jaura+22

McKee&Tan (2008)

• AREPO、EUV/FUVをsink中心に注入
• EUVは分厚い円盤に全て吸収される

→ フィードバックも効かない
• bipolarな電離バブルの描像と異なる
（e.g., McKee&Tan 08, Hosokawa+12、KS+20,23）

• sink内の重力softeningの影響は？
• 等温ガスのH/R ∝ cs/ΩR ∝R1/2
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Figure 12. Mean polar r pol and equatorial r eq radial profiles around the most massive sink particle in the region studied in Section 4.3 in simulations T30 RTP 
(left-hand column) and T30 RTPr (right-hand column), calculated as described in the text. The results are shown for a time t acc = 20 kyr. We indicate the 
corresponding masses M sink of the sink particles in the top panels. Profiles in the panels from the top to bottom show gas density, temperature, photon fluxes in 
all four radiation bins ( ν11.2 + , ν13.6 + , ν15.2 + , and ν24.6 + ), recombination R H and ionization rates ( I H , I He and I H 2 ) and mass fractions of different gas species 
( X H + , X He + , and X H 2 ), respectively. The dashed grey lines indicate the accretion radius of the sink particle. 

Figure 13. Distance of the sink particles from Fig. 9 to the nearest cell with 
number density below n = 10 10 cm −3 . The distances are averaged in time 
according to equation ( 9 ). 

To verify that this behaviour is not simply due to the fact that we 
have selected some special time in the simulation, we have calculated 
the distance from each of our considered sinks to the nearest gas cell 
with density n < 10 10 cm −3 at various output times. (We discuss this 
choice of density threshold in Section 4.3.2 below). The results are 
shown in Fig. 13 . Initially, this distance – which we can take to be a 
reasonable proxy for the disc thickness – is large, but after only a few 
kyr, it settles down to a value of ∼10 au or smaller for most of the 
sinks, consistent with the behaviour we have already seen in Fig. 12 

Figure 14. Radii of the grid cells close to the most massive sink at t acc = 
20 kyr in simulations T30 RTP (left-hand panel) and T30 RTPr (right-hand 
panel). The locations of the cells are shown using a polar coordinate system 
centred on the sink and the colour-coding indicates the cell radius r cell . 
for the most massive sinks. Importantly, this means that in our T10, 
R10, T30, and R30 runs, the sink accretion radius is comparable to 
or larger than the thickness of the accretion disc near the sinks. 

We have also checked that the disc thickness that we reco v er 
is not simply due to our numerical resolution, i.e. that we are not 
simply finding an unresolved disc with a thickness of one or two 
Voronoi cells. In Fig. 14 , we show the radii of the cells close to the 
most massive sink in runs T30 RTP and T30 RTPr, plotted in polar 
coordinates. In the disc and close to the sink, the cells have radii of at 
most 1–2 au, consistent with the values that we would expect given 
their densities (see Fig. 5 ). Close to the sink, the disc thickness is 
around 20 au and so the disc is resolved in the vertical direction with 
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for the most massive sinks. Importantly, this means that in our T10, 
R10, T30, and R30 runs, the sink accretion radius is comparable to 
or larger than the thickness of the accretion disc near the sinks. 

We have also checked that the disc thickness that we reco v er 
is not simply due to our numerical resolution, i.e. that we are not 
simply finding an unresolved disc with a thickness of one or two 
Voronoi cells. In Fig. 14 , we show the radii of the cells close to the 
most massive sink in runs T30 RTP and T30 RTPr, plotted in polar 
coordinates. In the disc and close to the sink, the cells have radii of at 
most 1–2 au, consistent with the values that we would expect given 
their densities (see Fig. 5 ). Close to the sink, the disc thickness is 
around 20 au and so the disc is resolved in the vertical direction with 
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Figure 10. Face-on projection (top) and edge-on slices (bottom) of the gas 
number density around two selected sink particles (columns) at time t acc 
= 20 kyr. In case of the projections, we plot the column-averaged number 
density. Small black crosses mark the positions of the main and companion 
sink particles within the selected volume. 
us to directly compare the behaviour of the gas and the radiation field 
in both cases. 

In our simulations, both massive stars in the binary emit large 
numbers of ionizing and photodissociating photons into their com- 
mon environment. In principle, it would be possible to examine the 
effects of the radiation from each star indi vidually. Ho we ver, gi ven 
the small separation between the two stars, it is easier to consider 
their combined radiation field. 

In Fig. 10 , we show plots of gas number density as a face-on 
projection (top row) and edge-on slice (bottom row) of a 400 by 400- 
au region centred on the most massive sink in the binary system in 
simulations T30 RTP and T30 RTPr at a time t acc = 20 kyr. Fig. 11 
shows similar plots of the temperature structure of the gas. In both 
figures, we indicate the location of the binary sink particles using 
black crosses. For completeness, we also indicate the locations of 
the other sink particles present in this region. The masses and ages 
of these sinks are summarized in Table 3 , along with their distance 
from the most massive sink in the region, r centre . 

From the figures, we see immediately that the massive stars in 
the T30 RTP simulation are embedded in the centre of an extended 
accretion disc with a temperature of ∼1000 K and a density which 
peaks in the centre. A disc is also present in the T30 RTPr simulation, 
but with a clear difference in morphology: there is a lower density 
cavity close to the location of the binary which is associated with a 
region of hot ( T ∼ 10 4 K) gas that is particularly apparent abo v e the 
disc mid-plane. 

In Fig. 12 , we plot mean radial profiles of various properties around 
the most massive member of the binary in the simulations T30 RTP 
(left-hand column) and T30 RTPr (right-hand column) at time t acc 
= 20 kyr. To measure these profiles, we chose a set of 300 rays and 
distributed their orientations equally on a r = 100-au sphere around 
the sink particle using the HEALPIX algorithm (G ́orski et al. 2005 ; 
Zonca et al. 2019 ). We then calculated the local properties of the 
gas along each ray. We next divided the whole solid angle into two 
regions according to the angle θ ∈ (0, 180 ◦) measured with respect 

Figure 11. As Fig. 10 , but showing the temperature of the gas. In the case 
of the projections, this is the column-averaged value. 
Table 3. Summary of sink particle properties in the 400 by 400 au region 
analyzed in Section 4.3 . The radius r centre is measured from the location of 
the most massive sink particle in the region. Values are shown at a time t acc 
= 20 kyr after the formation of the first sink particle. 
Mass (M ⊙) r centre (au) Simulation Age (kyr) 
67.78 0 T30 RTP 19 .78 
46.17 2 .68 T30 RTP 19 .86 
13.81 74 .54 T30 RTP 5 .25 
5.38 13 .9 T30 RTP 4 .86 
68.66 0 T30 RTPr 19 .86 
49.33 2 .25 T30 RTPr 19 .78 
36.83 41 .2 T30 RTPr 16 .93 
1.03 187 .72 T30 RTPr 0 .62 
to the angular momentum vector of the accretion disc. We averaged 
values along rays with 80 ◦ < θ < 100 ◦ to obtain mean values as a 
function of equatorial distance r eq , and did the same for rays with 
θ < 10 ◦ and θ > 170 ◦ to obtain mean values as a function of polar 
distance r pol . Although it is a fairly crude representation of the real 
3D complexity of the region, this procedure nevertheless allows us 
to distinguish between the dense gas in the accretion disc (which 
extends approximately 10 ◦ from the equatorial plane) and the much 
lower density gas in the polar regions. We also note that although we 
only show the results for the most massive member of the binary, the 
results for profiles centred on the other member will be very similar 
at radii much greater than the binary separation of 2–3 au. 

The top panels in Fig. 12 show the mean density profile in the 
equatorial and polar directions in runs T30 RTP and T30 RTPr. Since 
the sink particles are located in a flattened disc, it is unsurprising that 
we find an anisotropic density distribution surrounding them. In the 
equatorial direction, the density first falls off rapidly from a few times 
10 13 cm −3 close to the sink to around 10 12 cm −3 at r eq ∼ 10 au, but 
thereafter decreases only slowly with increasing equatorial distance. 
On the other hand, in the polar direction, the density decrease close 
to the sink is far more pronounced, with n dropping to ∼10 9 cm −3 
by the time that r pol = 20 au. 
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Figure 10. Face-on projection (top) and edge-on slices (bottom) of the gas 
number density around two selected sink particles (columns) at time t acc 
= 20 kyr. In case of the projections, we plot the column-averaged number 
density. Small black crosses mark the positions of the main and companion 
sink particles within the selected volume. 
us to directly compare the behaviour of the gas and the radiation field 
in both cases. 

In our simulations, both massive stars in the binary emit large 
numbers of ionizing and photodissociating photons into their com- 
mon environment. In principle, it would be possible to examine the 
effects of the radiation from each star indi vidually. Ho we ver, gi ven 
the small separation between the two stars, it is easier to consider 
their combined radiation field. 

In Fig. 10 , we show plots of gas number density as a face-on 
projection (top row) and edge-on slice (bottom row) of a 400 by 400- 
au region centred on the most massive sink in the binary system in 
simulations T30 RTP and T30 RTPr at a time t acc = 20 kyr. Fig. 11 
shows similar plots of the temperature structure of the gas. In both 
figures, we indicate the location of the binary sink particles using 
black crosses. For completeness, we also indicate the locations of 
the other sink particles present in this region. The masses and ages 
of these sinks are summarized in Table 3 , along with their distance 
from the most massive sink in the region, r centre . 

From the figures, we see immediately that the massive stars in 
the T30 RTP simulation are embedded in the centre of an extended 
accretion disc with a temperature of ∼1000 K and a density which 
peaks in the centre. A disc is also present in the T30 RTPr simulation, 
but with a clear difference in morphology: there is a lower density 
cavity close to the location of the binary which is associated with a 
region of hot ( T ∼ 10 4 K) gas that is particularly apparent abo v e the 
disc mid-plane. 

In Fig. 12 , we plot mean radial profiles of various properties around 
the most massive member of the binary in the simulations T30 RTP 
(left-hand column) and T30 RTPr (right-hand column) at time t acc 
= 20 kyr. To measure these profiles, we chose a set of 300 rays and 
distributed their orientations equally on a r = 100-au sphere around 
the sink particle using the HEALPIX algorithm (G ́orski et al. 2005 ; 
Zonca et al. 2019 ). We then calculated the local properties of the 
gas along each ray. We next divided the whole solid angle into two 
regions according to the angle θ ∈ (0, 180 ◦) measured with respect 

Figure 11. As Fig. 10 , but showing the temperature of the gas. In the case 
of the projections, this is the column-averaged value. 
Table 3. Summary of sink particle properties in the 400 by 400 au region 
analyzed in Section 4.3 . The radius r centre is measured from the location of 
the most massive sink particle in the region. Values are shown at a time t acc 
= 20 kyr after the formation of the first sink particle. 
Mass (M ⊙) r centre (au) Simulation Age (kyr) 
67.78 0 T30 RTP 19 .78 
46.17 2 .68 T30 RTP 19 .86 
13.81 74 .54 T30 RTP 5 .25 
5.38 13 .9 T30 RTP 4 .86 
68.66 0 T30 RTPr 19 .86 
49.33 2 .25 T30 RTPr 19 .78 
36.83 41 .2 T30 RTPr 16 .93 
1.03 187 .72 T30 RTPr 0 .62 
to the angular momentum vector of the accretion disc. We averaged 
values along rays with 80 ◦ < θ < 100 ◦ to obtain mean values as a 
function of equatorial distance r eq , and did the same for rays with 
θ < 10 ◦ and θ > 170 ◦ to obtain mean values as a function of polar 
distance r pol . Although it is a fairly crude representation of the real 
3D complexity of the region, this procedure nevertheless allows us 
to distinguish between the dense gas in the accretion disc (which 
extends approximately 10 ◦ from the equatorial plane) and the much 
lower density gas in the polar regions. We also note that although we 
only show the results for the most massive member of the binary, the 
results for profiles centred on the other member will be very similar 
at radii much greater than the binary separation of 2–3 au. 

The top panels in Fig. 12 show the mean density profile in the 
equatorial and polar directions in runs T30 RTP and T30 RTPr. Since 
the sink particles are located in a flattened disc, it is unsurprising that 
we find an anisotropic density distribution surrounding them. In the 
equatorial direction, the density first falls off rapidly from a few times 
10 13 cm −3 close to the sink to around 10 12 cm −3 at r eq ∼ 10 au, but 
thereafter decreases only slowly with increasing equatorial distance. 
On the other hand, in the polar direction, the density decrease close 
to the sink is far more pronounced, with n dropping to ∼10 9 cm −3 
by the time that r pol = 20 au. 
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Figure 10. Face-on projection (top) and edge-on slices (bottom) of the gas 
number density around two selected sink particles (columns) at time t acc 
= 20 kyr. In case of the projections, we plot the column-averaged number 
density. Small black crosses mark the positions of the main and companion 
sink particles within the selected volume. 
us to directly compare the behaviour of the gas and the radiation field 
in both cases. 

In our simulations, both massive stars in the binary emit large 
numbers of ionizing and photodissociating photons into their com- 
mon environment. In principle, it would be possible to examine the 
effects of the radiation from each star indi vidually. Ho we ver, gi ven 
the small separation between the two stars, it is easier to consider 
their combined radiation field. 

In Fig. 10 , we show plots of gas number density as a face-on 
projection (top row) and edge-on slice (bottom row) of a 400 by 400- 
au region centred on the most massive sink in the binary system in 
simulations T30 RTP and T30 RTPr at a time t acc = 20 kyr. Fig. 11 
shows similar plots of the temperature structure of the gas. In both 
figures, we indicate the location of the binary sink particles using 
black crosses. For completeness, we also indicate the locations of 
the other sink particles present in this region. The masses and ages 
of these sinks are summarized in Table 3 , along with their distance 
from the most massive sink in the region, r centre . 

From the figures, we see immediately that the massive stars in 
the T30 RTP simulation are embedded in the centre of an extended 
accretion disc with a temperature of ∼1000 K and a density which 
peaks in the centre. A disc is also present in the T30 RTPr simulation, 
but with a clear difference in morphology: there is a lower density 
cavity close to the location of the binary which is associated with a 
region of hot ( T ∼ 10 4 K) gas that is particularly apparent abo v e the 
disc mid-plane. 

In Fig. 12 , we plot mean radial profiles of various properties around 
the most massive member of the binary in the simulations T30 RTP 
(left-hand column) and T30 RTPr (right-hand column) at time t acc 
= 20 kyr. To measure these profiles, we chose a set of 300 rays and 
distributed their orientations equally on a r = 100-au sphere around 
the sink particle using the HEALPIX algorithm (G ́orski et al. 2005 ; 
Zonca et al. 2019 ). We then calculated the local properties of the 
gas along each ray. We next divided the whole solid angle into two 
regions according to the angle θ ∈ (0, 180 ◦) measured with respect 

Figure 11. As Fig. 10 , but showing the temperature of the gas. In the case 
of the projections, this is the column-averaged value. 
Table 3. Summary of sink particle properties in the 400 by 400 au region 
analyzed in Section 4.3 . The radius r centre is measured from the location of 
the most massive sink particle in the region. Values are shown at a time t acc 
= 20 kyr after the formation of the first sink particle. 
Mass (M ⊙) r centre (au) Simulation Age (kyr) 
67.78 0 T30 RTP 19 .78 
46.17 2 .68 T30 RTP 19 .86 
13.81 74 .54 T30 RTP 5 .25 
5.38 13 .9 T30 RTP 4 .86 
68.66 0 T30 RTPr 19 .86 
49.33 2 .25 T30 RTPr 19 .78 
36.83 41 .2 T30 RTPr 16 .93 
1.03 187 .72 T30 RTPr 0 .62 
to the angular momentum vector of the accretion disc. We averaged 
values along rays with 80 ◦ < θ < 100 ◦ to obtain mean values as a 
function of equatorial distance r eq , and did the same for rays with 
θ < 10 ◦ and θ > 170 ◦ to obtain mean values as a function of polar 
distance r pol . Although it is a fairly crude representation of the real 
3D complexity of the region, this procedure nevertheless allows us 
to distinguish between the dense gas in the accretion disc (which 
extends approximately 10 ◦ from the equatorial plane) and the much 
lower density gas in the polar regions. We also note that although we 
only show the results for the most massive member of the binary, the 
results for profiles centred on the other member will be very similar 
at radii much greater than the binary separation of 2–3 au. 

The top panels in Fig. 12 show the mean density profile in the 
equatorial and polar directions in runs T30 RTP and T30 RTPr. Since 
the sink particles are located in a flattened disc, it is unsurprising that 
we find an anisotropic density distribution surrounding them. In the 
equatorial direction, the density first falls off rapidly from a few times 
10 13 cm −3 close to the sink to around 10 12 cm −3 at r eq ∼ 10 au, but 
thereafter decreases only slowly with increasing equatorial distance. 
On the other hand, in the polar direction, the density decrease close 
to the sink is far more pronounced, with n dropping to ∼10 9 cm −3 
by the time that r pol = 20 au. 
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Figure 10. Face-on projection (top) and edge-on slices (bottom) of the gas 
number density around two selected sink particles (columns) at time t acc 
= 20 kyr. In case of the projections, we plot the column-averaged number 
density. Small black crosses mark the positions of the main and companion 
sink particles within the selected volume. 
us to directly compare the behaviour of the gas and the radiation field 
in both cases. 

In our simulations, both massive stars in the binary emit large 
numbers of ionizing and photodissociating photons into their com- 
mon environment. In principle, it would be possible to examine the 
effects of the radiation from each star indi vidually. Ho we ver, gi ven 
the small separation between the two stars, it is easier to consider 
their combined radiation field. 

In Fig. 10 , we show plots of gas number density as a face-on 
projection (top row) and edge-on slice (bottom row) of a 400 by 400- 
au region centred on the most massive sink in the binary system in 
simulations T30 RTP and T30 RTPr at a time t acc = 20 kyr. Fig. 11 
shows similar plots of the temperature structure of the gas. In both 
figures, we indicate the location of the binary sink particles using 
black crosses. For completeness, we also indicate the locations of 
the other sink particles present in this region. The masses and ages 
of these sinks are summarized in Table 3 , along with their distance 
from the most massive sink in the region, r centre . 

From the figures, we see immediately that the massive stars in 
the T30 RTP simulation are embedded in the centre of an extended 
accretion disc with a temperature of ∼1000 K and a density which 
peaks in the centre. A disc is also present in the T30 RTPr simulation, 
but with a clear difference in morphology: there is a lower density 
cavity close to the location of the binary which is associated with a 
region of hot ( T ∼ 10 4 K) gas that is particularly apparent abo v e the 
disc mid-plane. 

In Fig. 12 , we plot mean radial profiles of various properties around 
the most massive member of the binary in the simulations T30 RTP 
(left-hand column) and T30 RTPr (right-hand column) at time t acc 
= 20 kyr. To measure these profiles, we chose a set of 300 rays and 
distributed their orientations equally on a r = 100-au sphere around 
the sink particle using the HEALPIX algorithm (G ́orski et al. 2005 ; 
Zonca et al. 2019 ). We then calculated the local properties of the 
gas along each ray. We next divided the whole solid angle into two 
regions according to the angle θ ∈ (0, 180 ◦) measured with respect 

Figure 11. As Fig. 10 , but showing the temperature of the gas. In the case 
of the projections, this is the column-averaged value. 
Table 3. Summary of sink particle properties in the 400 by 400 au region 
analyzed in Section 4.3 . The radius r centre is measured from the location of 
the most massive sink particle in the region. Values are shown at a time t acc 
= 20 kyr after the formation of the first sink particle. 
Mass (M ⊙) r centre (au) Simulation Age (kyr) 
67.78 0 T30 RTP 19 .78 
46.17 2 .68 T30 RTP 19 .86 
13.81 74 .54 T30 RTP 5 .25 
5.38 13 .9 T30 RTP 4 .86 
68.66 0 T30 RTPr 19 .86 
49.33 2 .25 T30 RTPr 19 .78 
36.83 41 .2 T30 RTPr 16 .93 
1.03 187 .72 T30 RTPr 0 .62 
to the angular momentum vector of the accretion disc. We averaged 
values along rays with 80 ◦ < θ < 100 ◦ to obtain mean values as a 
function of equatorial distance r eq , and did the same for rays with 
θ < 10 ◦ and θ > 170 ◦ to obtain mean values as a function of polar 
distance r pol . Although it is a fairly crude representation of the real 
3D complexity of the region, this procedure nevertheless allows us 
to distinguish between the dense gas in the accretion disc (which 
extends approximately 10 ◦ from the equatorial plane) and the much 
lower density gas in the polar regions. We also note that although we 
only show the results for the most massive member of the binary, the 
results for profiles centred on the other member will be very similar 
at radii much greater than the binary separation of 2–3 au. 

The top panels in Fig. 12 show the mean density profile in the 
equatorial and polar directions in runs T30 RTP and T30 RTPr. Since 
the sink particles are located in a flattened disc, it is unsurprising that 
we find an anisotropic density distribution surrounding them. In the 
equatorial direction, the density first falls off rapidly from a few times 
10 13 cm −3 close to the sink to around 10 12 cm −3 at r eq ∼ 10 au, but 
thereafter decreases only slowly with increasing equatorial distance. 
On the other hand, in the polar direction, the density decrease close 
to the sink is far more pronounced, with n dropping to ∼10 9 cm −3 
by the time that r pol = 20 au. 
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t=2x104yr

原始星近傍や円盤内側の構造を明らかにするのが重要



輻射入り
高解像度計算

28

Chon+24

• Gadget、EUV/FUV/IR フィードバック

• ガス雲からの星団形成計算

• IMFの金属量依存性がメインテーマだが、
一番金属度の低い計算に着目

• SPHだが電離フィードバックが効く

• 電離フィードバックをSPHで解くのは難し
いが（Susa13）高解像度により克服？

ü MSPH = 3x10-5 Msun、rsink 〜 1au

ü 質量解像度はSusa+14の約100倍

• 小質量の初代星も形成（M<0.8Msunで現
在まで生存）

• high-mass側が寡占的に成長

→ 大向さんトーク？
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Figure 4. Same as Fig. 2 but for the case with [Z/H] = −4. Panel B corresponds to the distribution at the epoch when the star formation rate (SFR) decreases 
due to the stellar feedback but the H II region does not develop at this moment. At t = 0.54 Myr (epoch C), the H II re gion be gins to e xpand around the ejected 
runa way massiv e star. The star-forming gas is completely e v aporated and the star formation is quenched at t = 0.72 Myr (epoch D). 
gas near the filament surface e v aporates due to photoheating, while 
the gas inside is compressed by the increasing ambient pressure. 
This triggers intermittent star formation that lasts until t ∼ 1.7 Myr. 
Star formation continues for an additional ∼1 Myr after epoch C 
and nearly half of the stars are formed in this late stage in terms of 
mass. 

At the early stages of epochs A and B, stars are densely packed in 
the central ∼ pc area. This high concentration causes more ef fecti ve 
feedback from massive stars than in the solar-metallicity case and 
leads to star formation being completely stopped by t ≃ 1.7 Myr. 
The powerful feedback also affects the stellar distribution in the 
later stages. After the dispersal of the filamentary cloud, dense gases 
remain in clumps spread o v er sev eral-pc re gions (epochs C and D). 
Star formation in some of these clumps produces a stellar population 
that is as extended as the initial cloud and more sparsely distributed 
than in the solar-metallicity case. 

3.1.3 extremely metal-poor case with [Z/H] =−4 
The star formation sequence, in this case, is depicted in Fig. 4 . At 
epoch A ( t = 0.06 Myr), the gas is distributed in a highly compact 
core-like structure around the centre, rather than in a filamentary 
structure as seen in the higher metallicity runs with [Z/H] ! −2. 
This is due to the higher temperature and pressure, which eliminates 
the fine structure created by the initial turbulence. Stars are born 
within a small cloud core of the central 10 −2 –10 −1 pc region. Some 
stars are then ejected due to multibody gravitational interactions, 
travelling as far as ! 1pc away from the centre. Stars in the dense 
central region quickly increase in mass, reaching ∼20–30 M ⊙ within 
the initial 0.1 Myr. After this period, star formation is hindered by 
stellar feedback. The development of an H II region is not the only 
factor that can lead to disruption of the cloud. Expansion of an 
H 2 photodissociation region (PDR) in the bipolar directions around 
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Figure 11. The face-on view of the projected density distribution around the most massive protostar at four different epochs for the solar metallicity run ([Z/H] 
= 0). The asterisks show protostars with M ∗ > 1 M ⊙. The masses of the central protostar ( M ∗) and its circumstellar disc ( M d ) are given as legends. 

Figure 12. The stellar mass distributions at the end of our simulation for different metallicities with [Z/H] = 0, −1, −2, −3, and −4 from left to right. The top, 
middle, and bottom rows show the results in runs without any stellar feedback, with stellar feedback but no photoionization feedback, and with all feedback 
effects. In the bottom panels, the dashed lines represent the fitted IMFs (equation 15 ) for the cases where stellar feedback is included. 
latter that depends on metallicity and redshift and that tends to zero 
when [Z/H] ! −2 and z < 10 (see also Section 3.3.2 ). With feedback, 
the IMF is best represented as a single power law at the high-mass 
end ( M ∗ ! 1 M ⊙) with a cutoff at the low-mass end. As the metallicity 
decreases, the slope of the power law becomes shallower, and the 
IMF becomes more top-heavy. 

We quantify the impact of metallicity on the IMF by fitting our 
IMFs with the analytic ‘tapered power-law’ form with an exponential 
cutoff, as proposed by De Marchi, Paresce & Portegies Zwart ( 2005 ): 
φ( M ∗) = φ0 M −α

∗

[
1 − exp (−

(
M ∗
m 0 

)c )]
exp (−m min 

M ∗ − M ∗
m max 

)
. 

(15) 
We fit the distributions by adjusting the three parameters, φ0 , the 
o v erall normalization, α, the slope at the high-mass end, and m 0 , the 
peak mass, while we fix the other parameters m min = 0.04 M ⊙ and 
m max = 150 M ⊙, which contribute to the cutoff in the last exponential 
term at the low- and high-mass ends, respectively. We set c = 

1.6, which determines the IMF slope at masses lower than m 0 , in 
agreement with the original Chabrier value and that can reproduce 
the distributions for all the metallicities. We first calculate α by 
fitting the distribution at M ∗ > 2 M ⊙ with a power-law function 
φ( M ∗) ∝ M −α

∗ . We then fit the IMF in the entire mass range with 
equation ( 15 ) and determine m 0 and φ0 . Table 1 summarizes the best- 
fitting values of α and m 0 . The slope at the high-mass end gradually 
changes from a log-normal ( α = 1) to a Salpeter-like value ( α = 
2.23). The fitting functions derived for α and m 0 are 
α = 2 . 3 + 0 . 33 ∗ [ Z/H ] , (16) 
log 10 m 0 = 0 . 2 + 0 . 45 ∗ [ Z/H ] , (17) 
which successfully represents the IMF variation from the primordial 
to present-day cases. The metallicity dependence of the slope α is 
similar to that found by Guszejnov et al. ( 2022 ). They performed 
cluster formation simulations resolving ∼10 au scales in the metal- 
licity range −2 ! [Z/H] ! 0 and found a power-law exponent α ≃ 
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Figure 4. Same as Fig. 2 but for the case with [Z/H] = −4. Panel B corresponds to the distribution at the epoch when the star formation rate (SFR) decreases 
due to the stellar feedback but the H II region does not develop at this moment. At t = 0.54 Myr (epoch C), the H II re gion be gins to e xpand around the ejected 
runa way massiv e star. The star-forming gas is completely e v aporated and the star formation is quenched at t = 0.72 Myr (epoch D). 
gas near the filament surface e v aporates due to photoheating, while 
the gas inside is compressed by the increasing ambient pressure. 
This triggers intermittent star formation that lasts until t ∼ 1.7 Myr. 
Star formation continues for an additional ∼1 Myr after epoch C 
and nearly half of the stars are formed in this late stage in terms of 
mass. 

At the early stages of epochs A and B, stars are densely packed in 
the central ∼ pc area. This high concentration causes more ef fecti ve 
feedback from massive stars than in the solar-metallicity case and 
leads to star formation being completely stopped by t ≃ 1.7 Myr. 
The powerful feedback also affects the stellar distribution in the 
later stages. After the dispersal of the filamentary cloud, dense gases 
remain in clumps spread o v er sev eral-pc re gions (epochs C and D). 
Star formation in some of these clumps produces a stellar population 
that is as extended as the initial cloud and more sparsely distributed 
than in the solar-metallicity case. 

3.1.3 extremely metal-poor case with [Z/H] =−4 
The star formation sequence, in this case, is depicted in Fig. 4 . At 
epoch A ( t = 0.06 Myr), the gas is distributed in a highly compact 
core-like structure around the centre, rather than in a filamentary 
structure as seen in the higher metallicity runs with [Z/H] ! −2. 
This is due to the higher temperature and pressure, which eliminates 
the fine structure created by the initial turbulence. Stars are born 
within a small cloud core of the central 10 −2 –10 −1 pc region. Some 
stars are then ejected due to multibody gravitational interactions, 
travelling as far as ! 1pc away from the centre. Stars in the dense 
central region quickly increase in mass, reaching ∼20–30 M ⊙ within 
the initial 0.1 Myr. After this period, star formation is hindered by 
stellar feedback. The development of an H II region is not the only 
factor that can lead to disruption of the cloud. Expansion of an 
H 2 photodissociation region (PDR) in the bipolar directions around 
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Figure 11. The face-on view of the projected density distribution around the most massive protostar at four different epochs for the solar metallicity run ([Z/H] 
= 0). The asterisks show protostars with M ∗ > 1 M ⊙. The masses of the central protostar ( M ∗) and its circumstellar disc ( M d ) are given as legends. 

Figure 12. The stellar mass distributions at the end of our simulation for different metallicities with [Z/H] = 0, −1, −2, −3, and −4 from left to right. The top, 
middle, and bottom rows show the results in runs without any stellar feedback, with stellar feedback but no photoionization feedback, and with all feedback 
effects. In the bottom panels, the dashed lines represent the fitted IMFs (equation 15 ) for the cases where stellar feedback is included. 
latter that depends on metallicity and redshift and that tends to zero 
when [Z/H] ! −2 and z < 10 (see also Section 3.3.2 ). With feedback, 
the IMF is best represented as a single power law at the high-mass 
end ( M ∗ ! 1 M ⊙) with a cutoff at the low-mass end. As the metallicity 
decreases, the slope of the power law becomes shallower, and the 
IMF becomes more top-heavy. 

We quantify the impact of metallicity on the IMF by fitting our 
IMFs with the analytic ‘tapered power-law’ form with an exponential 
cutoff, as proposed by De Marchi, Paresce & Portegies Zwart ( 2005 ): 
φ( M ∗) = φ0 M −α

∗

[
1 − exp (−

(
M ∗
m 0 

)c )]
exp (−m min 

M ∗ − M ∗
m max 

)
. 

(15) 
We fit the distributions by adjusting the three parameters, φ0 , the 
o v erall normalization, α, the slope at the high-mass end, and m 0 , the 
peak mass, while we fix the other parameters m min = 0.04 M ⊙ and 
m max = 150 M ⊙, which contribute to the cutoff in the last exponential 
term at the low- and high-mass ends, respectively. We set c = 

1.6, which determines the IMF slope at masses lower than m 0 , in 
agreement with the original Chabrier value and that can reproduce 
the distributions for all the metallicities. We first calculate α by 
fitting the distribution at M ∗ > 2 M ⊙ with a power-law function 
φ( M ∗) ∝ M −α

∗ . We then fit the IMF in the entire mass range with 
equation ( 15 ) and determine m 0 and φ0 . Table 1 summarizes the best- 
fitting values of α and m 0 . The slope at the high-mass end gradually 
changes from a log-normal ( α = 1) to a Salpeter-like value ( α = 
2.23). The fitting functions derived for α and m 0 are 
α = 2 . 3 + 0 . 33 ∗ [ Z/H ] , (16) 
log 10 m 0 = 0 . 2 + 0 . 45 ∗ [ Z/H ] , (17) 
which successfully represents the IMF variation from the primordial 
to present-day cases. The metallicity dependence of the slope α is 
similar to that found by Guszejnov et al. ( 2022 ). They performed 
cluster formation simulations resolving ∼10 au scales in the metal- 
licity range −2 ! [Z/H] ! 0 and found a power-law exponent α ≃ 
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Figure 4. Same as Fig. 2 but for the case with [Z/H] = −4. Panel B corresponds to the distribution at the epoch when the star formation rate (SFR) decreases 
due to the stellar feedback but the H II region does not develop at this moment. At t = 0.54 Myr (epoch C), the H II re gion be gins to e xpand around the ejected 
runa way massiv e star. The star-forming gas is completely e v aporated and the star formation is quenched at t = 0.72 Myr (epoch D). 
gas near the filament surface e v aporates due to photoheating, while 
the gas inside is compressed by the increasing ambient pressure. 
This triggers intermittent star formation that lasts until t ∼ 1.7 Myr. 
Star formation continues for an additional ∼1 Myr after epoch C 
and nearly half of the stars are formed in this late stage in terms of 
mass. 

At the early stages of epochs A and B, stars are densely packed in 
the central ∼ pc area. This high concentration causes more ef fecti ve 
feedback from massive stars than in the solar-metallicity case and 
leads to star formation being completely stopped by t ≃ 1.7 Myr. 
The powerful feedback also affects the stellar distribution in the 
later stages. After the dispersal of the filamentary cloud, dense gases 
remain in clumps spread o v er sev eral-pc re gions (epochs C and D). 
Star formation in some of these clumps produces a stellar population 
that is as extended as the initial cloud and more sparsely distributed 
than in the solar-metallicity case. 

3.1.3 extremely metal-poor case with [Z/H] =−4 
The star formation sequence, in this case, is depicted in Fig. 4 . At 
epoch A ( t = 0.06 Myr), the gas is distributed in a highly compact 
core-like structure around the centre, rather than in a filamentary 
structure as seen in the higher metallicity runs with [Z/H] ! −2. 
This is due to the higher temperature and pressure, which eliminates 
the fine structure created by the initial turbulence. Stars are born 
within a small cloud core of the central 10 −2 –10 −1 pc region. Some 
stars are then ejected due to multibody gravitational interactions, 
travelling as far as ! 1pc away from the centre. Stars in the dense 
central region quickly increase in mass, reaching ∼20–30 M ⊙ within 
the initial 0.1 Myr. After this period, star formation is hindered by 
stellar feedback. The development of an H II region is not the only 
factor that can lead to disruption of the cloud. Expansion of an 
H 2 photodissociation region (PDR) in the bipolar directions around 
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Figure 3. Predicted growth of the magnetic field in a minihalo of total mass
3 × 105 M⊙ at z = 25 under the assumption that the initial field is zero.
We have assumed that the turbulent velocity is half the virial velocity (φt =
0.5) and that T = 103 K. The initial Biermann battery due to curved shocks
on the scale of the minihalo generates a field of about 2 × 10−19 G. As
turbulence cascades to smaller scales, the field generated by the Biermann
battery increases to ∼10−16 G. A small-scale dynamo amplifies this field to
about 3 × 10−8 G during the kinematic stage. Because the growth rate of the
dynamo is so large in this stage, the density is about constant in time. The
non-linear dynamo is much slower, so the baryons are compressed by a factor
of ∼4000 during this stage as they collapse due to the combined gravity of the
dark matter and the baryons. In this stage, the field grows to about 5 × 10−5 G.
The dynamo amplifies the field by only a factor of ∼7 in the non-linear stage;
most of the growth of the field is due to compression. The non-linear stage
ends when the field reaches equipartition with the turbulence, with vt ≃ 2 km
s−1. Subsequently, the field remains in approximate equipartition with the
turbulence.

cascade. We show that the Biermann field is amplified rapidly in the
kinematic stage of a small-scale dynamo, so that the density in this
stage is approximately equal to the initial value. In the non-linear
phase of evolution of the dynamo, the field is amplified primarily
by the compression due to the gravitational collapse that leads to
star formation. This compression drives the field to equipartition,
and it remains approximately in equipartition until non-ideal MHD
effects take over. An overview of the predicted evolution of the field
is shown in Fig. 3.

3.1 The initial field

As discussed in the Introduction, processes in the very early Universe
might create comoving fields in the range Bc ∼ 10−15 to 10−12 G,
but these processes are hypothetical. The Biermann battery process
prior to reionization produces much weaker fields, B ∼ 10−25 to

10−24 G, in the IGM (Naoz & Narayan 2013) or B ∼ 10−19 G in
protogalaxies (Biermann & Schlüter 1951); the comoving fields are
smaller by a factor of a2 = 1/(1 + z)2. However, these fields are
based on well-established physics, so we focus on them here.

The field produced by the Biermann battery in a minihalo or a
galaxy in the process of formation is due to the oblique shocks
(Pudritz & Silk 1989) associated with the formation of these
objects. As discussed in Section 2.4, the magnitude of this field
is 1.29 × 10−4ω, where ω is the vorticity. We estimate the vorticity
on the outer scale of the turbulence as ω ∼ vvir/rvir, where rvir =
(3Mm/4πρmh)1/3 and vvir = (GMm/rvir)1/2 are the virial radius and
velocity, respectively, where Mm is the mass of all the matter in the
halo, including the dark matter, and where ρmh is the average matter
density in the minihalo. It follows that

ω ∼ vvir

rvir
=

(
4πGρmh

3

)1/2

, (55)

where for a simple tophat model of the formation of the minihalo,
ρmh is approximately 18π2 times the ambient density in the Hubble
flow at that time (e.g. Barkana & Loeb 2001),

ρmh = 27πH 2
0 %m

4G

(
1 + z

26

)3

. (56)

Here, we have normalized to a redshift of 25, since that is a
typical redshift at which a minihalo collapses (Greif et al. 2012;
Stacy et al., in preparation). For simplicity, we henceforth make the
approximation 1 + z ≃ 26z25, where z25 = z/25, which is accurate
to within 1 per cent for 20 < z < 33 and accurate to 4 per cent
for z > 12. Following Stacy et al. (in preparation), we set H0 =
70 km s−1 Mpc−1, %m = 0.30, and %b = 0.04. It follows that the
matter density in the minihalo is ρmh = 8.62 × 10−24z3

25 g cm−3,
so that ω ∼ 1.5 × 10−15z

3/2
25 s−1 and B ∼ 2.0 × 10−19z

3/2
25 G at the

outer scale of the turbulence. At z ∼ 25, this field is almost exactly
as Biermann & Schlüter (1951) estimated.

As discussed in Section 2.4, the turbulent cascade increases the
vorticity, and therefore the field, on smaller scales. To evaluate
the final Biermann field, which occurs on the viscous scale where
the vorticity is a maximum (ω ≃ &ν), and the properties of the
subsequent dynamo, we assume that the turbulence is governed
by the properties of the minihalo. We then have for the outer
scale of the turbulence in the minihalo r ≃ rvir = 123M

1/3
m,6/z25 pc,

where Mm,6 = Mm/(106 M⊙) (cf. Barkana & Loeb 2001). The virial
velocity is vvir = 5.9M

1/3
m,6z

1/2
25 km s−1. Simulations indicate that the

turbulent velocity is somewhat less than this; for example, the results
of Greif et al. (2012) show that vt ≃ 2 km s−1 to within a factor of
1.5 in the range r ∼ 5–50 pc for Mm ≃ 3 × 105 M⊙, corresponding
to vt ≃ 0.5vvir, and a similar result was obtained by Stacy et al. (in
preparation). We therefore set

vt = φtvvir (57)

and adopt φt = 0.5 as a fiducial value. The density of hydrogen
in the minihalo corresponding to the matter density ρmh is nH =
(%b/%m)ρmh/µH = 0.52z3

25 cm−3, where µH = 2.23 × 10−24 g is the
mass per H atom. Equation (38) then implies that the final Biermann
field is

B0 = 3.0 × 10−16

(
φ

3/2
t M

1/3
m,6z

11/4
25

T 0.42
3

)
G. (58)

For a minihalo with Mm = 3 × 105 M⊙ at z = 25, this gives B0 ≃
7 × 10−17 G (with φt = 0.5 and T3 = 1).

MNRAS 496, 5528–5551 (2020)
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• 多くの研究で初代星形成時の磁場は弱い
と仮定されていた (but, e.g., Machida+06,08)

• この論文で解析的に磁場が重要と主張

• ビアマン機構で生成した非常に弱い種磁場
(10-16G) は、乱流ダイナモにより急激に増幅
してエネルギー等分配に達する

• この論文のせいかは不明だが、初代星磁場
のシミュレーションが流行

初代星と磁場

ガス流⼊

衝撃波

乱流
磁場

乱流

ミニハロー

ビアマン機構で種磁場生成
乱流ダイナモで磁場増幅
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重力収縮期の磁場増幅

ダイナモによる磁場の増幅は多くのグループが確認
増幅の結果どんな磁場構造になるかは不確か
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Figure 5. The same as Fig. 3 , but for the turbulent cases. In the super- 
Alfv ́enic cases with B init = 10 −9 G (purple), 10 −8 G (red), and 10 −7 G 
(green), the magnetic fields are amplified rapidly by the kinematic dynamo 
in the early stage; in the trans-Alfv ́enic case with B init = 10 −6 G (orange) 
the magnetic field is amplified slowly by the non-linear dynamo from the 
beginning; and in the sub-Alfv ́enic case with B init = 10 −5 G (blue), the 
dynamo amplification is not observed. 

The non-linear stage of the turbulent dynamo ends when the field 
reaches equipartition on the largest turbulent-driving scale ( ∼k J ), 
corresponding to when E mag ∼ E turb in the core-averaged sense is 
achieved. In the case of B init = 10 −7 G, we see that this occurs at n c ∼
10 12 cm −3 (Fig. 6 b). After that, the magnetic field is amplified only by 
the global gravitational compression, resulting in a generation of the 
coherent field on the Jeans scale, as we can see in Fig. 4 that the field 
lines roughly align each other at the protostar formation in the case of 
B init = 10 −7 G. Once a strong coherent field is established, it begins 
to suppress turbulent motion, so that the turbulent energy in Fig. 6 (b) 
becomes lower than the magnetic field energy ( n c > 10 12 cm −3 ). 
Consistently, the field energy on the Jeans scale exceeds the turbulent 
energy, i.e. E k, mag ( k J ) > E k, turb ( k J ) in Fig. 8 (top). Since E mag , E turb , 
and E th are all in the same order of magnitude during this epoch 
(Fig. 6 b), B , B eq , and B cr are also in the same order of magnitude (see 
equations 4 and 17 ), indicating that the saturated magnetic field has 
a potential to affect the gas dynamics. In the case of B init = 10 −8 G, 
the non-linear stage ends at n c ∼ 10 18 cm −3 (Fig. 6 a), which is too 
late for the gravitational compression to generate a coherent field 
before the protostar formation. As a result, the field configuration 
at the protostar formation is more random compared to the case of 
B init = 10 −7 G (Fig. 4 , bottom and second from the bottom). 

Ne xt, let us e xamine the trans-Alfv ́enic case ( B init = 10 −6 G). 
As seen from Fig. 7 c, the magnetic energy is comparable to the 
turbulent energy on the smallest scale k ∼ 30 k J from the begin- 
ning, suggesting that the turbulence is affected by the field back- 
reaction especially on the small scales. Therefore, the range of 
equipartition with the turbulence extends to a larger scale (Fig. 8 , 
middle), and the core-averaged field increases as B ∝ n 2 / 3 c mainly 
due to the global compression (Figs 5 and 6 c). The field reaches 
equipartition on the Jeans scale at n c ∼ 10 11 cm −3 (Fig. 8 , middle). 
Thereafter, the field structure becomes coherent (as seen in Fig. 4 ) 
and the field energy exceeds the turbulent energy on the Jeans scale 
(middle panel of Fig. 8 ), with the turbulent motion damped by the 
coherent field. Similarly, the core-averaged magnetic energy ex- 
ceeds the core-averaged turbulent energy after reaching equipartition 
(Fig. 6 c). 

Finally, in the sub-Alfv ́enic case ( B init = 10 −5 G, Fig. 6 d), the 
magnetic force quickly suppresses the turbulence, as the former has 
higher energy than the latter from the beginning. The turbulence 
suppression is particularly pronounced on smaller scales (Fig. 7 d, 
blue). After the disappearance of the turbulence, the field evolution 
is similar to the pure rotation cases (see Figs 3 and 5 ). 

We have seen that a strong magnetic field can be generated by the 
turbulent dynamo even from a weak initial field. Whether the field 
affects the gas dynamics, however, depends on the field strength on 
a large scale. For example, in the cases of B init = 10 −7 and 10 −6 G 
(Fig. 4 , second and third columns), we can see ordered structures 
created perpendicular to the coherent field lines, suggesting that the 
gas inflows are significantly affected, particularly in later phases. By 
contrast, in the case of B init = 10 −8 G (Fig. 4 , first column), where no 
coherent magnetic field is created during the collapse, the magnetic 
field has essentially no effect on the cloud structure. These results 
suggest that a strong large-scale field needs to be generated in order 
to affect the gas dynamics. 

Our results also show that launching MHD outflows needs a strong 
coherent field. In the case of B init = 10 −6 G, outflows are launched 
by the coherent magnetic field in the pure rotation case (Fig. 1 , 
third column) but not by the turbulent magnetic field (Fig. 4 , third 
column), even though the core-averaged magnetic field strength at 
the protostar formation is larger in the latter case than in the former. 
In the case of B init = 10 −5 G, the cloud collapse in the pure rotation 
and turbulent case proceeds in a very similar way, as the magnetic 
field is so strong that its force quickly erases the turbulence in the 
latter case. Therefore, outflows are launched by the strong coherent 
magnetic field even in the turbulent case in the same manner as in the 
pure rotation case. The condition for MHD outflow launching seen 
in our simulations is in agreement with Gerrard et al. ( 2019 ), who 
performed MHD simulations for the present-day star formation and 
found that a considerable initial uniform field component is required 
for the outflow launching. 
4.3 Effect of ambipolar diffusion 
We have included ambipolar diffusion ( AD ) of magnetic field as a 
dissipation mechanism in our simulations. Here, to examine the AD 
effects on the cloud evolution, we first see the evolution of the AD 
resistivity with collapse, and then we compare simulations with and 
without AD . 

In this section, we will focus on the turbulent cases, in which the 
AD effects tend to be stronger than in the pure rotation cases, as 
e xplained below. To be gin with, the AD resistivity ηAD (equation 12 ) 
can be approximated as 
ηAD ≃ 1 

4 πµi , n 
(

B 
n H 

)2 (
⟨ σv⟩ i , n y(n)y(e) )−1 

, (20) 
by considering only the contribution of the main charged species i 
and neutral species n (Nakauchi et al. 2019 ). Then, keeping only 
the B dependence of ηAD ( ∝ B 2 ), we can show that the AD heating 
rate $ AD [erg / g / s] has the dependence of ∝ B 4 l −2 , with the field 
scale length l . As the AD heating is the process that transforms the 
magnetic energy to the thermal energy, the AD heating rate is related 
to the dissipation time-scale: 
t diff = E mag 

$ AD = B 2 
8 πρ$ AD , (21) 

which has the dependence of ∝ B −2 l 2 . These dependencies imply 
that the AD heating, as well as the AD dissipation, is ef fecti ve if the 
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Figure 4. The same as Fig. 1 , but for the turbulent cases. 
dashed lines represent the cases with and without AD , respectively, 
and the differences between them will be discussed in Section 4.3 . 
Next, in Fig. 7 , we plot the evolution of the magnetic and turbulent 
energy density on the smallest scale in our simulations, i.e. k = 30 k J , 
as in Fig. 6 . We chose 30 k J from the observation that the power 
spectra of E k, mag and E k, turb decay rapidly below this scale due to the 
numerical dissipation. Finally, we show the evolution of the ratio of 
the magnetic to turbulent energy spectra E k, mag / E k, turb as a function 
of the normalized wavenumber k / k J in Fig. 8 . The top, middle, and 
bottom panels show the cases of B init = 10 −7 G, 10 −6 G, and 10 −5 G, 
respectively. The colours correspond to the epochs labelled by the 
central density n c . From now on, with Figs 6 , 7 , and 8 , we carefully 
examine the magnetic field amplification in the super-, trans-, and 
sub-Alfv ́enic cases in this order. 

First, in the super-Alfv ́enic cases ( B init = 10 −8 and 10 −7 G), having 
smaller energy compared with the turbulence, the magnetic fields on 
each scale, especially on the smaller scales, rapidly grow with the 
eddy turno v er time-scale t eddy ( k ) by the kinematic dynamo (Figs 7 a 
and b). As a result, the amplification of the core-averaged magnetic 
energy (red line in Figs 6 a and b) exceeds that by the spherical 
compression, i.e. E mag ∝ B 2 /n c ∝ n 1 / 3 c . Note that the collapse pro- 

ceeds in a roughly spherical fashion (see Fig. 4 , left two columns). 
As expected for the kinematic dynamo (Section 2 ), the magnetic 
energy on the smaller scale E k, mag ( k) approaches the turbulent energy 
E k, turb ( k) faster in the evolution (Fig. 8 , top). 

The kinematic stage comes to an end and the non-linear stage 
begins when the magnetic field energy becomes comparable to 
the turbulence energy on the smallest scale in the simulations, 
i.e. E k, mag (30 k J ) ∼ E k, turb (30 k J ). From Fig. 7 , we can clearly iden- 
tify the transition occurring at n c ∼ 10 12 cm −3 for the case of 
B init = 10 −8 G (Fig. 7 a) and at n c ∼ 10 9 cm −3 for the case of 
B init = 10 −7 G (Fig. 7 b), respectively. After entering the non- 
linear stage, the dynamo amplification on the small scales where 
the equipartition is achieved, is hindered by the back-reaction of 
magnetic forces, while on the larger scales where the equipartition 
has not been reached yet, the magnetic field continues to grow 
rapidly without back-reaction effect (Fig. 8 , top). Accordingly, the 
range of equipartition extends towards a larger scale (Fig. 8 , top). 
During the non-linear stage, the core-averaged field energy grows 
only linearly with time ( E mag ∝ t) by the non-linear dynamo, and 
thus the amplification is dominated by the global compression, i.e. 
E mag ∝ n 1 / 3 c . 
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Figure 4. The same as Fig. 1 , but for the turbulent cases. 
dashed lines represent the cases with and without AD , respectively, 
and the differences between them will be discussed in Section 4.3 . 
Next, in Fig. 7 , we plot the evolution of the magnetic and turbulent 
energy density on the smallest scale in our simulations, i.e. k = 30 k J , 
as in Fig. 6 . We chose 30 k J from the observation that the power 
spectra of E k, mag and E k, turb decay rapidly below this scale due to the 
numerical dissipation. Finally, we show the evolution of the ratio of 
the magnetic to turbulent energy spectra E k, mag / E k, turb as a function 
of the normalized wavenumber k / k J in Fig. 8 . The top, middle, and 
bottom panels show the cases of B init = 10 −7 G, 10 −6 G, and 10 −5 G, 
respectively. The colours correspond to the epochs labelled by the 
central density n c . From now on, with Figs 6 , 7 , and 8 , we carefully 
examine the magnetic field amplification in the super-, trans-, and 
sub-Alfv ́enic cases in this order. 

First, in the super-Alfv ́enic cases ( B init = 10 −8 and 10 −7 G), having 
smaller energy compared with the turbulence, the magnetic fields on 
each scale, especially on the smaller scales, rapidly grow with the 
eddy turno v er time-scale t eddy ( k ) by the kinematic dynamo (Figs 7 a 
and b). As a result, the amplification of the core-averaged magnetic 
energy (red line in Figs 6 a and b) exceeds that by the spherical 
compression, i.e. E mag ∝ B 2 /n c ∝ n 1 / 3 c . Note that the collapse pro- 

ceeds in a roughly spherical fashion (see Fig. 4 , left two columns). 
As expected for the kinematic dynamo (Section 2 ), the magnetic 
energy on the smaller scale E k, mag ( k) approaches the turbulent energy 
E k, turb ( k) faster in the evolution (Fig. 8 , top). 

The kinematic stage comes to an end and the non-linear stage 
begins when the magnetic field energy becomes comparable to 
the turbulence energy on the smallest scale in the simulations, 
i.e. E k, mag (30 k J ) ∼ E k, turb (30 k J ). From Fig. 7 , we can clearly iden- 
tify the transition occurring at n c ∼ 10 12 cm −3 for the case of 
B init = 10 −8 G (Fig. 7 a) and at n c ∼ 10 9 cm −3 for the case of 
B init = 10 −7 G (Fig. 7 b), respectively. After entering the non- 
linear stage, the dynamo amplification on the small scales where 
the equipartition is achieved, is hindered by the back-reaction of 
magnetic forces, while on the larger scales where the equipartition 
has not been reached yet, the magnetic field continues to grow 
rapidly without back-reaction effect (Fig. 8 , top). Accordingly, the 
range of equipartition extends towards a larger scale (Fig. 8 , top). 
During the non-linear stage, the core-averaged field energy grows 
only linearly with time ( E mag ∝ t) by the non-linear dynamo, and 
thus the amplification is dominated by the global compression, i.e. 
E mag ∝ n 1 / 3 c . 
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Figure 4. The same as Fig. 1 , but for the turbulent cases. 
dashed lines represent the cases with and without AD , respectively, 
and the differences between them will be discussed in Section 4.3 . 
Next, in Fig. 7 , we plot the evolution of the magnetic and turbulent 
energy density on the smallest scale in our simulations, i.e. k = 30 k J , 
as in Fig. 6 . We chose 30 k J from the observation that the power 
spectra of E k, mag and E k, turb decay rapidly below this scale due to the 
numerical dissipation. Finally, we show the evolution of the ratio of 
the magnetic to turbulent energy spectra E k, mag / E k, turb as a function 
of the normalized wavenumber k / k J in Fig. 8 . The top, middle, and 
bottom panels show the cases of B init = 10 −7 G, 10 −6 G, and 10 −5 G, 
respectively. The colours correspond to the epochs labelled by the 
central density n c . From now on, with Figs 6 , 7 , and 8 , we carefully 
examine the magnetic field amplification in the super-, trans-, and 
sub-Alfv ́enic cases in this order. 

First, in the super-Alfv ́enic cases ( B init = 10 −8 and 10 −7 G), having 
smaller energy compared with the turbulence, the magnetic fields on 
each scale, especially on the smaller scales, rapidly grow with the 
eddy turno v er time-scale t eddy ( k ) by the kinematic dynamo (Figs 7 a 
and b). As a result, the amplification of the core-averaged magnetic 
energy (red line in Figs 6 a and b) exceeds that by the spherical 
compression, i.e. E mag ∝ B 2 /n c ∝ n 1 / 3 c . Note that the collapse pro- 

ceeds in a roughly spherical fashion (see Fig. 4 , left two columns). 
As expected for the kinematic dynamo (Section 2 ), the magnetic 
energy on the smaller scale E k, mag ( k) approaches the turbulent energy 
E k, turb ( k) faster in the evolution (Fig. 8 , top). 

The kinematic stage comes to an end and the non-linear stage 
begins when the magnetic field energy becomes comparable to 
the turbulence energy on the smallest scale in the simulations, 
i.e. E k, mag (30 k J ) ∼ E k, turb (30 k J ). From Fig. 7 , we can clearly iden- 
tify the transition occurring at n c ∼ 10 12 cm −3 for the case of 
B init = 10 −8 G (Fig. 7 a) and at n c ∼ 10 9 cm −3 for the case of 
B init = 10 −7 G (Fig. 7 b), respectively. After entering the non- 
linear stage, the dynamo amplification on the small scales where 
the equipartition is achieved, is hindered by the back-reaction of 
magnetic forces, while on the larger scales where the equipartition 
has not been reached yet, the magnetic field continues to grow 
rapidly without back-reaction effect (Fig. 8 , top). Accordingly, the 
range of equipartition extends towards a larger scale (Fig. 8 , top). 
During the non-linear stage, the core-averaged field energy grows 
only linearly with time ( E mag ∝ t) by the non-linear dynamo, and 
thus the amplification is dominated by the global compression, i.e. 
E mag ∝ n 1 / 3 c . 
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• 乱流ダイナモによって磁場が増幅しsaturation

• saturation後に磁場は徐々に揃う

← Higashi+24のポリトロープ高解像度計算ではそのような様子は見られず

• 両極性拡散による加熱が効くという解析的予想（Schleicher+09）を否定
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Figure 5. Density projections for the highest resolution (dsink = 10�8 g cm�3) runs, comparing the non-MHD (top) and :3/2 magnetic field (bottom) scenarios.
Sink particles are shown as blue dots.

6 COMPARISON WITH PREVIOUS STUDIES

Machida et al. (2008b) produced jets in set-ups where the initial mag-
netic field was dominant over rotation (W0 > V0) above a threshold
magnetic field strength of 10�9 G at 10�21 g cm�3. They did not
report the evolution of magnetic field strengths at di�erent central
densities, so we can not compare the field strength at our starting
density of 10�13 g cm�3. Initial solid-body rotation was also not
included in our initial conditions, but from our turbulent velocity
field we calculate that the ratio of total magnetic energy to rotational
kinetic energy is ⇠ 2 when we introduce the field to the cropped box,
making our model magnetically dominated. Despite this, there is no
evidence for jet launching in our simulations. This is due to our use
of a realistic %(:) / :3/2 magnetic field power spectrum, which re-
sults in misaligned field vectors and hence the misaligned directional
force of magnetic tensions. Also, our inclusion of a turbulent velocity
field promotes fragmentation of the disc, di�erentiating the set-up
from the idealised rotating cloud used in Machida et al. (2008b) and
Machida & Doi (2013).

Sharda et al. (2020) used a %(:) / :3/2 power spectrum, finding
suppressed fragmentation and a reduction in the number of first stars
with masses low enough that they might be expected to survive to the
present-day. The magnetic field strengths at their maximum density
of 10�11 g cm�3 are similar to ours at the same density (1-10 G).
However, they introduce their fields at a much lower density and
hence poorer mesh resolution, and only populate the magnetic field
with 20 modes throughout the 2.4 pc box. This raises concerns that

the :3/2 spectrum could be under-sampled, possibly allowing the
magnetic field to be artificially uniform within the collapsing region.
To demonstrate this, we repeat the initial stage of collapse described
in Section 3.1 with an initial %(:) / :3/2 magnetic field consisting
of 20 modes, scaled to ⇢B/⇢KE = 0.1 to replicate the strong field
case in Sharda et al. (2020), giving an rms field strength of 1.01
`G. We repeat the simulation with a ratio of 1 to compare with the
method from this paper, giving a field strength of 3.18 `G. We allow
the gas to collapse to the point where our non-magnetised box was
cropped and our magnetic field was interpolated onto the A����
cells. Figure 11 compares the gas structure and power spectra of
the fields at that point within the central 0.032pc cropped box. Our
freshly introduced field is roughly %(:) / :3/2 while the evolved
fields have almost flat power spectra, indicating equal energies on all
scales, which is not predicted by Kazantsev theory. The top panels
of Figure 11 compare the gas structure of our magnetised initial
conditions with the ⇢B/⇢KE=1 simulation described above. The lack
of significant di�erence in the structure supports our assumption that
the field does not a�ect the collapse of the gas significantly before the
point where we introduce our magnetic field. We attribute the lack of
magnetic support in our study compared to Sharda et al. (2020) to our
improved method of sampling the tangled %(:) / :3/2 spectrum,
along with our increased maximum densities and spatial resolution
allowing fragmentation on smaller Jeans scales.

MNRAS 000, 1–12 (2015)
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Stacy+22

Sadanari+24

• 分裂への影響は小さい

• 分裂回数を抑制

• 合体のため原始星数
への影響は小さい

• アウトフローは弱い

分裂への磁場の影響

磁場がどのくらい影響するか
グループ毎に結果が異なる

Prole+21

• 分裂が完全に抑制されて単独星形成

初期磁場の不定性が原因か？

MHD

hydro

Publications of the Astronomical Society of Japan, (2018), Vol. 00, No. 0 17

jets observed in MHD simulations around an accretion disk

around BH (e.g., Kato et al. 2004) which can be driven by

various field structures. In addition, both jets exhibit a

unipolar type. This result is consistent with findings from

previous MHD simulations, indicating that unipolar out-

flows are likely to occur when the initial magnetic fields

energy is weaker than the turbulent energy (e.g., Mignon-

Risse et al. 2021; Takaishi et al. 2024).

In the case of Binit = 5⇥ 10�7 G, the protostellar jet

appears from the primary protostar. Figure 12 shows the

temporal evolution of the edge-on slice of the density struc-

ture (left column) and velocity field (right column) from

the birth to extinction of the protostar jet. In the veloc-

ity map, the outflowing and inflowing region are depicted

as red and blue, respectively. From this figure, we can

observe that the jet begins to emerge from one side at

around tp ' 300 yr (second panel of figure 12). Although

the jet maintains its collimation and continues to extend

outward, its strength begins to decrease after about 720 yr.

This weakening is attributed to the high ram pressure re-

sulting from high accretion rates. As a consequence, the

jet eventually halts around 860 yr (bottom panel of figure

12), causing the blown gas to fall back toward the proto-

star. This phenomenon resembles the so-called ’failed out-

flows’ observed in simulations of high-mass star formation

within present-day environments (e.g., Matsushita et al.

2017; Machida & Hosokawa 2020). Consequently, the lifes-

pan of the jet is very brief and its impact on gas ejection

is minor. While some gas may be entrained by the recur-

rent generation and dissipation of the jet, no substantial

contribution towards disk fragmentation was observed.

In the weaker field case of Binit =10�7 G, a protostellar

jet is observed only from the protostar presented in figure

6. This protostar forms as a result of the fragmentation of

a spiral arm within the circum-multiple disk, as previously

mentioned. Due to the combined e↵ects of disk rotation

and compression of the arm, the magnetic fields surround-

ing the protostar become intensified and coherent. Such

a magnetic field configuration facilitates the generation of

strong toroidal fields through its rotation, resulting in the

initiation of the protostellar jet (figure 11). However, sim-

ilar to the case of Binit =5⇥10�7 G, the lifespan of the jet

is relatively short, and its impact on mass ejection remains

small. Note that numerical simulations of the present-

day star formation (e.g., Federrath et al. 2014b; Federrath

2015) have suggested that protostellar jets can influence

the star formation rate and the IMF by driving turbulence

within the parent gas cloud. Therefore, after longer term

evolution, these jets may a↵ect the properties of first stars.

Fig. 13. Time evolution of the cumulative number of fragments (top) and the
number of surviving protostars (bottom) for four different cases: Binit =0G,
10�8 G, 10�7 G, and 5⇥ 10�7 G.

3.4 The properties of multiple systems

Based on our analysis presented above, we confirm that

both magnetic pressure and magnetic torques play signif-

icant roles in suppressing disk fragmentation. To quan-

titatively see the impact of magnetic e↵ects on the frag-

mentation, we plot the time evolution of the cumulative

number of fragmentation events Nfrag in the top panel of

figure 13. This figure clearly shows a trend of decreasing

Nfrag with stronger magnetization within the disk region.

In particular, we observe a notable decrease in Nfrag in the

case of Binit = 5⇥ 10�7 G compared to less magnetized

cases (Binit  10�7 G). While variations in Nfrag among

simulations runs may stem from diverse realizations of the

initial turbulence (e.g., Sharda et al. 2020), our detailed

examination in section 3.3 conclusively verifies that this

di↵erence primarily originates from magnetic field e↵ects.

Interestingly, in the weakly magnetized case with

Binit = 10�8 G (violet line), we observe that Nfrag exceeds

that of the unmagnetized case (Binit = 0, black line). This

could be partly due to di↵erent realizations of turbulence,

but it could also be attributed to the so-called magneto-

Jeans instability, by which weak toroidal fields render spi-

5054 A. Stacy et al. 

MNRAS 511, 5042–5069 (2022) 

Figure 18. Left: Number of surviving sinks in the minihalo o v er time. Blue line represents the evolution without inclusion of magnetic fields. Black line depicts 
the result when magnetic fields are included. The dotted line shows the number of surviving sinks o v er time within the same halo in a previous GADGET-2 
simulation (Stacy et al. 2016 ). A rapid rise in sink number o v er time after ∼1000 yr is apparent in both the 2016 GADGET-2 and hydrodynamic ORION2 runs. 
Right: Rate of mass accretion on to sink system o v er time. The accretion rate on to the sink system of the hydro case is generally larger than the accretion rate 
on to the single sink of the MHD case because there are more accretion sites. 

Figure 19. Slice of density through the most massive sink particle in the minihalo, shown at 0, 1000, and 2000 yr after the initial sink formation. Top row is the 
MHD simulation. Bottom row is the hydro simulation. Circles denote the location of sink particles. Box size is 5000 au. The MHD run has only one surviving 
sink particles and a less smooth density structure compared the hydro run, in which several sinks form. 
of the field as 
! = C ! ! ν = C ! (v L 

L 
)

Re 1 / 2 , (23) 
where C ! is a constant to be determined. In the numerical example 
they w ork ed out, Kulsrud & Anderson ( 1992 ) estimated C ! = 4 π . 
Schober et al. ( 2012a ) solved the Kazantsev ( 1968 ) equation and 
found C ! = 37 / 36 ≃ 1 for Kolmogorov turbulence. The result ! = 
! ν for Re, P m ≫ 1 has generally been adopted in subsequent work 
(e.g. Xu & Lazarian 2016 ). During the operation of a dynamo, the 
field gets folded on smaller and smaller scales. When the smallest 

scale reaches the resistive scale (middle panel in fig. 1 in Paper I), the 
growth rate of the field is reduced by a factor 3/8 (Kulsrud & Ander- 
son 1992 ; Schekochihin et al. 2002a ), so C ! ≃ 3 / 8. Xu & Lazarian 
( 2016 ) suggested that this applies throughout the kinematic stage 
for P m ∼ 1. On the other hand, the results of numerical simulations 
(Haugen et al. 2004 ; Federrath et al. 2011a , b ) are consistent with 
C ! ≪ 1, presumably because of the greater importance of dissipation 
at the moderate values of the magnetic Prandtl number in simulations, 
P m ∼ 1 (see Appendix E). 

The dynamo during star formation occurs in a contracting medium. 
In order to treat a dynamo in a time dependent background, the 
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超大質量星形成
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• 特殊な環境下では、始原ガス雲から超大質量星（M〜105Msun）

が形成すると考えられている

→ 超新星を経ずに直接重力崩壊して超巨大BHの種に

→ 場合によっては超新星爆発も起こる？

• 最近もいろいろ研究が進められているが、時間の都合により今
回は紹介しない

→ 喜友名さん、藤林さん、梅田さんトーク

Omukai+01, Brom&Loeb03, KS+14, Wise+19, Chon&Omukai20, Woods+21,23, Latif+22, Kiyuna+23,24, 
Chiaki+23, Reinoso+23, Regan23, Patrick+23, Toyouchi+23, Prole24a,b, Regan&Volonteri24, Ventura+24



ONE MORE TOPIC:
FIRST STARS IN FIRST GALAXY 
SIMULATIONS
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First-galaxies as frontiers for 
observations and simulations

34

JWST

TMT

ObservationsSimulations

XC50@NAOJ

Simulations of first galaxy formation can be 
directly tested by observations in the JWST era

Fugaku@RIKEN

Subaru

KS+ 20,23

First
Stars

KS+ 24

First
galaxies

ALMA



“Bottom-up” simulations of first galaxies

First stars

Pop II clusters

Large-scale
structures

8 K. Sugimura and M. Ricotti

the I-front is almost fully ionized, i.e., xHI ⌧ 1 and xHII =

xe ⇡ 1, where xHI, xHII, and xe are the hydrogen neutral
fraction, ionized fraction, and the electron fraction, respec-
tively. The gas is roughly in photo-ionization equilibrium:
kion nH xHI = ↵B n

2

H
xHIIxe ⇡ ↵B n

2

H
, where kion is the hydro-

gen photo-ionization rate. Thus, the photo-ionization heat-
ing rate per unit volume is � = �E kion nH xHI ⇡ �E ↵B n

2

H
,

where �E = hh⌫iion � 13.6 eV is the mean energy deposited
into the gas per photo-ionization. The Ly↵ cooling rate can
be written as ⇤ = ⇤̃Ly↵ n

2

H
xe xHI ⇡ ⇤̃Ly↵ n

2

H
xHI with a T-

dependent coe�cient ⇤̃Ly↵. As ↵B and ⇤̃Ly↵ are decreasing
and increasing functions of T , respectively, the equilibrium
temperature (i.e., � = ⇤) is higher if the neutral fraction
behind the I-front, xHI, is lower.

In ionization equilibrium, xHI is inversely proportional
to the ionization parameter, ⇠ ⌘ Fion/nII, where Fion is the
flux of ionizing radiation. Since the absorption of the ionizing
photons inside the HII region is insignificant except for the
extreme vicinity of the I-front, we assume optically thin flux
in our estimate. Then, approximating the size of I-front with
the Strömgren radius rStrm (Eq. 13), we obtain ⇠ slightly
inside the I-front as

⇠ =
L

4⇡ r
2

Strm
nII

/ L
1

3 n

1

3

II
, (27)

where we ignore the TII dependence in the last expression.
From Eqs. (8), and (11)-(12), the analytical model predicts
that L is proportional to M

3

BH
n

2
1 in the RIAF regime. There-

fore, from Eq. (27), the dependence of ⇠ on MBH and n1 is

x
�1

HI
/ ⇠ / MBH n1 . (28)

This explains why the temperature rise inside the HII region
is steeper in the runs with larger n1 for fixed MBH, as well as
why we obtain the same temperature profiles in runs having
the same n1 MBH.

4.2 Region II: unstable D-type flows

As we increase v1, the dense shell in the D-type flow be-
comes unstable. As a reference case for the unstable D-type
flow in the Region II of Fig. 1, we perform the run with
n1 = 10

5
cm

�3, MBH = 10
2

M�, T1 = 10
4

K, and v1/c1 = 4.
We show a snapshot of the flow structure after the instability
is fully developed and saturated in Fig. 6. We also provide
a corresponding 3D view in Fig. 7. The shell is destroyed by
the eruptive expansions of the I-front launched from various
places, with dense clumps forming in the gaps of the I-front.

The instability in this range of v1 was seen in the pre-
vious 2D simulations of PR13. However, the way the insta-
bility grows is significantly di↵erent in 2D versus 3D sim-
ulations (see Fig.8 of PR13), as we have also confirmed by
performing 2D comparative runs. Although the structures
due to the instability are seen in various directions in 3D,
they tend to converge to the axis of BH motion in 2D due
to the assumed axisymmetry, making the structures more
ordered and stronger in 2D than in 3D. Furthermore, we
observe that the instability can be artificially seeded near
the axis in 2D due to the singularity of the spherical coor-
dinates.

The instability can be understood as the instability of a
thin shell between the D-type I-front and the shock, studied

nH [cm-3]

v [km/s]

densityxH=0.90.1

10000 au

Figure 6. The same as Fig. 3 but for the run with n1 = 10
5

cm
�3,

MBH = 10
2 M�, T1 = 10

4
K, and v1/c1 = 4 at a time after the

instability is fully developed and saturated.

Figure 7. A 3D view of the flow structure corresponding to the
2D slice snapshot in Fig. 6. We illustrate the I-front (yellow), to-
gether with the density (green and red) and velocity (streamlines)
fields. The green and red contours correspond to nH = 5⇥ 10

5 and
10

6
cm

�3, respectively.

in previous literature. This instability was found analyti-
cally using linear analysis by Giuliani (1979) and confirmed
in 2D (Garcia-Segura & Franco 1996) and 3D (Whalen &
Norman 2008a,b) simulations of an expanding D-type I-
fronts around massive stars. As mentioned in Garcia-Segura
& Franco (1996), this instability is caused by a mechanism
similar to that of the thin-shell instability of an expanding
hot bubble in a cold ambient gas found by Vishniac (1983).
In both cases, the thermal pressure of inner hot gas and the
ram pressure of external cold gas balanced each other in the
unperturbed state, but a force imbalance is introduced in
the presence of shell distortions because the force from the
thermal pressure is orthogonal to the surface but the ram-
pressure force is parallel to the flow, enhancing the front
distortion. Using linear perturbation analysis, under the as-

MNRAS 000, 1–13 (2020)

(Supermassive) BHs
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Figure 2. 3D volume rendering of the density field, together with the ionization fronts (green surface) where the ionization degree is 0.8, for the same case as
in Fig. 1 with (Mcl, Rcl, Z) = (105 M⊙, 20 pc, 1 Z⊙). Each panel shows the snapshot at the same epochs as in Fig. 1. The white dots in the panel (4) represent
the positions of the star cluster particles. The box size is 40 pc on a side.

collapse in a self-similar fashion (Larson 1969) in the early stages
because the turbulent motion cannot support the collapsing clouds
with α = 0.5. When the star formation takes place, the density
structure resembles the power-law profile with the high-density core
at the centre as in the initial set-up of He et al. (2019). Besides, they
adopted very similar strength of turbulent motions to our simulations
(α = 0.4) and magnetic fields weaker than the turbulence. Therefore,
the small difference in the SFEs might be attributable to the similar
virial parameter α.

3.1.2 Low-metallicity model with Z = 10−2 Z⊙

Next, we consider the low-metallicity case (M5R20Z-2 in Table 1)
with Z = 10−2 Z⊙ to examine the metallicity dependence of the
evolution. Figs 4 and 5 illustrate the evolution for this case in the
same styles as in Figs 1 and 2, respectively. In the early epoch,
the turbulent motion gives the dominant contribution. The overall
evolution looks similar to that in the fiducial case with Z = 1 Z⊙
until the first star particle forms at 4.0 Myr (Figs 4-1, 5-1), even
though the metal cooling is inefficient. Once star formation occurs,
H II regions start to expand into low-density regions at 4.7 Myr (Figs
4-2, 5-2). Unlike the case with Z = 1 Z⊙, dense filaments are easily
photoionized, and they cannot survive around the H II region. The
neutral gas is pushed out all at once, and star formation is completely
quenched at 5.4 Myr (Figs 4-3, 5-3). Finally, the H II regions spread
over the entire cloud and complete the photoevaporation of the gas
inside the cloud at 5.7 Myr (Figs 4-4, 5-4).

Only small amounts of H2 and CO molecules form along the
filaments in the early phase of the cloud collapse, but the stellar
FUV photons easily dissociate them. As shown in Fig. 4, H2 and CO
molecules completely disappear after one free-fall time unlike for
the cloud with Z = 1 Z⊙ (see Fig. 4-2). The cloud becomes dark in
CO lines soon after the star formation begins.

In the bottom panel of Fig. 3, we show the time evolution of
the mass in each component for the case with Z = 10−2 Z⊙. We
see that the H2 mass is much lower than that for the case with
Z = 1 Z⊙ throughout the evolution. Since H2 formation on the dust
grains is inefficient due to lower metallicity (and hence lower dust
abundance), most of the gas remains atomic from the beginning of
the simulation. In this case, the star cluster formation occurs in an
almost atomic cloud rather than in a molecular cloud (Krumholz
2012). Meanwhile, the ionized gas mass increases until the ionized
gas is finally evaporated from the cloud. The star formation stops at
5 Myr, with the duration of star formation ∼1 Myr, much shorter than
in the case with Z = 1 Z⊙. The SFE is 5 per cent and smaller than that
for Z = 1 Z⊙ by a factor of ∼3. He et al. (2019) also performed one
simulation run assuming Z = 1/40 Z⊙, and they obtained a similar
reduction rate of the SFE.

3.1.3 Radiation pressure on dust grains

In Sections 3.1.1 and 3.1.2, we have seen that the expansion of
H II regions quenches star formation, while the radiation pressure
on dust grains also affects the gas motion. Here, we investigate the

MNRAS 497, 3830–3845 (2020)
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knowledge on small-scale processes
(not phenomenological models)

well-established ICs and evolution Eqs
(galaxy formation simulations)

First galaxy

Reveal the first galaxy formation by combining simulations that solve 
the large-scale physical law and knowledge on small-scale processes

<pc-scale kpc-scale >Mpc-scale

POP II IMFの理解の統合 → 石田さんトーク

POP IIIの星質量の理解を初代銀河形成シミュレーションに統合



Pop III star formation site
in a first galaxy simulation
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Test run with the new Pop III model
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The new run follows a different history due to higher Pop III mass

previous model (Mtot=120Msun) new model (Mdot-dep Mtot)



For instance, second Pop III 
formation proceeds differently

38

previous model (Mtot=120Msun) new model (Mdot-dep Mtot)

first Pop III

second Pop III

first Pop III/BH

second Pop III

→ 松田さんトークPop III フィードバックの星質量依存性

初代星形成を始めとする小スケール研究の成果を統合すること
で、

初代銀河形成の真の姿に迫ることを目指す！！



CONCLUSIONS
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Conclusions: studies of first stars
Big goal

• diversity in Pop III forming environment

• long-term evolution with small-scale fragmentation/merger

• protostar-scale dynamics with radiative transfer

• origin, amplification and role of B-field

• first-galaxy studies based on first-star understanding

• determining the properties of the first stars from the first principle

Current understanding

Future topics

• First stars form via H2 cooling in minihalos at 10 ≲ z ≲ 30

• B-field is amplified with turbulence during cloud collapse

• Multiple protostars are seeded by gas fragmentation

• First stars form as massive multiple-star systems


